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Abstract

The stellar atmospheres and winds from the Sun to M dwarfs are highly magnetized. Alfvén waves are

responsible for the transfer of magnetic energy in such magnetized plasma. They are involved in heating

stellar atmosphere and driving stellar wind through various nonlinear processes. Along this Alfvén wave

scenario, we carried out the one-dimensional compressive magnetohydrodynamic (MHD) simulations for the

solar atmosphere and wind, and subsequently, M-dwarfs’ atmospheres and winds. To investigate the physical

mechanisms for heating the stellar atmosphere and driving the stellar wind, the nonlinear propagation of

Alfvén wave is calculated from the stellar photosphere, chromosphere to the corona and interplanetary space.

In Chapter 2 of this thesis, we present the simulation results of solar atmosphere and wind, and discuss the

energy transfer by nonlinear Alfvén waves in the solar chromosphere. It is found that when the nonlinearity

of Alfvén waves in the chromosphere exceeds a critical value, the dynamics of the solar chromosphere (e.g.,

spicule) and the mass-loss rate of solar wind tend to be independent of the energy input from the photosphere.

In Chapter 3, we extend our study to the M-dwarfs’ atmospheres and winds, and discuss the similarities and

differences among the simulated solar and M-dwarfs’ atmospheres and winds. In particular, we found that M-

dwarfs’ coronae tend to be cooler than solar corona, and that M-dwarfs’ stellar winds would be characterized

with faster velocity and much smaller mass-loss rate compared to those of the solar wind. By developing the

semi-empirical method describing the solar and M-dwarf’s coronal temperature, stellar wind velocity, and

wind’s mass-loss rate, the physical mechanisms for these results are discussed.
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Chapter 1

General Introduction

1.1 Overview of Solar/M-dwarf’s Atmospheres and Winds

1.1.1 Solar Chromosphere, Corona, and Wind

The outer atmosphere of the Sun is clearly visible at the total eclipse. In Figure 1.1, the corona refers to

the pearly-white halo around the Sun, and the chromosphere corresponds to the thin, crimson-colored ring

seen as the solar limb. Because the overall shape of the corona reflects the magnetic field configuration, it

varies with the solar cycle (11 year quasi-periodicity in the sunspot number). The corona at the maximum

phase of the solar cycle is close to spherical symmetry and bright features called streamers radially extend

(Figure 1.1), while, during the minimum phase, the fine rays called polar plumes are apparent near the poles

(Figure 1.2). These observations evidently indicate that the solar atmosphere is highly magnetized. That

means the magnetic energy in the solar corona is much abundant compared to the thermal and kinetic energy

of the atmosphere so that the large-scale structure of corona is governed by the magnetic field configuration,

as seen in Figures 1.1 and 1.2.

The spectroscopic observations further revealed the diverse nature of the physical quantities of coronal

and chromospheric plasma (Figure 1.3). The solar corona is filled with the tenuous (≲ 109 cm−3), hot (≈ 106

K), fully-ionized plasma (Edlén, 1943; Woolley and Allen, 1948; Miyamoto, 1949), which can be observed

especially in the soft X-ray band. In particular, the open and closed magnetic field structures in the solar

corona are well distinguished in the soft X-ray image (Figure 1.4(a)). The soft X-ray flux (FSXR) from the

closed field region in the vicinity of the sunspot (active region) reaches 6 × 105 erg cm−2 s−1, while FSXR

from the open field region (coronal hole) is about 3× 103 erg cm−2 s−1 (Vaiana et al., 1976; Schrijver et al.,

1985; Schrijver and Zwaan, 2000). The coronal hole is identified as the origin of the fast solar wind, which

is characterized with the flow speed of 450− 800 km s−1 and relatively lower density of 2− 4 cm−3 at 1 AU

(Cranmer et al., 2017). The slow solar wind, on the other hand, shows the flow velocity of 250− 450 km s−1

and higher density of 5− 20 cm−3 at 1 AU, and the origin of it is thought to be around the active region or

coronal hole boundaries.

The chromospheric plasma is, on the other hand, dense (≳ 1011 cm−3), cool (≲ 104 K), and partially-

ionized (Vernazza et al., 1981; Fontenla et al., 2011). The temperature gradually increases with height in

the chromosphere, and drastically rises up to the coronal temperature at the transition region (Figure 1.3).

Many strong emission lines in optical range, such as Hα (6563 Å), Ca ii H & K (3968 Å and 3934 Å), Mg ii

h & k (2803Å and 2796Å), are formed in this layer (Figure 1.4(b) and Figure 1.5), and contribute to the

strong radiative cooling of the chromosphere which is estimated to be around a few ×106 erg cm−2 s−1 (Bray
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1.1. OVERVIEW OF SOLAR/M-DWARF’S ATMOSPHERES AND WINDS

and Loughhead, 1974). These chromospheric lines have been analyzed to investigate the dynamics of the

chromospheric plasma. In particular, there are numerous observational studies focusing on the small jets

called spicules (cf., reviews by Beckers, 1972; Sterling, 2000; Tsiropoula et al., 2012). The spicule refers to

the frequent eruptions of the chromospheric material toward the corona (Figure 1.6(a)), and ubiquitously

distributed around the periphery of the large-scale convection cells, especially in the quiet region and coronal

hole (Figure 1.6(b)). The ascending speed of spicules ranges from 15 to 40 km s−1, and the maximum height

is around 4 − 10 Mm (Pereira et al., 2012; Zhang et al., 2012). It is well known that the spicule in coronal

hole tends to be taller and faster than those in the quiet region (Lippincott, 1957; Shibata and Suematsu,

1982; Johannesson and Zirin, 1996).

The above-mentioned properties of the solar corona and chromosphere indicate that both radiative and

hydrostatic equilibriums are violated in the solar chromosphere and corona (Jefferies and Morrison, 1973;

Athay, 1976; Linsky, 1980). Instead, in order to understand the thermal and kinetic natures of the solar

atmosphere, it is fundamentally important to clarify the nonradiative heating mechanisms of the atmosphere

and the driving mechanisms of the spicule. One of the major observational constraints on this issue is the

inhomogeneity of the radiation from the solar chromosphere and corona. As seen in Figure 1.4, although the

coronal hole in soft X-ray image cannot be distinguished from the quiet region in Hα (and most chromospheric

lines) (Munro and Withbroe, 1972; Wiegelmann and Solanki, 2004), the brightest features in soft X-ray

image coincide with those in Hα. This suggests that the magnetic field configuration has a great influence

on the radiative energy loss from the coronal and chromospheric plasma (Harvey and White, 1999; Pevtsov

et al., 2003; Pevtsov et al., 2016), and that the magnetic energy is involved in the nonradiative heating

mechanisms of the solar atmosphere. From this point of view, Withbroe and Noyes (1977) presented Table

1.1 as a summary of the chromospheric and coronal energy losses with respect to the different magnetic field

configurations (quiet region, coronal hole, and active region). It should be noted that, as seen in Table 1.1,

the coronal energy loss is dominated by the conduction flux down to the transition region, rather than by

the radiative flux. In other words, the cooling time scale due to the Spitzer-Härm heat conductivity (Spitzer

and Härm, 1953) (tcond) is relatively shorter than that due to the optically thin radiative cooling (trad). The

following equations are written in Tajima and Shibata (1997).

tcond = 4× 102 s

(
L

109 cm

)2 ( n

109 cm−3

)( T

106 K

)−5/2

, (1.1)

trad = 4× 103 s
( n

109 cm−3

)−1
(

T

106 K

)2

, (1.2)

where L is the typical length scale of the coronal closed loop, and n and T is the typical number density and

temperature of the coronal plasma. It should be also noted that these cooling time scales are much shorter

than the magnetic diffusion time scale due to the Ohmic resistivity (td), where

td = 1014 s

(
L

109 cm

)2(
T

106 K

)3/2

. (1.3)

This means the Ohmic dissipation of the coronal magnetic field cannot account for the coronal (and chromo-

spheric) heating problems unless the dissipation is extremely localized.

1.1.2 M-dwarf’s Chromosphere, Corona, and Wind

The presence of stellar chromospheres and coronae is evidently shown by the spectroscopic observations. The

chromospheres are characterized with the various optical lines, such as H i Balmer series and Ca ii H & K,

2



General Introduction

Figure 1.1: The total solar eclipse around the maximum phase of solar cycle, observed from Gabon (3

November 2013). The composite was made from original images by Jay M. Pasachoff, Allen B. Davis, and

Vojtech Rusin with computer analysis by Miloslav Druckmuüller, according to Pasachoff (2017). c⃝2013

Constantinos Emmanoulidis, c⃝2014 Miloslav Druckmüller. Available from http://www.zam.fme.vutbr.

cz/~druck/eclipse/Ecl2013g/TSE_2013_ed/0-info.htm.

Figure 1.2: The total solar eclipse around the minimum phase of solar cycle, observed from Chile (2 July

2019). c⃝2019 Miloslav Druckmüller, Peter Aniol. Available from http://www.zam.fme.vutbr.cz/~druck/

eclipse/Ecl2019ch/Tres_Cruses/TC_347mm/00-info.htm.
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1.1. OVERVIEW OF SOLAR/M-DWARF’S ATMOSPHERES AND WINDS

Figure 1.3: The vertical profiles of electron temperature (Te), number densities of electrons (Ne) and neutral

hydrogen atoms (NH) in the solar atmosphere. Adapted from Phillips et al. (2008) who referred to Vernazza

et al. (1981), Fontenla et al. (1988) and Gabriel (1976).

Figure 1.4: (a) The solar corona in the soft X-ray band observed by the X-Ray Telescope (XRT) (Ti-poly

filter) on Hinode, on 19 July 2013. The examples of active region, quiet region and coronal hole are indicated

by the white arrows. (b) The solar chromosphere in Hα line (6563Å) observed by the Solar Magnetic Activity

Research Telescope (SMART) of Hida Observatory (Kyoto University) on the same day.
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Figure 1.5: The approximate formation heights of the solar chromospheric lines and continua, with the

vertical profile of temperature. Reproduced from Vernazza et al. (1981).

Figure 1.6: (a) Spicules as seen through the BFI Ca ii H filter on board Hinode/SOT. The image was taken on

2006 November 21 near an active region on the east limb. Note that 4” in this panel is equal to 2.9×103 km.

c⃝The Author(s) 2019. Published by Oxford University Press on behalf of the Astronomical Society of Japan.

This is an Open Access article distributed under the terms of the Creative Commons Attribution License

(http://creativecommons.org/licenses/by/4.0/), which permits unrestricted reuse, distribution, and

reproduction in any medium, provided the original work is properly cited. (b) The distribution of spicule on

the solar disk in the slitjaw image of Hα −0.65 Å taken by the Domeless Solar Telescope of Hida Observatory

(Kyoto University) on 2018 July 20.
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Table 1.1: Chromospheric and coronal energy losses (Adapted from Withbroe and Noyes, 1977)

Parameter Quiet region Coronal hole Active region

Transition layer pressure (dyn cm−2) 2× 10−1 7× 10−2 2

Coronal temperature (K, at r ≈ 1.1R⊙) 1.1− 1.6× 106 106 2.5× 106

Coronal energy losses (erg cm−2 s−1)

Conduction flux Fc 2× 105 6× 104 105 to 107

Radiative flux Fr 105 104 5× 106

Solar wind flux Fw ≲ 5× 104 7× 105 (< 105)

Total coronal loss Fc + Fr + Fw 3× 105 8× 105 107

Chromospheric radiative losses

(erg cm−2 s−1)

Low chromosphere 2× 106 2× 106 ≲ 107

Middle chromosphere 2× 106 2× 106 107

Upper chromosphere 3× 105 3× 105 2× 106

Total chromospheric loss 4× 106 4× 106 2× 107

Solar wind mass loss (g cm−2 s−1) ≲ 2× 10−11 2× 10−10 (< 4× 10−11)

and the continua at the ultraviolet, infrared and radio wavelengths, while the coronae are observable in the

(extreme-)ultraviolet and X-ray radiations. These emissions indicate that the atmospheric structure departs

from the radiative equilibrium, and that some nonradiative heating mechanisms are required to meet the

energy balance in the stellar atmosphere against the strong radiative cooling.

In order to infer the physical mechanisms leading to the formation of stellar chromospheres and coronae,

the distribution of stars with these hot atmospheres in the Hertzsprung-Russell diagram (HR diagram) has

been discussed. Linsky (1980) noted that Ca ii H & K emission is occasionally seen in F stars, is usually seen in

G stars, and is essentially ubiquitous in K and M stars, on the basis of the bibliography compiled by Bidelman

(1954), while Ulmschneider (1979) concluded that all non degenerate type stars have chromospheres except

possibly the A stars, according to his definition of stellar chromospheres. The chromospheric ultraviolet

emission can be detected for spectral types F and later (Böhm-Vitense and Dettmann, 1980; Wolff et al.,

1986). As for the stellar coronae, the X-ray observations revealed that the coronal emission is common

phenomena among nearly every type of star, except for the cooler giants and subgiants (Linsky and Haisch,

1979; Vaiana et al., 1981; Helfand and Caillault, 1982; Hünsch and Schroeder, 1996; Hünsch et al., 1998).

These statistical studies suggest that the chromospheres and coronae of main-sequence stars with spectral

types later than F are causally related to their convective envelope and the dynamo processes in this layer

(Wilson, 1966a; Wilson, 1966b; Ayres et al., 1981; Pallavicini et al., 1981). Because the differential rotation

in the convective envelope is the essential process for the generation of large-scale magnetic field by solar-

like dynamo (Parker, 1955; Dikpati and Charbonneau, 1999), the relation between large-scale magnetic field

and enhancement of chromospheric or coronal radiations, which is confirmed by the solar observations (see

Section 1.1.1), is generally expected to be applicable to the main-sequence stars with spectral types later

than F. These stars also show the time-dependent chromospheric and coronal activities in wide time scale

range, similarly to the Sun, e.g., stellar flares (Kodaira et al., 1976; Audard et al., 2000; Maehara et al., 2012;

Shibayama et al., 2013), surface inhomogeneity inferred from the rotational modulation (Vaughan et al.,

1981; Baliunas et al., 1983; Namekata et al., 2019), and long-term activity cycle (Wilson, 1978; Duncan

et al., 1991; Baliunas et al., 1995).
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As implied above, the stellar chromospheric and coronal radiations are correlated with the stellar rotation

through the dynamo action to generate the stellar magnetic field. Schatzman (1962) and Weber and Davis

(1967) further pointed out that the stellar rotation could be decelerated as a result of angular momentum loss

by the magnetized stellar wind (i.e. magnetic braking). These scenarios have been extensively examined by

numerous observational studies, in terms of the stellar activity-rotation relations. Kraft (1967) investigated

the Ca ii emissions of F2 IV, V and G3 IV, V stars, and showed that the average rotational velocity of stars

with active chromospheres is higher than that with inactive chromospheres. Noyes et al. (1984) confirmed the

negative correlation between the rotation periods and the Ca ii emissions among F, G, K stars. Similarly, there

are many studies investigating the relationships between the rotation and various activity indicators, including

the ultraviolet lines (Simon et al., 1985; Rutten, 1987; Rutten and Schrijver, 1987; Youngblood et al., 2017),

extreme ultraviolet (Mathioudakis et al., 1995; Kellett and Tsikoudi, 1997), X-ray (Pallavicini et al., 1981;

Maggio et al., 1987; Pizzolato et al., 2003; Wright et al., 2011), and radio emissions (Stewart et al., 1988; Slee

and Stewart, 1989). Note that such a diversity of activity indicators is naturally expected because of the tight

correlations among the chromospheric and coronal emissions (Schrijver, 1987; Mart́ınez-Arnáiz et al., 2011).

Skumanich (1972) showed the power-law decay of both Ca ii emission and rotational velocity with time, by

comparing Pleiades, Ura Major, Hyades stars and the Sun. This activity-age relation for solar-type stars

was further developed by Ayres (1997), Ribas et al. (2005), Mamajek and Hillenbrand (2008) (Figure 1.7).

Finally, it should be noted that, as an indicator of the stellar rotation, Rossby number (Ro) is sometimes

used in these studies. Rossby number is a nondimensional parameter defined as Prot/τc, where Prot and τc

are the rotation period and convective turnover time (Gilman, 1980; Kim and Demarque, 1996), respectively.

Wright et al. (2011) presented an empirical formula: log(τc/day) = 1.16−1.49 log(M/M⊙)−0.54[log(M/M⊙)]
2

(0.09 < M/M⊙ < 1.36), which is a monotonic increase function of stellar mass (M). Noyes et al. (1984)

proposed that the Ca ii emissions could be better correlated with the Rossby number rather than the rotation

period. On the other hand, the definition of convective turnover time and the applicability of Rossby number

in activity-rotation relation are still under debate (Stepien, 1994; Reiners et al., 2014; Suárez Mascareño

et al., 2016). Figures 1.8 and 1.9 show the activity-rotation relations in X-ray (Wright et al., 2011) and

in Ca ii emissions (Suárez Mascareño et al., 2016). The right panel of Figure 1.8 shows that, for the stars

with the rotation period longer than ∼ 0.1τc, the X-ray to bolometric luminosity ratio (RX) declines with

increasing Rossby number (Ro) while for the rapidly rotating stars (Prot ≲ 0.1τc), Rx appears to saturate.

Among the above-mentioned stars with chromospheres and coronae, we particularly focus on the M-type

main-sequence stars (M dwarfs) in this thesis.

M dwarfs are the tiniest and coolest stars on the main sequence in HR diagram. The schematic relation

between their masses and radii is plotted in Figure 1.10. The fundamental parameters are listed in Table

1.2. The cooler Teff and larger log10 g in Table 1.2 immediately indicate the strongly stratified M-dwarf’s

atmosphere. It is expected that the magnetic flux concentration on such a high-pressure photosphere of M

dwarf is characterized with much stronger field strength compared to the Sun (Saar, 1990; Reiners, 2012)1.

Actually, the magnetic field observed on the M dwarfs’ surfaces are quite strong especially in the case of

rapidly rotating stars (Reiners and Basri, 2007; Reiners et al., 2009). Figure 1.11 shows the activity-rotation

relation in the observed magnetic field strength (Shulyak et al., 2017, 2019). Kochukhov (2021) noted that

the 24 rapidly rotating M dwarfs with Ro ≤ 10−2 have the magnetic field strength ranging from 2.0 to 7.3

kG (4.3±1.5 kG on average), and that this group represents the most magnetized late-type stars currently

1It should be noted that, however, Rajaguru et al. (2002) and Beeck et al. (2015) suggested that convective collapse (Parker,

1978) on these cool dwarfs is inefficient to generate as strong field strengths as the equipartition field because of the lack of

superadiabaticity in the upper convection zone layers.
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Figure 1.7: left panel: Mean logR′
HK cluster values (interpolated to solar B − V ) vs cluster age, where

R′
HK is defined as the ratio of the emission from the chromosphere in the cores of the Ca ii H & K lines

to the total bolometric emission of the star (Noyes et al., 1984). Adapted from Mamajek and Hillenbrand

(2008). The filled triangles are cluster mean logR′
HK values, including those of USco (5 Myr), β Pic (12

Myr), UCL+LCL (16 Myr), Tuc-Hor (30 Myr), α Per (85 Myr), Pleiades (130 Myr), UMa (500 Myr),

Hyades (625 Myr), and M67 (4 Gyr). The open triangles are ancillary cluster mean logR′
HK values, including

those of M34 (200 Myr), Coma Ber (600 Myr), NGC 752 (2 Gyr), M67 (4 Gyr), NGC 188 (6.9 Gyr).

The open square is the mean datum for the 5−15 Gyr old solar-type dwarfs from Valenti and Fischer

(2005). The filled circle is the Sun. Previously published activity-age relations are plotted as dotted and/or

dashed lines. The thick fitted line represents log τ = −38.053 − 17.912 logR′
HK − 1.6675(logR′

HK)
2, or

logR′
HK = 8.94 − 4.849 log τ + 0.624(log τ)2 − 0.028(log τ)3. In particular, R′

HK ∝ τ−0.63 around τ = 4.56

Gyr. right panel: Stellar age vs extreme ultraviolet fluxes for different stages of the evolution of solar-type

stars: EK Dra (0.10 Gyr), π1 UMa+χ1 Ori (0.30 Gyr), κ1 Cet (0.65 Gyr), β Com (1.6 Gyr), Sun (4.56 Gyr),

and β Hyi (6.7 Gyr). Adapted from Ribas et al. (2005). The filled symbols are the observed fluxes of different

wavelength bands. The open symbols are the estimated fluxes based on the assumptions of power-law decay.
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Figure 1.8: left panel: X-ray to bolometric luminosity ratio (RX) vs rotation period (Prot). right panel: RX

vs Rossby number (Ro). The sample plotted here consists of 824 solar and late-type stars (0.1 ≲ M/M⊙ ≲ 5).

The plus symbols represent the stars known to be binaries. The dashed red line in the right panel represent

RX ∝ Ro−2.18±0.16 for Ro ≥ Rosat = 0.13 ± 0.02 and RX = 10−3.13±0.08 for Ro ≤ Rosat. Adapted from

Wright et al. (2011).

Figure 1.9: left panel: Chromospheric activity level logR′
HK vs rotation period. right panel: logR′

HK vs

Rossby number. Adapted from Suárez Mascareño et al. (2016). Filled symbols show the stars analyzed in

Suárez Mascareño et al. (2016), while others represent those in the other literatures (see Suárez Mascareño

et al., 2016). The dashed line shows the best fit to the data, leaving out the F-type stars.
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1.1. OVERVIEW OF SOLAR/M-DWARF’S ATMOSPHERES AND WINDS

Figure 1.10: Radius versus mass for cold brown dwarfs, M dwarfs, white dwarfs, and neutron stars, demon-

strates that the radii of low-mass brown dwarfs plateau over a broad range of masses. The cold brown dwarfs

are at the hydrogen-rich (high Z/A) low-mass end of the white dwarf family. The positions of the Sun and

Jupiter are clearly marked. Reproduced from Burrows and Liebert (1993).

known. The large-scale structures of M dwarfs’ magnetic field have been also investigated (Donati et al.,

2008; Morin et al., 2008; Morin et al., 2010). These studies are believed to contribute to the understanding

the difference in the dynamo processes between the partly- and fully-convective dwarfs.

The study on M-dwarf’s magnetic activities is motivated by the following scientific interests.

The first interest is in whether physical mechanisms for the M-dwarf’s and solar magnetic activities can

be understood in a unified way.

The magnetic activities of M dwarfs and the earlier dwarfs have been compared especially by investigating

their activity-rotation relations. In particular, the X-ray observations suggest that the coronal emissions from

M dwarfs could be related to their rotation by the same activity-rotation relation as that observed in F, G,

K dwarfs (Pizzolato et al., 2003; Wright et al., 2011; Wright and Drake, 2016; Wright et al., 2018). Wright

et al. (2018) suggested the two possibilities. (i) The activity-rotation relation does not change depending on

any types of dynamo, or (ii) both fully-convective and partly-convective stars operate very similar dynamos

that rely on the interaction of rotation and turbulent convection. The M-dwarf’s activity-rotation relations

have been also investigated for the chromospheric lines, including Hα (Delfosse et al., 1998; Mohanty and

Basri, 2003; Reiners et al., 2012; West et al., 2015; Newton et al., 2017) and Ca ii H & K (Browning et al.,

2010; Suárez Mascareño et al., 2016; Astudillo-Defru et al., 2017). However, it is not true that any activity

indicators of M dwarfs can be related to the rotation in the same manner as the earlier dwarfs. Astudillo-

Defru et al. (2017) and Suárez Mascareño et al. (2018) concluded that the activity-rotation relation in Ca ii

H & K (logR′
HK) of M0-M6 dwarfs clearly shows the saturation regime for rapidly rotating stars (Prot < 10d)

similarly to the activity-rotation relation in X-ray. On the other hand, this result implies that the activity-

rotation relation in logR′
HK of M0-M6 dwarfs does not match that of the earlier dwarfs. Actually, Mamajek

and Hillenbrand (2008) showed that logR′
HK of F7-K2 dwarfs is very strongly anticorrelated with Rossby

number rather than saturated, and argued that the correlation between Ca ii emissions and X-ray is much
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Table 1.2: Fundamental properties of M dwarfs. (Adapted from Reid and Hawley, 2005)

Spectral Type Teff [K] R/R⊙ M/M⊙ L/(10−2L⊙) log10 g Prototype

M0 3,800 0.62 0.60 7.2 4.65 Gl 278C

M1 3,600 0.49 0.49 3.5 4.75 Gl 229A

M2 3,400 0.44 0.44 2.3 4.8 Gl 411

M3 3,250 0.39 0.36 1.5 4.8 Gl 725A

M4 3,100 0.36 0.20 0.55 4.9 Gl 699

M5 2,800 0.20 0.14 0.22 5.0 Gl 866AB

M6 2,600 0.15 0.10 0.09 5.1 Gl 406

M7 2,500 0.12 ∼0.09 0.05 5.2 Gl 644C (VB 8)

M8 2,400 0.11 ∼0.08 0.03 5.2 Gl 752B (VB 10)

M9 2,300 0.08 ∼0.075 0.015 5.4 LHS 2924

Figure 1.11: Average magnetic fields as a function of rotation period. Adapted from Shulyak et al. (2019).

Measurements in stars with known dipole and multipole states are shown as solid upward- and downward-

pointing triangles, respectively. Stars with unknown dynamo states are shown as solid blue circles. The

measurements by Shulyak et al. (2019) are shown with blue color and the literature values are shown with

the red one. The symbol size scales with stellar mass. The horizontal dashed line marks the 4 kG threshold

of saturated magnetic field originally suggested by Reiners et al. (2009).
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poor for the rapidly rotating stars. Suárez Mascareño et al. (2016) also pointed out that F and M stars do

not follow the same exact relation as that of solar-type stars (see right panel of Figure 1.9).

The diverse nature of activity-rotation relations among M dwarfs and the earlier dwarfs is also expected

from the deviations of flux-flux relations. Oranje (1986), Schrijver and Rutten (1987) and Rutten et al. (1989)

reported that the flux-flux relations among the chromospheric and coronal emissions differ between M dwarfs

and the earlier dwarfs. Linsky et al. (2020) pointed out that, at the same X-ray flux level (normalized to a

distance of 1 AU), the more active M3–M7.5 stars show Lyα emission a factor of 4 smaller than corresponding

F–K stars, and for the least active late-M stars, the Lyα emission is a factor of 10 lower.

The activity-rotation relation and flux-flux relation are more complicated in the dwarf stars later than

M6. McLean et al. (2012) examined the activity-rotation relations in radio, X-ray and Hα at spectral type

later than M7, and reported none of them agree with those of the earlier dwarfs, respectively (Figure 1.12).

In these ultracool dwarfs, it is well known that the activity observed in Hα and X-ray rapidly decline (Gizis

et al., 2000; Mohanty and Basri, 2003; Fleming et al., 2003; Williams et al., 2014; Berger et al., 2010; Cook

et al., 2014). Figure 1.12 clearly shows that, unlike X-ray and Hα, the radio luminosity remains unchanged

as a function of rotation velocity and spectral type.

In order to understand the above observational results, the semi-empirical model atmosphere have been

developed to reproduce the observed spectra of chromospheric lines or continua (Cram and Mullan, 1979,

1985; Houdebine and Doyle, 1994; Mauas and Falchi, 1994; Houdebine and Stempels, 1997; Fontenla et al.,

2016; Peacock et al., 2019a, 2019b, 2020). However, because of the lack of knowledge about the physical

mechanisms for coronal and chromospheric heating, the origins of the diverse nature in the activity-rotation

relation and flux-flux relation remain unsolved.

The second interest is in the influence of M-dwarf’s magnetic activities on the interplanetary space and

exoplanets.

M dwarf’s magnetic activities have been particularly discussed with the focus on their impact on the

planetary atmosphere. The planets orbiting M dwarfs are favorable targets for the extrasolar habitable

worlds (Kasting et al., 1993; Kaltenegger and Traub, 2009; Seager, 2013; Kopparapu et al., 2017). Driscoll

and Barnes (2015) summarized the following reasons: (1) the habitable zone around M dwarfs is much closer

to the star, making an Earth-mass planet in the habitable zone an easier target, (2) low-mass M dwarfs are

more abundant in the nearby solar neighborhood, and (3) M dwarfs have longer main sequence times. On the

other hand, the strong magnetic activity of M dwarfs, such as stellar flares, could strongly affect the planets

in the habitable zone around M dwarfs (Scalo et al., 2007; Tarter et al., 2007; Segura et al., 2010). Their

upper atmospheres are exposed to the high energy radiation in ultraviolet to X-ray range from the stellar

atmosphere (Tian, 2009; Lammer et al., 2012; Tian and Ida, 2015; Owen and Mohanty, 2016) and affected

by the stellar wind (Vidotto et al., 2011; Vidotto et al., 2014; Cohen et al., 2014; Cohen et al., 2015; Garraffo

et al., 2016; Garraffo et al., 2017; Dong et al., 2017; Dong et al., 2018). The resultant mass loss from the

planet’s atmosphere would determine its evolution especially for lower-mass planets.

In particular, there are a few observational reports of M-dwarf’s stellar winds, which could directly and

continuously interact with the planetary atmosphere or magnetosphere. Wood et al. (2001, 2002, 2005a,b)

estimated Ṁ of several nearby stars, by detecting the absorption signatures in stellar Lyα spectra which

originates in the “neutral hydrogen wall” around the astrospheres. Although their analysis included four M

dwarfs (Proxima Centauri, AD Leo, EV Lac, AU Mic), the signature of astrosphere is detected only on EV

Lac, leading to the estimation of Ṁ ∼ 2 × 10−14 M⊙ yr−1. Note that they also suggested an upper limit

of Proxima Centauri’s Ṁ ∼ 4 × 10−15 M⊙ yr−1. Bourrier et al. (2016) and Vidotto and Bourrier (2017)

deduced Ṁ of GJ 436 (M2.5) around (0.45 − 2.5) × 10−15 M⊙ yr−1, by analyzing the transmission spectra
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Figure 1.12: Activity-rotation relations in radio, X-ray, and Hα, as a function of Rossby number. Adapted

from McLean et al. (2012). Right arrows indicate lower limits in Ro. Red symbols represent objects later

than M7, black symbols represent objects with spectral types M0–M6.5, and gray symbols represent spectral

types G–K.
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of Lyα of GJ 436 b (a warm Neptune). On the other hand, the estimation of stellar wind’s mass-loss rate by

Wood et al. relies on the assumption that the velocities of any stellar winds are around 400 km s−1 regardless

of the stars.

1.2 Alfvén Wave Scenario

1.2.1 Alfvén Wave for Heating Atmosphere

For the coronal and chromospheric heating problems, Biermann (1946) and Schwarzschild (1948) proposed

the acoustic wave heating mechanism, in which the upward-propagating acoustic wave is generated by the

turbulent convection on the stellar surface, and transport the wave energy until it is dissipated through

the steepening to shock in the stratified stellar atmosphere. Osterbrock (1961) generalized this idea by

considering the magnetohydrodynamic shocks. He also pointed out the possibility that the slow shocks in

the chromosphere could carry the chromospheric matter up into the corona when they reach the top of

chromosphere, as the plausible idea of the spicule formation.

Based on these pioneering works, the acoustic wave propagation in the solar and stellar chromosphere

has been widely investigated by the hydrodynamic simulations, in order to discuss the spicule formation

(Steinolfson et al., 1979; Suematsu et al., 1982; Shibata et al., 1982; Shibata and Suematsu, 1982) and the

stellar chromospheric heating (Mullan and Cheng, 1993, 1994; Cuntz et al., 1998, 1999; Buchholz et al., 1998;

Ulmschneider et al., 2001a, 2001b; Fawzy and Stȩpień, 2018).

The above chromospheric heating models, however, can be applied only to the nonmagnetic chromo-

spheric regions of the most magnetically inactive stars (Narain and Ulmschneider, 1990, 1996). That means

the activity-rotation relation is not attributed to the acoustic heating mechanism (Schrijver, 1995). The dif-

ficulties of acoustic wave heating model strongly suggest that it is essential to consider the energy transfer by

Alfvén wave, for the discussion about the magnetically active stellar chromosphere and corona. Alfvén wave

can play a significant role in carrying the magnetic energy in the magnetized plasma owing to its incompress-

ible nature. On the other hand, various physical mechanisms are suggested as the wave energy dissipation

processes of Alfvén wave. In the non-uniform background media like the stratified atmosphere, small-scale

structures that is favorable to the Ohmic or viscous dissipation are naturally induced by the propagation of

(linear) Alfvén wave through the phase-mixing (Heyvaerts and Priest, 1983; Shoda and Yokoyama, 2018),

turbulent cascade (Kraichnan, 1965; Hollweg, ; Velli et al., 1989; Sridhar and Goldreich, 1994; Goldreich and

Sridhar, 1995), or resonant absorption (Ionson, 1978; Ofman et al., 1994; Ofman and Davila, 1995; Antolin

et al., 2016). The propagating Alfvén wave energy is also reduced by the nonlinear mode coupling with

the compressible waves through the direct steepening (Hollweg, 1982; Suzuki, 2004) or parametric decay

instability (Goldstein, 1978; Derby, 1978; Terasawa et al., 1986; Shoda and Yokoyama, 2016). Despite of

these various dissipation processes, it is widely believed that Alfvén wave can be responsible for supplying

the magnetic energy steadily from the stellar surface to the chromosphere and corona, and depositing its

wave energy to the background plasma so that the thermal structure of the stellar atmosphere is maintained.

Based on this Alfvén wave scenario, therefore, numerous studies have addressed the coronal and chro-

mospheric heating problems especially by performing the magnetohydrodynamical (MHD) numerical simula-

tions (Hollweg et al., 1982; Moriyasu et al., 2004; Matsumoto and Shibata, 2010; Antolin and Shibata, 2010;

Washinoue and Suzuki, 2019; Wang and Yokoyama, 2020; Matsumoto, 2016; Matsumoto, 2018).
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1.2.2 Alfvén Wave for Driving Stellar Wind

Since Parker (1958) pointed out that it is not possible for the atmosphere of any star to be in complete

hydrostatic equilibrium out to large distances, the high-temperature solar and stellar coronae are believed to

be always associated with solar and stellar winds. To describe the hydrodynamic expansion of solar corona,

the following equations for mass and momentum conservations in the spherically symmetric coordinate system

are helpful:

d

dr
(ρur2) = 0, u

du

dr
= −1

ρ

dp

dr
− GM⊙

r2
. (1.4)

By defining the sound speed cs =
√
p/ρ as a function of r, the equation of motion is expressed as below:

du2

dr

(
1− c2s

u2

)
= −2r2

d

dr

(
c2s
r2

)
− 2GM⊙

r2
. (1.5)

Assuming that cs = uniform.2, Parker (1958) showed that, for a given temperature, there is a unique inner

boundary condition about u = u0(< cs) which eventually connects to the supersonic outflow in the distance,

i.e., the solar wind. To obtain such a transonic flow solution from Equation (1.5), however, it is inevitable

to specify the temperature distribution (or the profile of atmospheric heating rate) in the stellar corona and

wind. The coronal heating problem and stellar wind acceleration problem are tightly related to each other

in this sense.

Lamers and Cassinelli (1999) discussed more general expressions in the hydrodynamic regime, considering

the heat and momentum deposition in the stellar wind.

d

dr
(ρur2) = 0, u

du

dr
+

1

ρ

dp

dr
+

GM⋆

r2
= f, (1.6)

where f is the outward directed force per unit mass.

de

dr
= f + q, where e =

u2

2
+

a2s
γ − 1

− GM⋆

r
= e0 +

∫ r

r0

fdr +

∫ r

r0

qdr, (1.7)

where as =
√
γp/ρ is the adiabatic sound speed and q is the gradient of the heat addition per unit mass.

r0 and e0 are the radius and total energy at the inner boundary. By substituting a2s in Equation (1.7) into

Equation (1.6) and expressing the momentum equation in terms of the Mach number (Ms = u/as), one can

find that

M2
s − 1

M2
s

dM2
s

dr
= 2

(γ − 1)M2
s + 2

e+GM⋆/r

[
2

r

(
e+

GM⋆

r

)
+

γ + 1

2(γ − 1)

(
f − GM⋆

r2

)
− γM2

s + 1

2
q

]
. (1.8)

Based on the above, Lamers and Cassinelli (1999) summarized the general behavior of the transonic

solution as a response to the heat or momentum deposition. Namely, (a) adding f > 0 in the subsonic region

(M2
s − 1 < 0) leads to the decrease in dM2

s /dr of the subsonic part of the transonic solution, while the

temperature structure does not change. This requires the higher initial velocity (u0 = u(r0)), and results in

the increase in the mass-loss rate (Ṁ = ρ0u0r
2
0). (b) Adding heat (q > 0) in the subsonic region leads to

the increase in the stellar wind temperature and decrease in the outward pressure gradient. These result in

smaller radius of sonic point (rc ∼ GM⋆/(2a
2
s)) and increase in the density at that point (ρc). Consequently,

the mass-loss rate Ṁ ∼ ρcasr
2
c increases. On the other hand, Equation (1.8) shows the increase in dM2

s /dr by

heat deposition in the subsonic region, which indicates higher velocities in the subsonic region. (c) Adding

2To be exact, Parker (1958) assumed the isothermal atmosphere from r = a, which is the inner boundary, to “some radius”

r = b.
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momentum or energy in the supersonic region does not affect the mass-loss rate, but it results in higher

velocities in the supersonic region. These general discussions are consistent with the numerical experiments

by Leer and Holzer (1980).

Since the fluctuation of interplanetary magnetic field was reported by Neugebauer and Snyder (1962) and

Coleman et al. (1962), Parker (1965) suggested that Alfvén waves in the solar wind possibly do work on the

wind because of the centrifugal force 1
2ρ|δv

2|/r and the average additional pressure 1
2 |δB

2|/8π, where δv and

δB represent the velocity and magnetic fluctuations, respectively. The propagation of Alfvén wave in the

steady stellar wind is described by the transverse components of equation of motion and induction equation.

∂(rδv)

∂t
+ vr

∂(rδv)

∂r
− Br

4πρ

∂(rδB)

∂r
= 0, (1.9)

∂(rδB)

∂t
+

∂

∂r
{r(vrδB − δvBr)} = 0. (1.10)

Dewar (1970) and Jacques (1977) formulated this kind of acceleration as a reaction of waves on the

background medium. When the interaction between Alfvén waves and stellar wind is taken into account, the

outward directed force per unit mass (f) in Equation (1.6) can be expressed as

f = −dPA

dr
, (1.11)

where PA is called Alfvén wave pressure and expressed with Elsässer variables z± as follows:

PA =
1

2
(w+ + w−), w± =

ρz2±
4

, z± = δv ± δB√
4πρ

(1.12)

where w+ and w− represent the wave energy density transported to the anti-parallel and parallel direction of

the background magnetic field, respectively. The equations for wave energy transfer are written as follows:

∂

∂t

(w±

ω′

)
+

1

r2
∂

∂r

(
r2

w±

ω′ (u∓ VA)
)
= 0, (1.13)

where VA is the Alfvén speed, and ω′ = ωVA/(u∓VA) is the Doppler shifted frequency of Alfvén wave. These

equations originate in the transverse components of equation of motion and induction equation.

By extending this formulation, numerous theoretical studies have addressed the solar and stellar wind

modelings (Alazraki and Couturier, 1971; Heinemann and Olbert, 1980; Holzer et al., 1983; Cranmer and

van Ballegooijen, 2005; Cranmer et al., 2007). In these works, the right-hand side of Equation (1.13) is

usually set to a non-zero value. That means the phenomenological terms describing the wave reflection and

wave dissipation are introduced as the functions of the coupling terms (w+w−). More recently, the three-

dimensional (3D) global MHD modeling has been developed by implementing this approach (van der Holst

et al., 2014). Their Alfvén Wave Solar Model (AWSoM) is also used to investigate the solar and stellar wind

(Alvarado-Gómez et al., 2016, 2018), including the M-dwarf’s wind (Cohen et al., 2014; Garraffo et al., 2016,

2017; Dong et al., 2018; Alvarado-Gómez et al., 2020). These 3D modelings enable them to investigate the

global structure of stellar wind and magnetic field configuration because the difference between the closed field

and open field is naturally reproduced. However, this approach has the following three serious drawbacks.

First, because of their low spatial resolution, the velocity and magnetic field are inevitably divided into

the background and wave components in these modelings. This assumption is associated with the non-self-

consistent concepts about “wave pressure”, “wave dissipation rate”, “wave reflection rate” which need to be

implemented in the equation of motion and energy equation so that the interaction between the background
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and wave components is taken into consideration. Second, because only Alfvén wave is considered as the

wave component in these modelings, the stellar wind acceleration and heating by compressible wave are

totally neglected. Note that it has been revealed that the compressible wave excited by large-amplitude

Alfven wave plays a key role in accelerating the stellar wind (Chapter 3) and both reflection and dissipation

of Alfven wave (Shoda et al., 2019). Finally, their inner boundary is set to the so-called stellar “coronal

base” or “upper chromosphere” although the physical quantities at this height can be neither theoretically

nor observationally constrained. In particular, Alfvén wave energy flux on the inner boundary is not clearly

related to that excited by the convective motion on the photosphere. That means the origin of Alfvén wave

in these modelings is totally arbitrary.

From a different perspective, Suzuki and Inutsuka (2005, 2006) performed the time-dependent, compress-

ible, one-dimensional magnetohydrodynamics simulations of the solar wind along a single open flux tube. In

their simulation, the nonlinear propagation of Alfvén wave in the non-steady solar wind was fully resolved.

The similar approach is applied to the various stellar winds (Suzuki, 2007; Suzuki et al., 2013; Tanaka et al.,

2014, 2015; Yasuda et al., 2019; Suzuki, 2018; Shoda et al., 2020), and extended to the multi-dimensional

simulations (Matsumoto and Suzuki, 2012; Matsumoto and Suzuki, 2014; Shoda et al., 2019; Matsumoto,

2021). It should be noted that, however, the driving force of stellar wind has not been clarified in these

studies. Suzuki and Inutsuka (2006) concluded that the fast solar wind in their simulation is driven by the

wave pressure rather than by the thermal pressure. On the other hand, they also explained that, by referring

to Lamers and Cassinelli (1999), the energy and momentum inputs in the supersonic region gives higher wind

speed, while those in the subsonic region raises the mass flux of the wind by an increase of the density. These

arguments are inconsistent with each other. When the wind is accelerated by the wave pressure, f in the

right-hand side of Equation (1.8) implicitly depends on the velocity gradient of the wind. The discussion

based on Equation (1.8) is less helpful in such a case as noted by Lamers and Cassinelli (1999), because

the definition of the critical point deviates from the sonic point. Therefore, it is crucially important to con-

firm whether the stellar winds in these simulations are magnetically accelerated or not, by investigating the

acceleration force f directly.

In this thesis, we further extend the above single-flux-tube modeling of Alfvén-wave-driven solar and

stellar wind. In Chapter 2, which is based on Sakaue and Shibata (2020), we present the simulation results

of solar atmosphere and wind, and focus on the energy transfer by nonlinear Alfvén waves in the solar

chromosphere. In Chapter 3, which is based on Sakaue and Shibata (2021), we extend our study to the

M-dwarfs’ atmospheres and winds, and discuss the similarities and differences among the simulated solar and

M-dwarfs’ atmospheres and winds.
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Finley, and A. S. Brun

2020. Alfvén-wave-driven Magnetic Rotator Winds from Low-mass Stars. I. Rotation Dependences of

Magnetic Braking and Mass-loss Rate. ApJ, 896(2):123.

Shoda, M. and T. Yokoyama

2016. Nonlinear Reflection Process of Linearly Polarized, Broadband Alfvén Waves in the Fast Solar Wind.

ApJ, 820(2):123.

Shoda, M. and T. Yokoyama

2018. Anisotropic Magnetohydrodynamic Turbulence Driven by Parametric Decay Instability: The Onset

of Phase Mixing and Alfvén Wave Turbulence. ApJL, 859(2):L17.

Shulyak, D., A. Reiners, A. Engeln, L. Malo, R. Yadav, J. Morin, and O. Kochukhov

2017. Strong dipole magnetic fields in fast rotating fully convective stars. Nature Astronomy, 1:0184.

Shulyak, D., A. Reiners, E. Nagel, L. Tal-Or, J. A. Caballero, M. Zechmeister, V. J. S. Béjar, M. Cortés-

Contreras, E. L. Martin, A. Kaminski, I. Ribas, A. Quirrenbach, P. J. Amado, G. Anglada-Escudé, F. F.
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Chapter 2

Energy Transfer by Nonlinear Alfvén

Waves in the Solar Chromosphere,

and Its Effect on Spicule Dynamics,

Coronal Heating, and Solar Wind

Acceleration

Alfvén waves are responsible for the transfer of magnetic energy in the magnetized plasma.

They are involved in heating solar atmosphere and driving solar wind through various nonlinear

processes. Because the magnetic field configurations directly affect the nonlinearity of Alfvén

waves, it is important to investigate how they relate to the solar atmosphere and wind structure

through the nonlinear propagation of Alfvén waves. In this study, we carried out one-dimensional

magnetohydrodynamic simulations to realize the above relation. The results show that when the

nonlinearity of Alfvén waves in the chromosphere exceeds a critical value, the dynamics of the

solar chromosphere (e.g., spicule) and the mass-loss rate of solar wind tend to be independent

of the energy input from the photosphere. In a situation where the Alfvén waves are highly

nonlinear, the strong shear torsional flow generated in the chromosphere “fractures” the magnetic

flux tube. This corresponds to the formation of chromospheric intermediate shocks, which limit

the transmission of the Poynting flux into the corona by Alfvén waves and also inhibits the

propagation of chromospheric slow shock.

2.1 Introduction

The solar atmosphere consists of magnetized plasma with various thermal properties. A 1 MK corona is

characterized by tenuous, fully ionized, and low-β plasma. It is the envelope of a cool (∼ 104 K), dense,

and partially ionized chromosphere. Coronal and chromospheric heating problems arise from the question

regarding the manner of how energy is steadily supplyed and deposited to maintain such a thermal structure of

solar atmosphere. These problems are directly related to the physical mechanism for solar wind acceleration.

The nonlinear propagation of Alfvén waves is one of the promising physical mechanisms to solve this
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problem. That is because this incompressible wave is responsible for the transfer of magnetic energy in the

magnetized plasma and is involved in the energy conversion to the kinetic or thermal energy of the background

media through the nonlinear processes. Numerous theoretical studies have developed the scenarios relating

Alfvén waves to atmospheric heating (Alfvén, 1947; Osterbrock, 1961; Coleman, 1968; Heyvaerts and Priest,

1983), solar wind acceleration (Belcher and MacGregor, 1976; Heinemann and Olbert, 1980), and spicule

dynamics (Hollweg et al., 1982; Kudoh and Shibata, 1999). These ideas have been examined using spaceborne

observations that confirmed the ubiquitous existence of Alfvén waves from the chromosphere (De Pontieu

et al., 2007; Okamoto and De Pontieu, 2011), corona (Cirtain et al., 2007; Banerjee et al., 2009; Hahn and

Savin, 2013) to interplanetary space (Belcher and Davis, 1971; Bavassano et al., 1982; Bavassano et al., 2001).

Recent magnetohydrodynamics (MHD) simulations enable a more seamless description of the relation-

ship between Alfvén wave propagation and the dynamics of the solar atmosphere and wind. Because of the

inhomogeneous, time-dependent, and stratified solar atmosphere, Alfvén wave propagation can be affected

by various physical mechanisms in each layer of the solar atmosphere. Matsumoto and Suzuki (2012) and

Matsumoto and Suzuki (2014) carried out a 2.5 dimensional simulation and showed the self-consistent tran-

sition of heating mechanisms from shock heating to incompressible processes across the transition layer. On

the basis of their 3D simulation, Shoda et al. (2019) confirmed that the density fluctuation caused by the

parametric decay instability (Goldstein, 1978; Derby, 1978; Terasawa et al., 1986) is essential in exciting

Alfvén wave turbulence in the solar wind.

Aside from the above-mentioned multidimensional models, one-dimensional (1D) simulations are still

helpful, particularly in investigating the diversity or universality of solar and stellar atmospheres and wind.

They have contributed to understanding how Alfvén waves are involved with spicules (Hollweg et al., 1982;

Matsumoto and Shibata, 2010), the solar and stellar wind (Suzuki and Inutsuka, 2005; Suzuki, 2007 Suzuki,

2018; Yasuda et al., 2019), and the coronal loop (Moriyasu et al., 2004; Antolin and Shibata, 2010; Washinoue

and Suzuki, 2019). Despite these extensive works, there have been few studies focused on the chromospheric

magnetic field environment in terms of their influence on the solar atmosphere and wind. The magnetic

field in the solar atmosphere is highly inhomogeneous and variable with time. Thus, it directly affects the

profile of the Alfvén speed with respect to height, which determines the reflection efficiency of Alfvén waves

(An et al., 1990; Velli, 1993) and induces Alfvén resonance (Hollweg, 1978; Matsumoto and Shibata, 2010).

The expanding magnetic flux tube in the lower atmosphere, additionally, is related to the rapid evolution

of the Alfvén wave amplitude. That leads to the dissipation of Alfvén waves through direct steepening

(Hollweg et al., 1982) or nonlinear mode coupling (Hollweg, 1992; Kudoh and Shibata, 1999; Wang and

Yokoyama, 2020). Coronal heating and solar wind acceleration are sustained with a slight transmission of

Alfvén waves from the chromosphere. Therefore, it is worthwhile to examine how robustly Alfvén waves

can transport magnetic energy across the chromosphere even in different magnetic field configurations in the

lower atmosphere.

In this study, we performed time-dependent 1D MHD simulations similar to Kudoh and Shibata (1999)

or Suzuki and Inutsuka (2005). Unlike them, we pay particular attention to the dependence of the spicule

dynamics, coronal heating, and solar wind acceleration on the magnetic field configuration in the lower

atmosphere.
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2.2 Numerical Setting

2.2.1 Basic Equations

We used 1D magnetohydrodynamic equations based on the axial symmetry assumption of the magnetic flux

tube. The surface of the axisymmetric flux tube is defined by the poloidal and toroidal axes, which are noted

in this study by x and ϕ. The basic equations in cgs units are written as follows:

The mass conservation law is presented by

∂ρ

∂t
+

1

A

∂

∂x
(ρvxA) = 0, (2.1)

where ρ, vx and A are the mass density, poloidal component of velocity, and cross section of the flux tube,

respectively.

The energy conservation law is presented by

∂

∂t

(
p

γ − 1
+

1

2
ρv2 +

B2

8π

)
+

1

A

∂

∂x

[
A

{(
γp

γ − 1
+

ρv2

2
+

B2
ϕ

4π

)
vx − Bx

4π
(Bϕvϕ)

}]

= ρvx
∂

∂x

(
GM⊙

r

)
− 1

A

∂

∂x
(AFc)−Qrad, (2.2)

where p, Bx, Bϕ, vϕ and γ are the gas pressure, poloidal and toroidal components of magnetic field, toroidal

component of velocity, and the specific heat, ratio which is set to 5/3, respectively. v2 = v2x + v2ϕ and

B2 = B2
x + B2

ϕ. G and M⊙ are gravitational constant and the solar mass. r is the distance from the Sun

center. Fc and Qrad represent the heat conduction flux and radiative cooling term, respectively, as described

in Section 2.2.3.

The poloidal component of the equation of motion is presented by:

∂(ρvx)

∂t
+
∂p

∂x
+

1

A

∂

∂x

{(
ρv2x +

B2
ϕ

8π

)
A

}

− ρv2ϕ
∂ ln

√
A

∂x
− ρ

∂

∂x

(
GM⊙

r

)
= 0. (2.3)

The toroidal component of the equation of motion is presented by

∂(ρvϕ)

∂t
+

1

A
√
A

∂

∂x

{
A
√
A

(
ρvxvϕ − BxBϕ

4π

)}
= 0. (2.4)

The toroidal component of the induction equation is presented by

∂Bϕ

∂t
+

1√
A

∂

∂x

(√
A(vxBϕ − vϕBx)

)
= 0. (2.5)

The poloidal magnetic flux conservation is presented by

BxA = const. (2.6)

Finally, we note that the poloidal axis x is not always parallel to the radial axis r. They are related to

each other as follows:

dx

dr
=

√√√√1 +

(
d
√
A

dr

)2

. (2.7)
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Figure 2.1: Poloidal magnetic field configurations characterized with the free parameters (Hm, Hl), where

Hm, Hl and Hph are the merging height, loop height, and the pressure scale height on the photosphere,

respectively. The left and right panels show it in the lower and outer atmosphere.

2.2.2 Magnetic Flux Tube Model

The assumption of the background magnetic field is described here in detail. The cross section of the flux

tube A is related to r through the filling factor f as A(r) = 4πr2f(r). f determines the geometry of the flux

tube. We consider the axisymmetric magnetic flux tube from the photosphere to interplanetary space. The

outer boundary of our simulation is set to 0.5 au. In the lower atmosphere, the magnetic flux tube expands

exponentially such that the magnetic pressure inside the flux tube balances out with the ambient plasma

gas pressure, which decreases with the scale height Hph = RgTeff/(µphg⊙). Here, Rg = 8.31 × 107 erg K−1

mol−1 is the gas constant, Teff = 5770 K, µph = 1.3 is the mean molecular weight on the photosphere, and

g⊙ is the gravitational acceleration on the solar surface. The filling factor f in this layer is expected to be

fatm(r) = fph exp{r⊙/(2Hph)(1 − r⊙/r)}, where fph is the coverage of the open magnetic flux tube on the

photosphere. By using fatm, Bx = r2⊙fphBph/(r
2fatm) satisfies the condition that B2

x/(8π) = patm, where

patm is the solution of the hydrostatic equilibrium. In the lower atmosphere where r = r⊙ + h (h ≪ r⊙), we

obtain fatm(h) = fphe
h/(2Hph). This exponential expansion of flux tube is assumed to stop at some height

where it merges with the neighboring flux tube. Above this height (i.e., the merging height Hm), the magnetic

pressure dominates the gas pressure and the flux tube extends vertically. The poloidal magnetic field strength

in this layer is assumed to be almost constant around B = Bphfph/fatm(Hm) = Bphe
−Hm/(2Hph) through

the upper chromosphere and coronal base. Thus, B = Bphe
−Hm/(2Hph) roughly represents the area-averaged

magnetic field strength in the coronal hole from which the solar wind emanates. It should be noted that

various flux tube models in the lower atmosphere have been considered, for example, by Hasan et al. (2003,

2005) and Cranmer and van Ballegooijen (2005). The different magnetic field geometries would lead to

different results. Their significance should be tested in future studies as long as we rely on the 1D simulation.

The flux tube is assumed to expand superradially again in the extended corona such that the interplanetary

space is filled with the open flux tube. We characterize this expansion with the coronal loop height Hl. The

functional form of the filling factor in this layer fwind(r) is suggested by Kopp and Holzer (1976). Based on

these considerations, the profile of the filling factor f(r) is determined as follows:

fatm(r) = fm tanh

[
fph
fm

exp

{
r⊙

2Hph

(
1− r⊙

r

)}]
, (2.8)
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where fm = fphe
Hm/(2Hph)

fwind(r) =
e(r−r⊙−Hl)/σl + fm − (1− fm)e−(Hl/σl)

e(r−r⊙−Hl)/σl + 1
(2.9)

f̂(r) = fatm(r) +
1

2

(
max[fwind(r), fm]− fatm(r)

)
×
{
1 + tanh

(
r − r⊙ −Hl

Hl

)}
(2.10)

f(r) = fph + (1− fph)
f̂(r)− f̂(r⊙)

1− f̂(r⊙)
. (2.11)

The key parameters of f(r) are fph, Hm, and Hl. σl in Equation (2.9) is set to Hl. The manner by which

the properties of solar and stellar wind depend on fph has already been well investigated in previous studies

(Suzuki, 2006; Suzuki et al., 2013). Thereafter, we use the fixed value of 1/1600 for fph by referring to

Suzuki et al. (2013). Note that, when fph = 1/1600, the magnetic field strength at r =1 au is 2.1nT, which

is within the typical observed value (Wang et al., 2000). The configuration of the magnetic flux tube with

fph=1/1600 is depicted in Figure 2.1. As shown in this figure, the merging height Hm is the parameter

defining the magnetic field strength B from the chromosphere up to the lower corona. The higher merging

height corresponds to a weaker magnetic field B, and, in particular, Hm/Hph = 8, 12 are used in this study.

It should be noted that Hm/Hph = 8, 10, 12 correspond to B = 29, 11, 4 G, respectively. These magnetic field

strengths are comparable to the typical value for the area-averaged magnetic field strength in the coronal

hole (3−36 G near the solar activity maximum and 1−7 G close to the minimum, according to Harvey et al.

(1982); see also review by Wiegelmann and Solanki (2004)). By adopting a higher coronal loop height Hl,

the magnetic field strength in the upper corona can be larger (Figure 2.1), but Hl/r⊙ is fixed at 0.1.

2.2.3 Heat Conduction and Radiative Cooling

The equation of state is p = ρRgT/[µph(1 − χ(T )/2)], where χ(T ) is the ionization degree as a function of

temperature, which is calculated by referring to Carlsson and Leenaarts (2012). The radiative cooling Qrad

is given by the empirical formulae, which is composed of three distinct terms, i.e., the photospheric radiation

Qph, chromospheric radiation Qch, and coronal radiation Qcr:

Qrad = (1− ξ1)(1− ξ2)Qph + ξ1(1− ξ2)Qch + ξ2Qcr, (2.12)

where ξ1 and ξ2 are assumed to be as follows:

ξ1 =
1

2

[
1 + tanh

(
r − r⊙
Hph

− 3

)]
, (2.13)

ξ2 = exp

(
−4× 10−20

∫ r

∞
nHIdr

′
)
, (2.14)

nHI = (1− χ(T ))ρ/mp is the neutral hydrogen density Each term in Equation (2.12) is defined as follows:

Qph = 4ρκRσSBT
4 max

(
T 4

T 4
ref

− 1,−e−(r−r⊙)2/H2
ph

)
, (2.15)
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where Tref = Teff

(
3

4
ρκRHph +

1

2

)1/4

, (2.16)

Qch = 4.9× 109 [erg g−1 s−1] ρ, Qcr = χ(T )(ρ/mp)
2Λ(T ). (2.17)

κR = 0.2 cm2 g−1 pertains to the Rosseland opacity on the photosphere. σSB is the Stefan–Boltzmann

constant. Qch and Qcr are the same functions used in Hori et al. (1997), which are always positive. Λ(T ) in

Equation () is the radiative loss function for the optically thin plasma. Qph in Equation 2.15 is allowed to

be negative where e−(r−r⊙)2/H2
ph ∼ 1, which represents the radiative heating.

The heat conductive flux is presented by

Fc = −κ(T )
∂T

∂x
(2.18)

where κ(T ) is the heat conductivity as a function of the temperature. That is composed of the collisional

and collisionless terms:

κ(T ) = qκcoll + (1− q)κsat (2.19)

where q = max(0,min(1, 1 − 0.5κcoll/κsat)). κcoll(T ) is adopted from Nagai (1980), which agrees with the

Spitzer-Härm heat conductivity (Spitzer and Härm, 1953) κ0T
5/2 (κ0 = 10−6 in CGS unit) when T > 106

K. κsat is given by

κsat =
3

2
pve,thr

r

T
(2.20)

where ve,thr is the thermal speed of the electron. κsat represents the saturation of heat flux caused by the

collisionless effect (Parker, 1964; Bale et al., 2013). The above expression of κsat means that the transition

of heat conductivity from κcoll to κsat occurs around r ∼ λe,mfp (λe,mfp is the electron mean free path) and

that the heat flux is limited to 3
2αpve,thr in the distance where T ∼ r−α (α = 0.2− 0.4 for winds faster than

500 km s−1; Marsch et al. (1989)). Based on the foregoing heat conductivity, heat conduction is solved by

the super-time-stepping method (Meyer et al., 2012; Meyer et al., 2014).

2.2.4 Initial and Boundary Condition

We set the static atmosphere with a temperature of 104 K as the initial state. The temperature on the

bottom boundary is promptly cooled down to Teff =5770 K after the initiation of the simulation. The mass

density and poloidal magnetic field strength on the photosphere are ρph = 2.5×10−7 g cm−3 and Bph =1560

G, respectively. To excite the outwardly propagating Alfvén wave, the toroidal velocity vϕ on the bottom

boundary is oscillated artificially, which represents convective motion on the solar photosphere. We consider

it as a frequency-dependent fluctuation with the following power spectrum.

v2conv ∝
∫ νmax

νmin

ν−1dν, (2.21)

where vconv is the free parameter corresponding to the amplitude of the convective velocity. ν−1
min and ν−1

max

are 30 minutes and 20 s, respectively. The phase offsets of fluctuation are randomly assigned. The amplitude

of fluctuation vconv is the subject of survey in this study, e.g., vconv/csph =0.07, 0.14, 0.21, 0.42, 0.85
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(csph =
√
γRgTeff/µph = 7.8 km s−1 is the adiabatic sound speed on the photosphere). This parameter

range includes the typical velocity of horizontal convective motion, 1.1 km s−1 (Matsumoto and Kitai, 2010).

To excite the purely outward Alfvén waves on the bottom boundary, the toroidal magnetic field Bϕ

is determined by Bϕ = −
√
4πρvϕ. This means that the Elsässer variables (i.e., zout = vϕ − Bϕ/

√
4πρ,

and zin = vϕ + Bϕ/
√
4πρ) on the bottom boundary satisfy the conditions, i.e., zout = 2vϕ and zin = 0.

The longitudinal velocity component vx on the bottom boundary is also given as the fluctuation with the

amplitude vconv, the power spectrum similar to that of the foregoing, and the randomly assigned phase

offsets. We performed a few simulations with vx = 0 on the bottom boundary. We were able to confirm that

vx ̸= 0 on the photosphere does not have any influence on the solar wind structure, but the spicule height

can depend on it.

The upper boundary is treated as the free boundary. A total of 19,200 grids are placed nonuniformly in

between. The numerical scheme is based on the HLLD Riemann solver (Miyoshi and Kusano, 2005) with the

second-order MUSCL interpolation and the third-order TVD Runge—Kutta method (Shu and Osher, 1988).

2.3 Results

2.3.1 Solar Wind Profiles

After several tens of hours, the solar wind in the simulation box reaches the quasi-steady state with numerous

wave signatures (Figure 2.2). Figure 2.3 shows the simulation results, including the snapshots of solar wind

velocity, mass density, temperature profiles, and temporally averaged profiles of Alfvén wave amplitude and

Alfvén speed in the solar wind. The black and red lines in each figure correspond to the results in the cases

of B = 29 and 4 G, respectively.

The top panel of Figure 2.3 shows that the solar wind in the B = 4 G case is found to be faster than

that in B = 29 G case. The Alfvén speed at the coronal base is much higher in the B = 29 G case than in

B = 4 G. In the outer space above the coronal loop height, where the magnetic field strengths in both cases

are the same, the Alfvén speed in B = 4 G case is larger than in B = 29 G, clearly indicating denser wind

in the B = 29 G case. With regard to the higher Alfvén speed at the coronal base in B = 29 G, the Alfvén

speed steeply declines above the coronal loop height due to the largely expanding magnetic flux tube. This

induces the strong interference between the outward and inward Alfvén waves, resulting in the humps of the

Alfvén wave amplitude profiles below 0.1r⊙.

The most significant discrepancy between the solar winds in different merging heights is found in the wind’s

mass-loss rate. Figure 2.4 shows the mass-loss rates as a function of the energy input from the photosphere

(FA0 = ρphv
2
convVAph). The filled and open circles show the results for B = 29 and 4 G, respectively. While

the wind’s mass-loss rate monotonically increases with a larger energy input from the photosphere in the

case of B = 29 G, that in B = 4 G is almost independent of the energy input. The mass-loss rate in B = 4

G is limited to ∼ 10−15 M⊙ yr −1 even in the largest energy input case of vconv/csph = 0.42, which is two

orders of magnitude smaller than that in the B = 29 G case.

2.3.2 Spicule Dynamics

Figure 2.5 shows the time-slice diagrams of the mass density in the lower atmosphere. The top of the

chromosphere (ρ/ρph ∼ 10−7) shows the upward and downward motions representing the spicule dynamics.

Figure 2.5(a) and (b) are the results in the cases of B = 29 G for vconv/csph = 0.21 and 0.42, respectively.

The height of the spicule becomes taller with a larger vconv/csph. On the other hand, the height of the

spicule in the B = 4 G case is less dependent on vconv, as shown in Figure 2.5(c) and (d). The average
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Figure 2.2: The temporal variations of the solar wind velocity (upper) and temperature (lower) given that

the simulation starts in the case of B = 29 G and vconv/csph = 0.21.
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Figure 2.3: The snapshots of solar wind velocity, mass density, temperature profiles, and temporally averaged

profiles of the Alfvén wave amplitude and Alfvén speed in the solar wind. The black and red lines represent

the profiles in the cases of B = 29 and 4 G, respectively. vconv/csph = 0.21. The corresponding times of the

presented snapshots is t = 62 hr in the B = 29 G case and t = 45 hr in the B = 4 G case. The arrows in the

second and third panels indicate the top of chromosphere (T = 4× 104 K, ρ = 10−14 g cm−3).
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Figure 2.4: The mass-loss rates of solar wind as a function of the energy input from the photosphere (FA0).

The filled and open symbols correspond to the simulation results with B = 29 and 4 G.

spicule height, as a function of vconv, is summarized in Figure 2.6. The line styles and symbols are the same

as those used in Figure 2.4. The spicule height is measured by tracking the isothermal contour of 4 × 104

K, the typical temperature of the transition layer (Heggland et al., 2011; Iijima and Yokoyama, 2015). By

fitting the oscillatory pattern of the isothermal contour with the trajectories of the Lagrange particles, the

individual spicules are identified, which enables us to do statistical analysis.

A common feature can be confirmed in the behaviors of the wind’s mass-loss rate (Figure 2.4) and the

average spicule height (Figure 2.6). The spicule becomes monotonically taller with a larger vconv in the

B = 29 G case, while in B = 4 G case, it is almost independent of vconv.

The less dependence of the simulated solar wind on vconv implies significant wave damping below the

transition layer, i.e., in the chromosphere. The difference in the spicule dynamics between B = 4 and 29 G

also suggests that the propagation of a chromospheric shock wave is qualitatively affected by the parameter

B. These possibilities are further investigated in the following section.

2.4 Analyses

2.4.1 Poynting Flux by Alfvén Waves

To investigate the energy transfer by Alfvén waves, the time-averaged Poynting flux of the magnetic tension

force (FA = −BϕvϕBx/(4π)) is plotted as a function of height in Figure 2.7. The black and red lines

correspond to the results in the cases of B = 29 and 4 G, respectively. Although the velocity amplitude

on the photosphere is fixed at vconv/csph = 0.21, FA below 1 Mm in the B = 4 G case is slightly larger

than that in the B = 29 G case. This is caused by the reflection of the Alfvén waves at the merging height.

The energy flux of the reflected (inward) Alfvén waves is plotted in Figure 2.7(b) using dotted lines, where

F out,in
A = 1

4ρz
2
out,inVAx, FA = F out

A − F in
A . As seen in this plot, the inward Alfvén waves below 1 Mm comes

mainly from the merging height, above which the Alfvén speed exponentially increases (Figure 2.7(c)). The

energy flux of the inward Alfvén waves below 1 Mm is, therefore, related to the outward energy flux at the

merging height. This leads to the smaller net energy flux when the merging height is lower.

The most remarkable feature in Figure 2.7(a) is the significant decrease in the energy flux around the

transition layer in the case of B = 4 G (red line). Figure 2.8(a) shows the dependence of the FA height
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Figure 2.5: The time-slice diagrams of the mass density in the lower atmosphere. Note that the scale of height

used in (a) and (b) is twice as large as that in (c) and (d). The top of the chromosphere (ρ/ρph ∼ 10−7)

shows the upward and downward motions, which correspond to the spicule dynamics. The dependence of

spicule dynamics on B and vconv is clearly seen in these panels. Panels (a) and (b) show the results in the

cases of B = 29 G and vconv/csph = 0.21, 0.42, respectively. Panels (c) and (d) correspond to the cases of

B = 4 G.
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Figure 2.6: The average spicule height as a function of the velocity amplitude on the photosphere. The filled

(open) circles correspond to the simulation results in the case of B = 29 G (4 G).

profile on vconv in the case of B = 4 G. Although a larger vconv produces a larger FA on the bottom boundary

(FA0 = 6× 108 − 2× 1010 erg cm−2 s−1 for vconv/csph = 0.07− 0.42), the transmitted energy fluxes into the

corona do not show the significant increase from FA ∼ 105 erg cm−2 s−1 (FA(A/A0) ∼ a few ×107 erg cm−2

s−1). In other words, the additional energy input associated with a larger vconv is completely lost below the

transition layer. This cannot be seen in the case of B = 29 G. Figure 2.8(b) shows that a larger energy input

from the photosphere always leads to larger transmitted energy flux when B = 29 G.

2.4.2 Alfvén Waves in the Chromosphere

In the previous subsection, it was determined that the transmission of energy flux into the corona is limited

to ∼ 105 erg cm−2 s−1 when the merging height is higher (B = 4 G). This suggests that Alfvén waves cannot

be responsible for a Poynting flux across the chromosphere that is larger than a certain upper limit in the

case of B = 4 G. Therefore, how the oscillations of toroidal velocity and magnetic field depend on the poloidal

magnetic field configuration in the chromosphere was investigated.

Figure 2.9 shows the twisting motion of the magnetic flux tube in the chromosphere. Figures 2.9(a1) and

(b1) show the time-slice diagram of density in the lower atmosphere when B = 29 and 4 G, respectively.

Figures 2.9(a2) and (b2) show the nonlinearity of Alfvén wave amplitude. Because of the weaker B, vϕ/VAx

are higher in the B = 4 G case. In addition, the toroidal velocity above and below the merging height

(horizontal dashed lines) often have the opposite signs when B = 4 G. Such an antiphase oscillation is rarely

seen when B = 29 G. This difference is more clearly seen in Figures 2.9(a3) and (b3). These panels show

the comparison of the low frequency component of the vϕ oscillation (ν <1 mHz). The antiphase oscillation

mentioned above appears in Figure 2.9(b3).

Figures 2.10 and 2.11 depict the typical time sequence of the magnetic field lines in the cases of B = 4

and 29 G, respectively. When the merging height is low and B is large, the upper part of the flux tube above

the merging height is twisted as its lower part rotates (Figure 2.11). On the other hand, Figure 2.10 shows

that the upper part of the flux tube is counterrotating against the lower part, thereby causing the formation

of the break in the magnetic field line. The close-up view around such a break in the magnetic field line is

shown in Figure 2.12, which corresponds to the rectangle area in Figure 2.9. The break in the magnetic field

line is represented by the dashed line in this figure, which agrees with the characteristics at vx +Bx/
√
4πρ.
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Figure 2.7: The dependence of transmissivity of Alfvén waves on different B. vconv/csph = 0.21. The black

and red lines show the results in the cases of B = 29 and 4 G. Panel (a): Poynting flux by magnetic tension

force (−BϕvϕBx/(4π)) normalized by the cross section of the magnetic flux tube. Panel (b): outward (solid

lines) and inward (dashed lines) Poynting flux by magnetic tension. Panel (c): temporally averaged profile

of the Alfvén speed. The vertical gray lines correspond to the merging height Hm = 8, 12Hph.
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Figure 2.8: The dependence of the transmissivity of Alfvén waves on vconv in the case of B = 4 G (panel

(a)) and 29 G (panel (b)). Each profile represents the Poynting flux of the magnetic tension force normalized

by the cross section of the magnetic flux tube. The thickest black line shows the simulation result with

vconv/csph = 0.42 while the thick red and black lines show the results with vconv/csph = 0.21, 0.14. The

thin line corresponds to vconv/csph = 0.07. Here, csph =
√
γRgTeff/µph is the adiabatic sound speed on the

photosphere.
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Figure 2.9: The twisting motion of the magnetic flux tube and its dependence on the merging height. The

left and right columns show the results in the cases of B = 29 and 4 G, respectively. vconv/csph = 0.21. The

merging heights are indicated with the horizontal dashed lines. Panels (a1) and (b1): the time-slice diagram

of density. Panels (a2) and (b2): the nonlinearity of toroidal velocity vϕ with respect to the Alfvén speed

Bx/
√
4πρ. Panels (a3) and (b3): the nonlinearity of the low-frequency component of the toroidal velocity

with respect to the Alfvén speed. The gray rectangle area corresponds to the frame of Figure 2.12.
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Figure 2.10: The schematic drawing of flux tube motion in the case of B = 4 G. Note that t = 0 s corresponds

to the same as used in Figure 2.9(b1)-(b3). This time range is within the gray rectangle in Figure 2.9.
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Figure 2.11: The schematic drawing of flux tube motion in the case of B = 29 G. Note that t = 0 s corresponds

to the same time used in Figure 2.9(a1)-(a3).
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Figure 2.12: The time-slice diagram of Bϕ/Bx, div vx, and plasma β in the chromosphere, showing the highly

sheared toroidal magnetic field with strong compression. The dashed line represents the propagation of the

intermediate shock. t = 0 s in these diagrams corresponds to t = 2600 s in Figure 2.9 (The time range of this

diagram corresponds to the gray rectangle in Figure 2.9.).
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Figure 2.9 shows that this signature appears transiently and is associated with a compression that is strong

enough to significantly enhance the plasma β in the downstream. The break in the magnetic field line is,

therefore, identified as the intermediate shock.

2.4.3 Slow / Fast Shocks in the Chromosphere

The previous subsections revealed that the energy transfer by Alfvén waves is restricted in the case of a weak

magnetic field (B = 4 G). Aside from such a nearly incompressible wave, the propagation of magnetoacoustic

shocks, including slow and fast shocks, are possibly dependent on the magnetic field configuration in the

chromosphere. In fact, Figure 2.6 shows the dependence of the average spicule height on vconv changes

in accordance with the magnetic field strength B. For a comprehensive discussion, we investigated the

propagation of slow and fast shocks.

The relatively strong compressible wave can be distinguished as the propagating spiky signatures with

−∂xvx > 0. After tracing these signatures, the Alfvén Mach number of the shock wave (MA) is calculated

using the following formula (the derivation is described in Appendix 2.A):

MA = − 1

VA

(
∂vx
∂x

)−1{
1

ρ

∂ptot
∂x

− ∂

∂x

(
GM⊙

r

)}
(2.22)

where ptot = p+B2
ϕ/(8π). By expressing the fast- and slow-mode Mach numbers with Mf = MAVA/Vfast and

Ms = MAVA/Vslow where Vfast and Vslow are the fast- and slow-mode speeds, the detected shock is specified

as the fast shock when |Mf −1| < |Ms−1|, or, otherwise, the slow shock. This classification is justified when

both fast and slow shocks are relatively weak, i.e., Mf ∼ 1 and Ms ∼ 1. By counting the fast (slow) shocks

with Mf (Ms) propagating around the mass density ρ in the stratified atmosphere, the distribution function

of Mf or Ms, with respect to ρ, is defined as follows:

dN

d log10 ρdM
(ρ,M) =

dN(ρ ∈ [ρi, ρi+1],M ∈ [Mj ,Mj+1])

(log10 ρi+1 − log10 ρi)(Mj+1 −Mj)
, (2.23)

where dN(ρ,M) is the expected number of shocks characterized with (ρ,M) in one snapshot and the sub-

scriptions i and j represent the discretization.

Figure 2.13 shows the distribution functions calculated from the simulation results in the cases of B = 29

G (upper panels) and 4 G (lower panels). vconv/csph is fixed at 0.21. The vertical dotted line in each panel

corresponds to the mean mass density at the transition layer. The distribution around the transition layer

is artificially sparse in all panels. This is because the shock crossing the transition layer is hardly detected

in this analysis (we used the time series data over 50,000 s with an interval of 4 s. This interval is much

longer than that of the shock-crossing timescale across the transition layer). The cross symbol represents

the most frequently appearing Mach number in each bin of ρ. Thus, the gradual rise of cross symbols seen

around ρ ≳ 10−12 g cm−3 in Figure 2.13(a2) shows the growth of the chromospheric slow shock. Note that

the coronal slow shocks in Figures 2.13(a2) and (b2) are concentrated on Ms ∼ 1/
√
γ rather than Ms ∼ 1.

This is bacause we calculated Ms by assuming γ = 5/3 without any considerations of nonadiabatic effects.

The phase speed of slow shock in the corona tends to be the isothermal sound speed ∼
√
p/ρ due to the

strong heat conduction. This leads to the underestimation of Ms by a factor of ∼ 1/
√
γ in the corona.

The most remarkable feature in this figure is that the slow shock vanishes around ρ ∼ 10−11 g cm−3

in Figure 2.13(b2). ρ = 10−11 g cm−3 is three orders of magnitude higher than the mass density at the

transition layer and roughly corresponds to the mass density around the merging height. Therefore, this

disappearance of slow shock is not related to the above-mentioned artificial sparse distribution around the

transition layer. Instead, it is implied that the slow shock can be evanescent in the chromosphere when the

magnetic field is weak.
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Figure 2.13: The distribution functions of the Mach number of the fast or slow shocks with respect to the

atmospheric mass density ρ. The color shows the quantities defined by Equation (2.23); the expected number

of shocks found in one snapshot. The cross symbol represents the most frequently appearing Mach number

in each bin of ρ. Panels (a1) and (a2) show the analysis result for the case of B = 29 G while (b1) and (b2)

correspond to the B = 4 G case. vconv/csph = 0.21. The vertical dotted line in each panel corresponds to the

mean mass density at the transition layer. The horizontal dotted lines in panels (a2) and (b2) correspond to

Ms = 1/
√
γ.
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Figure 2.14: The nonlinearity of Bϕ, vϕ, vx in the lower atmosphere. The solid and dashed lines show the

results in the cases of B = 29 and 4 G, respectively. The thick and thin lines show the results in the cases of

vconv/csph = 0.21 and 0.07, respectively.

2.5 Discussion

2.5.1 Intermediate Shock in the Chromosphere

We discuss here the causal relationship between the high nonlinearity of Alfvén waves in the chromosphere

and the limit on the energy transmission into the corona (Section 2.4.1).

Figure 2.14 shows the temporally averaged profiles of nonlinearity regarding Bϕ, vϕ, and vx. Note that

we abbreviated ⟨(Bϕ/Bx)
2⟩1/2, ⟨(vϕ/VAx)

2⟩1/2, ⟨(vx/VAx)
2⟩1/2 into Bϕ/Bx, vϕ/VAx, vx/VAx. Bϕ/Bx and

vϕ/VAx represent the nonlinearity of Alfvén waves. The maximum level of nonlinearity is always found

around the merging height. The higher merging height is responsible for the higher maximum nonlinearity

of torsional (Bϕ and vϕ) and longitudinal (vx) oscillation. In particular, the high level of nonlinearity of vx

corresponds to the large inertia of the magnetic flux tube.

By using the mass conservation (Equation (3.4)) and poloidal magnetic flux conservation (Equation (2.6)),

the toroidal component of the equation of motion (Equation (3.7)) can be expressed as below:

∂vϕ
∂t

+
vx√
A

∂(
√
Avϕ)

∂x
− Bx

4πρ
√
A

∂(
√
ABϕ)

∂x
= 0. (2.24)
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Figure 2.15: The typical scene of formation of the intermediate shock which deviates from the fast shock. t = 0

s in these diagrams corresponds to t = 2600 s in Figure 2.9. The intermediate shock immediately interacts

with the downward slow shock and results in the intermediate rarefaction wave with negative Pointing flux.

“SS”, “FS”, “IS”, “IR”, and “SR” in the leftmost panel stand for the slow shock, fast shock, intermediate

shock, and intermediate rarefaction wave, slow rarefaction wave, respectively. The colored lines correspond to

the trajectories of the characteristics. The horizontal dashed line represents the merging height Hm = 12Hph.

The variables in the above equation are the same as those used in Section 2.2.1. The second term represents

the inertia term. It can be competitive against the Lorentz force (the third term) when the longitudinal

oscillation is highly nonlinear. The last panel of Figure 2.14 shows the ratio of the temporally averaged

absolute value of the inertia term in relation to that of the restoring term in Equation (2.24). Here, we define

the following:

finertia =

⟨∣∣∣∣∣ vx√
A

∂(
√
Avϕ)

∂x

∣∣∣∣∣
⟩

(2.25)

frestoring =

⟨∣∣∣∣∣ Bx

4πρ
√
A

∂(
√
ABϕ)

∂x

∣∣∣∣∣
⟩
. (2.26)

The low ratio in the corona means that Alfvén waves can propagate without a significant nonlinear effect

while the ratio around unity implies that wave propagation is strongly affected by the inertia term. In the

case of the higher merging height (B = 4 G), the ratio reaches unity around the merging height, as shown

with the red thick line in Figure 2.15. Due to this large inertia of the magnetic flux tube, the rotation of the

upper part of the flux tube cannot be restored so easily by the twisting motion injected from the photosphere.

That would result in the antiphase oscillation between the upper and lower parts of the flux tube (Figure

2.9). The highly sheared torsional flow and nonlinear longitudinal oscillation can cause the “fracture” of the

flux tube, i.e., the formation of the intermediate shock (Figure 2.10). Once the intermediate shock is formed

in the chromosphere, the Poynting flux associated with it hardly transmits into the corona. That is because

the intermediate shock easily interacts with the slow and fast shocks or contact discontinuity, including the

transition layer itself. Among these interactions, the collision of intermediate shock with the transition layer
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Figure 2.16: The typical scene of formation of the intermediate shock which results from the head-on collision

of slow shocks. t = 0 s in these diagrams corresponds to t = 1100 s in Figure 2.9. “SS”, “FS”, and “IS” in the

leftmost panel stand for the slow shock, fast shock, and intermediate shock, respectively. The colored lines

correspond to the trajectories of characteristics. The horizontal dashed line represents the merging height

Hm = 12Hph.

results in the transmitted waves composed of fast rarefaction wave and slow shock. As both of them have

negative Poynting fluxes, the magnetic energy transferred by the chromospheric intermediate shock is, in this

sense, confined below the transition layer until its dissipation.

Figures 2.15 and 2.16 show examples on the formation of chromospheric intermediate shock. In Figure

2.15, the intermediate shock deviates from the fast shock at around t = 120 s and collides with the downward

slow shock at around t = 340 s. Although the upward fast shock generated by this collision has a positive

Poynting flux, the other resultant waves, including the upward intermediate rarefaction wave, transport the

magnetic energy downward. The formation of the intermediate shock in Figure 2.16 is a result of the head-

on collision of upward and downward slow shocks, which is associated with the encounter of large shear

flow. The upward intermediate shock finally becomes bidirectional fast shocks after the interaction with

the other waves. The dissipation of the intermediate shock is clearly exemplified in Figure 2.17. In this

scene, the interaction between the sequence of intermediate shocks and the downward slow shock results in

the bidirectional slow shocks. As a result, the highly sheared magnetic field line is rapidly relaxed and the

super-Alfvénic torsional flow is generated.

2.5.2 Wave Nonlinearity in the Chromosphere

Figure 2.14 shows that the wave nonlinearity such as Bϕ/Bx, vϕ/VAx, and vx/VAx is highest around the

merging height. It demonstrates that higher merging height (or weaker B) and larger vconv/csph are always

associated with higher wave nonlinearity in the chromosphere. By focusing on the maximum values of

the profiles plotted in Figure 2.14, the scaling relations between vconv/csph and wave nonlinearity were

summarized in Figure 2.18.

Figure 2.18(a) shows that the ratio of the inertia force to the restoring force is clearly correlated to
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Figure 2.17: The typical scene of rapid dissipation of the intermediate shock. t = 0 s in these diagrams

corresponds to t = 400 s in Figure 2.9. The collision between the sequences of upward intermediate shocks

with the downward slow shock leads to the bidirectional slow shocks. “SS”, “FS”, and “IS” in the leftmost

panel stand for the slow shock, fast shock, and intermediate shock, respectively. The colored lines correspond

to the trajectories of characteristics. The horizontal dashed line represents the merging height Hm = 12Hph.

(vconv/csph)(B/Bph)
−1/2, i.e.,

finertia/frestoring = 0.28[(vconv/csph)(B/Bph)
−1/2]−0.89. (2.27)

This scaling is composed of the relation between finertia/frestoring with vx/VAx (Figure 2.18(b)) and that

between vx/VAx with (vconv/csph)(B/Bph)
−1/2 (Figure 2.18(c)). In fact, Equations (2.25) and (2.26) in-

dicate that finertia ∼ vxvϕ/λA and frestoring ∼ BxBϕ/(4πρλA), where λA is the wavelength of the Alfvén

waves. Therefore, finertia/frestoring tends to be vx/VAx when vϕ ∼ Bϕ/
√
4πρ. The amplitude of vx basically

follows the energy flux conservation for the longitudinal wave in the isothermal atmosphere. That means

ρv2x/Bx ∼ constant and vx/VAx ∝ B
−1/2
x . By using these scaling relations, it is inferred that there is a

critical vconv/csph or B/Bph across which the chromosphere is too highly nonlinear such that the Lorentz

force associated with Alfvén wave propagation (frestoring) can no longer twist the flux tube against the large

inertia force (finertia). From Equation (2.27), we replace this critical condition of finertia ≳ frestoring with

0.28[(vconv/csph)/
√
B/Bph]

−0.89 ≳ 1 or

vconv/csph ≳ 4.2

√
B/Bph. (2.28)

This implies the following: first, for a given flux tube with B/Bph, the energy input from the photosphere

larger than FA,cr = ρphv
2
conv,crVAph does not contribute to the coronal heating. As such,

FA,cr = 2.4× 1012 erg cm−2 s−1(B/Bph). (2.29)

When B =4 G and Bph = 1560 G, we find (vconv/csph)cr ∼ 0.21 and FA,cr = 6.3 × 109 erg cm−2 s−1.

Second, for a given convection velocity of vconv/csph, the magnetic flux tube with B/Bph < (B/Bph)cr =

0.057(vconv/csph)
2 is unable to guide the magnetic energy from the lower atmosphere to the corona. When

vconv/csph = 0.21 and Bph = 1560 G, we find Bcr =4 G.
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Figure 2.18: The scaling relation between vconv/csph and wave nonlinearity in the chromosphere. The plotted

quantities correspond to the maximum values of the profiles shown in Figure 2.14. The styles of the squares

or circles are the same as those used in Figure 2.4.
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Finally, it is notable that the wave nonlinearity of Bϕ/Bx follows Bϕ/Bx ∝ (B
−1/2

)1.15 (Figure 2.18(d)).

This is accounted for by the energy flux conservation for the Alfvén waves propagating along the magnetic

flux tube that expands like B2
x ∝ ρ. Because ρv2ϕVAxA = const., we find vϕ ∝ ρ−1/4 and Bϕ/Bx ∼ vϕ/VAx ∝

ρ1/4/Bx. Thus, when B2
x ∝ ρ, it is obtained that Bϕ/Bx ∝ B

−1/2
x . Hollweg (1971) and Shibata and

Uchida (1985) discussed that large-amplitude Alfvén waves can be responsible for the longitudinal motion

and derived the relationship of vx/VAx ∝ (Bϕ/Bx)
2. On the other hand, Figures 2.18(c) and (d) show

vx/VAx = 0.29[(vconv/csph)/
√
(B/Bph)]

0.86 and Bϕ/Bx = 0.52[(vconv/csph)/
√
(B/Bph)]

1.15, leading to the

following scaling law:

vx/VAx = 0.51(Bϕ/Bx)
0.75. (2.30)

2.5.3 Evanescence of Slow Shock in the Chromosphere

Figure 2.16 exhibits the formation of the intermediate shock as well as the disappearance of the upward slow

shock. This reminds us of Figure 2.13, which shows that the slow shock is absent in the upper chromosphere

when the magnetic field is weak. In addition to this head-on collision of the counterpropagating slow shocks,

the head-on and rear-end collisions between the slow and intermediate shocks can disturb the upward prop-

agation of the slow shock. These interactions would be encouraged in the highly nonlinear chromosphere,

especially when the magnetic field is weak. This is because the crossing time scale of slow shock at a speed

of ∼ csBx/B becomes longer as nonlinearity increases.

This evanescence of the slow shock in the chromosphere could result in the following two consequences

about the spicule dynamics. First, the ejection speed of spicule would become smaller and less dependent

on vconv. Second, less frequent slow shocks in the upper chromosphere could reduce the chromospheric

temperature, leading to a shorter density scale height in the chromosphere (Appendix 2.B). As a result of

the smaller ejection speed and shorter density scale height, the average spicule height in the weak magnetic

field tends to be lower than that in the strong magnetic field.

2.5.4 Comparison with Observation and Other Theoretical Studies

Solar Wind

The typical fast solar wind proton flux observed around 1 au is ∼ 2 × 108 cm−2 s−1 (Withbroe, 1989;

Wang, 2010), comparable to the simulated value in the stronger magnetic field case (∼ 2.1 × 108 cm−2

s−1 for B = 29 G), but inconsistent with that in the weaker magnetic field case (∼ 0.20 × 108 cm−2 s−1

for B = 4 G). As discussed in Section 2.5.1, Poynting flux into the corona is limited to 105 erg cm−2

s−1 when B = 4 G, which causes a significantly low-mass flux of solar wind. The inconsistency between

the observed and simulated mass-loss rates in the B = 4 G case is, however, easily solved by considering

the polarization of the Alfvén waves. In the present study, we used the axisymmetric coordinate system

with linearly polarized Alfvén waves. The nonlinear propagation of circularly polarized Alfvén waves in

the nonsteady solar wind was simulated by Suzuki and Inutsuka (2006) and Shoda et al. (2018) using the

local spherically symmetric coordinate system (Shoda and Yokoyama, 2018). The differences between the

axisymmetric and local spherically symmetric coordinate systems are summarized in Appendix 2.C. We also

conducted a similar parameter survey on the solar atmosphere and wind structure in the local spherically

symmetric coordinate system with circularly polarized Alfvén waves. Consequently, it is confirmed that the

results qualitatively agree with those in the axisymmetric coordinate system. That means, even in the local

spherically symmetric coordinate system, there is an upper limit on the transmitted Poynting flux into the

corona when the merging height is higher (B = 4 G). The wind’s mass-loss rate and average spicule height
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Figure 2.19: The mass-loss rates of solar wind as a function of the energy input from the photosphere (FA0).

The circle (square) symbols correspond to the simulation results with the axisymmetric (local spherically

symmetric) coordinate system. The filled (open) symbols mean the results of B=29 G (4 G) case.
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Figure 2.20: The kinetic energy flux (blue symbols) or radiative loss (red symbols) of the solar wind with

respect to Poynting flux at the top of chromosphere (T = 2 × 104 K). This figure is analogous to Figure 8

in Suzuki et al. (2013). The blue horizontal line corresponds to the saturation level suggested by their study

(Equation 2.33). The relation of y = x is also plotted using the dotted line. The thick vertical lines indicate

the limit of transmitted Poynting flux found in our simulation with the axisymmetric (Limit(ax.)) and local

spherically symmetric coordinate systems (Limit(sp.)).
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become independent of the velocity amplitude on the photosphere (vconv) when vconv/csph ≳ 4.2
√

B/Bph

(Section 2.5.2). Figure 2.19 shows the mass-loss rates of solar wind as a function of the energy input from

the photosphere. The filled and open circles are the same as those in Figure 2.4, and the square symbols are

overplotted as the results in the local spherically symmetric coordinate system. The wind’s mass-loss rate in

the local spherically symmetric coordinate system with B = 4 G (open squares) appear to be constant for

FA0 ≳ 1010 erg cm−2 s−1. The upper limit of mass-loss rate simulated in the local spherically symmetric

coordinate system is, however, much higher than that in the axisymmetric coordinate system. This is partly

because the circularly polarized Alfvén waves transfer twice as much magnetic energy as the linearly polarized

Alfvén waves when their amplitudes are the same. In other words, the critical Poynting flux FA,cr (Equation

(2.29)) in the local spherically symmetric coordinate system is calculated as FA,cr = 2× ρphv
2
conv,crVAph,

FA,cr = 4.8× 1012 erg cm−2 s−1(B/Bph) (2.31)

As a result, the upper limit of the transmitted Poynting flux into the corona is much larger than that in

the axisymmetric coordinate system. As such, the resultant mass-loss rate can reach the observed level.

Therefore, the above-mentioned inconsistency between the observed and simulated mass-loss rates in the

axisymmetric coordinate system is merely an intrinsic problem of our 1D approximation.

Suzuki et al. (2013) reported their simulation results for solar and stellar winds, which showed that the

wind’s mass-loss rate saturates due to the enhanced radiative loss in the corona. From the time-steady energy

equation, they paid attention to the following energy conservation law (in the local spherically symmetric

coordinate system):[
ρvrA

(
v2⊥
2

+
B2

⊥
4πρ

)
−BrA

v⊥B⊥

4π

]∣∣∣∣
rtc

≈
[
ρvrA

v2r
2

]∣∣∣∣
∞

+

∫ ∞

rtc

AQraddr +

[
ρvrA

GM⊙

r

]∣∣∣∣
rtc

, (2.32)

where v⊥ and B⊥ are the transverse components of the velocity and magnetic field. rtc represents the top of

the chromosphere, the position with the temperature T = 2 × 104 K, according to the definition by Suzuki

et al. (2013). The foregoing expression means that the Poynting flux at r = rtc (left-hand side) is converted to

the kinetic energy of wind (the first term in the right-hand side) as well as the radiative loss and gravitational

potential energy (the second and third terms in the right-hand side, respectively). While the kinetic energy

of wind is positively correlated to the Alfvén waves energy at the top of the chromosphere, the large energy

transmission into the corona can make radiative energy loss dominant over the kinetic energy term. That

leads to the saturation of the wind’s mass-loss rate. This kind of saturation is also seen in our simulation.

Figure 2.20 is analogous to Figure 8 in Suzuki et al. (2013). It presents the comparison between the left-

hand side of Equation (2.32) ((LAf)tc) with the first and second terms on the right-hand side (LK,out and

(LRf)tc). As seen in this figure, (LAf)tc larger than ∼ 4 × 1028 erg s−1 leads to the saturation of LK,out,

which is associated with the enhanced (LRf)tc. The saturation level of LK,out is almost consistent with that

suggested by Suzuki et al. (2013) as shown below, indicated by the blue horizontal line in Figure 2.20.

LK,out,sat = 2.05× 1028 erg s−1 (Bphfph)
1.84. (2.33)

This saturation is, however, not expected in the case of the higher merging height (B = 4 G). That is because

the transmission of the Alfvén wave energy itself is limited due to its high nonlinearity in the chromosphere,

as discussed in the previous subsection. This is why the open circles and squares are absent above a certain

level of (LAf)tc, indicated by the vertical thick lines in Figure 2.20.
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Spicule

The magnetic field configuration in the spicule has been investigated using spectropolarimetric observations

(Trujillo Bueno et al., 2005; López Ariste and Casini, 2005; Orozco Suárez et al., 2015) or inferred from

MHD seismology (Kim et al., 2008; Zaqarashvili et al., 2007). However, the statistics relating the spicule

dynamics to magnetic field configuration have not yet been established (see Tsiropoula et al. (2012) for a

review). Several observational studies suggest that the different magnetic field configurations between the

quiet region and coronal hole are responsible for the difference in their spicule properties, such as their height

as well as ascending and transverse speeds (Johannesson and Zirin, 1996; Zhang et al., 2012; Pereira et al.,

2012). This relationship will be examined by future observations.

From the theoretical point of view, Iijima (2016) found that the average magnetic field strength is not

primarily important for the length scale of a chromospheric jet based on his 2D radiation MHD simulation.

On the other hand, he noted that the scale of chromospheric jets driven by torsional motion of a flux tube

is possibly dependent on the average magnetic field strength. Saito et al. (2001) show that a taller spicule

is associated with a lower density or stronger magnetic field based on their 1D MHD simulation. They

explained, by referring to Shibata and Suematsu (1982), that a taller spicule is launched by the slow shock

that grows with decreasing density or less expanding flux tube. In our simulation, the average spicule height

is determined by the strength of slow shock reaching the transition layer and the density scale height in the

chromosphere. When B = 29 G, the slow shock can grow with height (Figure 2.13) and drive the faster

spicule. The larger vconv leads to the amplified centrifugal force and the enhanced slow shock heating, both

of which could contribute to the extension of density scale height in the chromosphere (Appendix 2.B). As

a result, the average spicule height is taller with larger vconv in the case of B = 29 G (Figure 2.6). On the

other hand, when B = 4 G, the intermediate shock restricts the centrifugal force from being amplified, and

the slow shock becomes evanescent in the upper chromosphere. This is why the average spicule height is less

dependent on vconv in the weaker B.

2.5.5 Limitations to Our Model and Future Perspectives

As for the chromospheric intermediate shock, Snow and Hillier (2019) found that the decoupling of the

neutral fluid against plasma can cause the intermediate shock when reconnection occurs in the partially

ionized plasma. Our study and their study suggest that the chromospheric intermediate shock would be

observed ubiquitously over a wide range of spatial scales in near future. The effect of partially ionized

plasma can appear especially for the propagation of high-frequency Alfvén waves (Soler et al., 2019) and

should be considered in future studies. Several limitations should be imposed on the application of the

results of our study with regard to the real solar atmosphere and wind. The present study is based on a 1D

approximation (symmetry assumption), flux tube model, and simplified radiation. Our study igonores solar

rotation, collisionless effects, and various wave dissipation mechanisms, including phase-mixing and turbulent

dissipation (Cranmer et al., 2007; Shoda et al., 2018). Nevertheless, it is worthwhile to emphasize that highly

nonlinear Alfvén waves in the chromosphere could restrict the energy transfer from the photosphere to the

corona. As such, our findings highlight the importance of the magnetic field configuration in the chromosphere

in terms of the diversity of both solar and stellar atmosphere and wind structures.

Appendix 2.A Mearsurement of Mach number of Fast / Slow Shocks

The Alfvén Mach numbers of fast and slow shocks in our simulation were calculated by Equation (2.22).

The derivation is described here. Noting the subscripts u and d for the physical quantities in upstream and
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Figure 2.21: The median profile of the (a) temperature, (b) density, and averaged density scale height (c) in

lower atmosphere. The black and red lines correspond to the simulation results in the cases of B = 29 and 4

G, respectively. The thin and thick lines represent the results with vconv/csph = 0.07 and 0.21, respectively.

In panel (d), the density scale heights in the case of vconv/csph = 0.21 are compared to their constituents

related to the stratification by gravitational acceleration and temperature gradient (dotted lines).

downstream of the shock wave, the jump condition of momentum flux across the shock front is expressed as

follows:[
ρv2x + p+

B2
ϕ

8π

]u
d

= 0. (2.34)

Because ρuvxu = ρdvxd from the mass conservation, ρuvxu(vxu − vxd) = −(ptotu − ptotd), and thus, we have

MAu =
vxu
VAu

= − ptotu − ptotd
ρuVAu(vxu − vxd)

, (2.35)

where ptot = p+B2
ϕ/(8π). The above expression is, meanwhile, not practical for the estimation of the Mach

number especially in the stratified atmosphere. Actually, when vxu−vxd approaches 0, |ptotu−ptotd| tends to
ρg⊙∆x (∆x is the discretization) because of the stratification. This leads to the overestimation of the Mach

number for weak shock in the lower atmosphere. In order to correct it, we used the following formula:

MAu = − 1

VA

(
∂vx
∂x

)−1
{
1

ρ

∂

∂x

(
p+

B2
ϕ

8π

)
− ∂

∂x

(
GM⊙

r

)}
. (2.36)

Appendix 2.B Density Scale Height of the Atmosphere

The density scale height of the atmosphere follows the dynamic equilibrium determined by the poloidal

component of the equation of motion:

∂vx
∂t

+ vx
∂vx
∂x

+
1

ρ

∂p

∂x
+

1

ρ

∂

∂x

(
B2

ϕ

8π

)
+

B2
ϕ

4πρ

∂ ln
√
A

∂x
− v2ϕ

∂ ln
√
A

∂x
− ∂

∂x

(
GM⊙

r

)
= 0. (2.37)
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By substituting p = ρ× (p/ρ) and considering the temporal average, the following is obtained:

−
⟨
∂ ln ρ

∂x

⟩
=

⟨
ρvx
p

∂vx
∂x

⟩
+

⟨
1

p

∂

∂x

(
B2

ϕ

8π

)⟩
+

⟨
B2

ϕ

4πp

∂ ln
√
A

∂x

⟩
−

⟨
ρv2ϕ
p

∂ ln
√
A

∂x

⟩
+

⟨
ρ

p

∂

∂x

(
p

ρ
− GM⊙

r

)⟩
.

(2.38)

The left-hand side represents the reciprocal of the density scale height and is expressed by the harmonic

mean of several scale heights:

1

Hρ
=

1

Hdyn
+

1

HBp
+

1

HBt
+

1

Hcnt
+

1

Hhyd
(2.39)

Here, Hdyn, HBp, HBt, and Hcnt represent the scale heights, which are related to the dynamic pressure,

magnetic pressure, magnetic tension force, and centrifugal force, respectively:

1

Hρ
= −

⟨
∂ ln ρ

∂x

⟩
,

1

Hdyn
=

⟨
ρ

p
vx

∂vx
∂x

⟩
, (2.40)

1

HBp
=

⟨
1

p

∂

∂x

(
B2

ϕ

8π

)⟩
,

1

HBt
=

⟨
B2

ϕ

4πp

∂ ln
√
A

∂x

⟩
, (2.41)

1

Hcnt
= −

⟨
ρv2ϕ
p

∂ ln
√
A

∂x

⟩
,

1

Hhyd
=

⟨
ρ

p

∂

∂x

(
p

ρ
− GM⊙

r

)⟩
. (2.42)

Hhyd is the density scale height of the atmosphere in the hydrostatic equilibrium when the temperature

profile is given. For the isothermal atmosphere, Hhyd is expressed as follows:

1

Hρ
=

1

Hhyd
=

µg⊙
RgT

r2⊙
r2

dr

dx
. (2.43)

In the expanding flux tube, Hcnt and HBt are always negative and positive, respectively. HBp and Hdyn

are also usually negative and positive, respectively. These correspond to the acceleration by the magnetic

pressure gradient and centrifugal force, as well as the deceleration by the magnetic tension force and dynamical

pressure gradient.

Figure 2.21 shows the dependence of the density scale height on B and vconv. In Figure 2.21(c), Hρ is

plotted to see its dependence on vconv and B. The black and red lines represent the results in the B=29

and 4 G cases, respectively. The thin and thick lines correspond to the results in the vconv/csph =0.07 and

0.21 cases, respectively. There are two local maxima around ∼ 1 Mm and 2.2 Mm in the profile of Hρ when

(B, vconv/csph) =(29 G, 0.21) (thick black line). Neither of them are seen in the vconv/csph = 0.07 case (thin

black line). On the other hand, when B = 4 G, the profiles of Hρ have a single maximum, regardless of

the vconv. In Figure 2.21(d), focus is placed on the case of vconv/csph = 0.21, and Hρ is compared to Hhyd.

Hρ and Hhyd remarkably disagree with each other around 1 Mm in the case of B = 29 G, while they agree

around 2.2 Mm. These suggest that the first local maximum of Hρ is accounted for by the magnetic pressure

gradient and the centrifugal force, while the second one results from higher chromospheric temperature.

Compared to the case of vconv/csph = 0.07, when vconv/csoh = 0.21, Alfvén waves in the lower chromosphere

are naturally amplified and the temperature in the upper chromosphere is increased due to the heating by

the slow shock. This leads to the two local maxima in the profile of Hρ. The single local maximum in the

B = 4 G case corresponds to the first local maximum in the case of (B, vconv/csph) =(29 G, 0.21). This

implies that the chromospheric density scale height does not extend even with a larger vconv because the

chromospheric temperature is less dependent on it compared to that in the case of B = 29 G. This lesser

dependence of chromospheric temperature on vconv would result from the evanescence of the slow shock in

the upper chromosphere with a weak magnetic field.
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Appendix 2.C Axisymmetric and Local spherically Symmetric Co-

ordinate Systems

We note the different curvilinear coordinate systems that have been traditionally employed in 1D models.

The derivation of the basic equations in each coordinate system is described here.

The most general expression of our basic equations in the curvilinear coordinate system are written as

follows:

∂ρ

∂t
+

1

h1h2h3

∑
ϵijk=1

∂

∂xi
(hjhkρvi) = 0 (2.44)

∂

∂t

(
p

γ − 1
+

ρv2

2
+

B2

8π

)
+

1

h1h2h3

∑
ϵijk=1

∂

∂xi

[
hjhk

(
γp

γ − 1
+

ρv2

2
+

B2
j +B2

k

4π

)
vi − hjhk

Bjvj +Bkvk
4π

Bi

]

=
∑
i

ρvi
1

hi

∂

∂xi

(
GM⊙

r

)
− 1

h1h2h3

∑
ϵijk=1

∂

∂xi
(hjhkFci)−Qrad (2.45)

∂(ρvi)

∂t
+

1

hi

∂Πii

∂xi
+

1

hih1h2h3

{
∂

∂xj
(hkh

2
iΠji) +

∂

∂xk
(h2

ihjΠki)

}
=

1

hi

{
Πjj −Πii

hj

∂hj

∂xi
+

Πkk −Πii

hk

∂hk

∂xi
+ ρ

∂

∂xi

(
GM⊙

r

)}
(2.46)

∂Bi

∂t
+

1

hjhk

[
∂

∂xj
{hk(vjBi − viBj)}+

∂

∂xk
{hj(vkBi − viBk)}

]
= 0 (2.47)

∑
ϵijk=1

∂

∂xi
(hjhkBi) = 0, (2.48)

where h1, h2, h3 are the scale factors of the curvilinear coordinate system. v2 = v21+v22+v23 , B
2 = B2

1+B2
2+B2

3 ,

Πij = {p+B2/(8π)}δij + ρvivj −BiBj/(4π).
∑

ϵijk=1 means the summation over a set of even permutation

of (1, 2, 3).

There are two traditional approaches in simplifying the above-mentioned equations into the 1D config-

uration. The first one is the axisymmetric coordinate system based on the assumption that ∂2 = 0 for h2,

h3, r, and other physical quantities, and that B3 = 0 and v3 = 0 (Hollweg et al., 1982; Kudoh and Shibata,

1999; Matsumoto and Shibata, 2010). The poloidal axis x1 represents the outer edge of the magnetic flux

tube (Figure 2.22). The second is the local spherically symmetric coordinate system based on the assumption

that ∂2 = 0 and ∂3 = 0 for h2, h3, r, and other physical quantities (Suzuki and Inutsuka, 2005; Suzuki and

Inutsuka, 2006; Shoda and Yokoyama, 2018). The poloidal axis x1 in this case agrees with the radial axis

of the spherical coordinate system. The scale factors h2 and h3 are specified so that h2h3 ∝ B−1
1 is along

the x1-axis in both coordinate systems. Thereafter, they can be expressed as h−1
2,3 = |∂1(ln

√
B1)|, which

is close to h2,3 = r in the distance where B1 ∝ r−2. By noting x1, x2, and x3 with x, ϕ, and x3 for the

axisymmetric coordinate system or with x(= r), y, and z for the local spherically symmetric coordinate

system, the following equation systems are obtained: in the axisymmetric coordinate system,

∂ρ

∂t
+

1

A

∂

∂x
(ρvxA) = 0 (2.49)
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(a) axisymmetric

x2
x1

(b) local-spherically symmetric

x2, x3

x1=r

r=const.

Figure 2.22: The difference between the (a) axisymmetric and (b) local spherically symmetric coordinate

systems. The poloidal axis x1 is represented by solid black arrows and the toroidal or transverse axis x2 is

represented by thick red arrows. The poloidal axis x1 of the local spherically symmetric coordinate system

agrees with the radial axis, while that of the axisymmetric coordinate system agrees with that of the flux

tube. The example of a“ local sphere” in the local spherically symmetric coordinate system is shown with

the thin red circle in panel (b), the center of which corresponds to the red × symbol. The local sphere is not

the same as the sphere with r = const. unless the magnetic flux tube expands radially (i.e., B1 ∝ r−2).

∂

∂t

(
p

γ − 1
+

1

2
ρv2 +

B2

8π

)
+

1

A

∂

∂x

[
A

{(
γp

γ − 1
+

ρv2

2
+

B2
ϕ

4π

)
vx − Bx

4π
(Bϕvϕ)

}]

= ρvx
∂

∂x

(
GM⊙

r

)
− 1

A

∂

∂x
(AFc)−Qrad (2.50)

∂(ρvx)

∂t
+

∂p

∂x
+

1

A

∂

∂x

{(
ρv2x +

B2
ϕ

8π

)
A

}
− ρv2ϕ

∂ ln
√
A

∂x
− ρ

∂

∂x

(
GM⊙

r

)
= 0 (2.51)

∂(ρvϕ)

∂t
+

1

A
√
A

∂

∂x

{
A
√
A

(
ρvxvϕ − BxBϕ

4π

)}
= 0 (2.52)

∂Bϕ

∂t
+

1√
A

∂

∂x

(√
A(vxBϕ − vϕBx)

)
= 0 (2.53)

BxA = const. (2.54)

dx

dr
=

√√√√1 +

(
d
√
A

dr

)2

. (2.55)

In the local spherically symmetric coordinate system,

∂ρ

∂t
+

1

A

∂

∂x
(ρvxA) = 0 (2.56)
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∂

∂t

(
p

γ − 1
+

1

2
ρv2 +

B2

8π

)
+

1

A

∂

∂x

[
A

{(
γp

γ − 1
+

ρv2

2
+

B2
⊥

4π

)
vx − BxB⊥ · v⊥

4π

}]
= −ρvx

GM⊙

r2
− 1

A

∂

∂x
(AFc)−Qrad (2.57)

∂(ρvx)

∂t
+

∂p

∂x
+

1

A

∂

∂x

{(
ρv2x +

B2
⊥

8π

)
A

}
− ρv2⊥

∂ ln
√
A

∂x
+ ρ

GM⊙

r2
= 0 (2.58)

∂(ρv⊥)

∂t
+

1

A
√
A

∂

∂x

{
A
√
A

(
ρvxv⊥ − BxB⊥

4π

)}
= 0 (2.59)

∂B⊥

∂t
+

1√
A

∂

∂x

(√
A(vxB⊥ − v⊥Bx)

)
= 0 (2.60)

BxA = const. (2.61)

whereB⊥ = (By, Bz) and v⊥ = (vy, vz). Because the two transverse components of the velocity and magnetic

field are taken into account in the local spherically symmetric coordinate system, the circularly polarized

Alfvén waves can only be discussed by using this coordinate system. However, it should be noted that the

simulation result based on the local spherically symmetric coordinate system is not always representative of

the dynamics of the magnetic flux tube in the 3D space, especially for the low-frequency Alfvén waves in the

lower atmosphere wherein the flux tube expands superradially, and gravity cannot be ignored. This is because

it is not always possible to assume both that ∂x(hyhzBx) = 0 and that ∂yr = ∂zr = 0, as required in the local

spherically symmetric coordinate system. In fact, because the local sphere with the curvature radius of hy is

not identical to the sphere radius of r unless Bx ∝ r−2, the gravitational acceleration is not uniform on the

yz plane. Therefore, when Bx expands more strongly than r−2, we can assume ∂yr = ∂zr = 0 only along the

specific direction where the x-axis agrees with the radial axis, and the gravity term, which depends on ∂y,zr,

affects the transverse components of the equation of motion anywhere else. This is why the assumptions that

B3 = 0 and v3 = 0 are imposed in the axisymmetric coordinate system. The magnitude of the gravitational

acceleration in the y component of the equation of motion around (y, z) = (0, 0) is estimated as ρg⊙y/R,

where R = |∂x ln
√
Bx|−1 is the curvature radius of the y-axis. When the flux tube expands exponentially

with the pressure scale height Hp in the lower atmosphere, we find Bx ∝ e−(r−r⊙)/(2Hp) and, thus, R ∼ 4Hp

(see Section 2.2.2). For the propagation of the Alfvén waves with the wavelength λA and the frequency νA,

this gravitational acceleration is not negligible compared to the restoring force ∼ BxBy/(4πλA). In fact,

by using y ∼ vy/νA and By/vy ∼
√
4πρ, it is obtained that [ρg⊙vy/νA/(4Hp)]/[BxBy/(4πλA)] ∼ ν2ac/ν

2
A,

where νac is the acoustic cutoff frequency. This means that the assumption of a local spherically symmetric

coordinate system is not appropriate in describing the propagation of Alfvén waves with a frequency lower

than the acoustic cutoff frequency in 3D space.
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Chapter 3

Nonlinear Alfvén Wave Model of

Stellar Coronae and Winds from the

Sun to M dwarfs

An M dwarf’s atmosphere and wind are expected to be highly magnetized. The nonlinear

propagation of Alfvén waves could play a key role in both heating the stellar atmosphere and

driving the stellar wind. Using this Alfvén wave scenario, we carried out a one-dimensional

compressive magnetohydrodynamic (MHD) simulation to examine the nonlinear propagation of

Alfvén waves from the M dwarf’s photosphere, chromosphere to the corona and interplanetary

space. Based on the simulation results, we developed a semi-empirical method describing the

solar and M dwarf’s coronal temperature, stellar wind velocity, and wind’s mass-loss rate. We

find that M dwarfs’ coronae tend to be cooler than the solar corona, and that M dwarfs’ stellar

winds can be characterized as having a faster velocity and much smaller mass-loss rate compared

to those of the solar wind.

3.1 Introduction

M-type main-sequence stars (M dwarfs) have a highly magnetized atmosphere. Discussion of their magnetic

activities has focused in particular on their impact on the planetary atmosphere (Khodachenko et al., 2007;

Lammer et al., 2007; Scalo et al., 2007; Tarter et al., 2007; Seager, 2013). It is important for studies about

the exoplanets or astrobiology to reveal the underlying physics for the structure of the stellar atmosphere

and wind (Vidotto et al., 2014; Linsky, 2019; Mesquita and Vidotto, 2020).

The most promising mechanism for both heating the stellar atmosphere and driving the stellar wind is

the nonlinear processes related to the Alfvén waves (Velli, 1993; Cranmer and Saar, 2011). Alfvén waves

are responsible for the transfer of magnetic energy in the magnetized plasma, and are involved in energy

conversion to the kinetic or thermal energy of the background media through the nonlinear processes. Based

on this scenario, the three-dimensional (3D) magnetohydrodynamic (MHD) global model for the solar atmo-

sphere and wind (Alfvén Wave Solar Model (AWSoM) by van der Holst et al. (2014)) has been developed

to investigate the stellar wind of M dwarfs and the environments around their planets (Cohen et al., 2014;

Garraffo et al., 2017; Dong et al., 2018; Alvarado-Gómez et al., 2020).

Although these studies discuss the 3D global structure of the stellar wind and magnetic field configuration,
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their applicability is limited due to the following two properties intrinsic to their models. First, the inner

boundary of their models is placed at the “top of the stellar chromosphere,” and the Alfvén wave amplitude

on that height is given by the empirical law (Sokolov et al., 2013). Second, the interaction between the Alfvén

wave and the stellar wind is considered in a much simplified way using analytical, empirical, or phenomeno-

logical terms, because the propagating Alfvén wave cannot be resolved directly in the 3D simulations owing

to the low spatial resolution. The effect of the other compressible waves on the stellar wind and Alfvén wave

propagation is neglected.

These difficulties in the above 3D global model have been addressed by numerical studies about the

nonlinear propagation of Alfvén waves along the single magnetic flux tube in the solar atmosphere from the

photosphere and chromosphere to the corona (Hollweg et al., 1982; Kudoh and Shibata, 1999; Matsumoto

and Shibata, 2010) and solar wind (Suzuki and Inutsuka, 2005; Suzuki and Inutsuka, 2006; Matsumoto and

Suzuki, 2012; Matsumoto and Suzuki, 2014; Shoda et al., 2018; Shoda et al., 2019; Sakaue and Shibata, 2020;

Matsumoto, 2021). These approaches also have been extended to the stellar atmosphere and wind models

(Suzuki et al., 2013; Suzuki, 2018; Shoda et al., 2020), and have revealed that the Alfvén wave amplitude

on the top of chromosphere should be self-consistently determined as a consequence of wave dissipation and

reflection in the chromosphere. In addition, owing to their high-resolution simulations, it is found that,

while the atmosphere and wind are maintained by the energy and momentum transfer by Alfvén waves, its

propagation is affected by the dynamics of atmosphere and wind. These studies highlight the importance of

resolving the local dynamics associated with the Alfvén wave propagation, as well as reproducing the global

structure of the solar and stellar atmosphere and wind.

In this Letter, therefore, we extend our recent solar atmosphere and wind model (Sakaue and Shibata,

2020) to the M dwarf’s atmosphere and wind. By carrying out one-dimensional (1D) time-dependent MHD

simulations, the nonlinear propagation of Alfvén waves in the nonsteady stellar atmosphere and wind is

calculated from the M dwarf’s photosphere and chromosphere to the corona and interplanetary space. The

primary goal of this Letter is to summarize the differences in the reproduced stellar atmosphere and wind

structures between the Sun and M dwarfs. The physical mechanisms for such a diversity of stellar atmospheres

and wind are also discussed here and will be more quantitatively investigated in a subsequent paper (Sakaue &

Shibata, to be submitted), in which we develop the semi-empirical method describing the stellar atmosphere

and wind parameters (coronal temperature, wind velocity and mass-loss rate) based on the simulation results.

3.2 Numerical Setting

The nonlinear propagation of the Alfvén wave in the time-dependent stellar atmosphere and wind is simulated

by using 1D MHD equations based on the axial symmetry assumption of the magnetic flux tube (see Appendix

3.A and Sakaue and Shibata (2020)). The surface of the axisymmetric flux tube is defined by the poloidal

and toroidal axes, which are noted in this study with x and ϕ (Figure 3.1). There are three free parameters

determining the magnetic flux tube configuration used in this study, including the photospheric magnetic

field strength (Bph), chromospheric magnetic field strength (B), and filling factor of the open flux tube on the

photosphere (fph). Among them, Bph is assumed to be equipartition to the photospheric plasma pressure,

and fph is fixed at 1/1600.

By employing the different stellar photospheres as the boundary conditions, we considered the stellar

atmospheres and winds of the Sun and two M dwarfs, including AD Leo (M3.5) and TRAPPIST-1 (M8).

The stellar mass (M⋆),radius (r⋆), and effective temperature (Teff) of AD Leo are 0.47M⊙, 0.46r⊙, and 3473

K, respectively (Maldonado et al., 2015), where M⊙ = 2.0 × 1033 g and r⊙ = 7.0 × 1010 cm are the solar

mass and radius. TRAPPIST-1’s M⋆, r⋆, and Teff are 0.08M⊙, 0.12r⋆, and 2559 K, respectively (Gillon
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et al., 2016). These basic parameters imply that M dwarfs are characterized with the larger gravitational

acceleration (g⋆), shorter pressure scale height of the photosphere (Hph = RTeff/(µphg⋆)), and almost the

same surface escape velocity vesc⋆, compared to the Sun. In fact, log10 g⋆ =4.44, 4.79, and 5.21 for the Sun,

AD Leo, and TRAPPIST-1, respectively. Hph =130, 29, and 6.9 km as well, and vesc⋆ =618, 624, and 511

km s−1.

The outwardly propagating Alfvén wave is excited on the photosphere by imposing the velocity and

magnetic fluctuations on the bottom boundary, which represent the surface convective motion. The mass

density and convective velocity on the photosphere is calculated based on the opacity table presented by

Freedman et al. (2014) and surface convection theory by Ludwig et al. (2002, 1999), and Magic et al. (2015).

The outer boundary is set at r ≳ 100r⋆, and 19200 grids are placed nonuniformly. The numerical scheme is

based on the HLLD Riemann solver (Miyoshi and Kusano, 2005) with the second-order MUSCL interpolation

and the third-order TVD Runge-Kutta method (Shu and Osher, 1988). The heat conduction is solved by

the super-time-stepping method (Meyer et al., 2012). We also performed the parameter survey about the

chromospheric magnetic field strength and the velocity amplitude on the photosphere for each star.

3.3 Typical Simulation Results

After several tens of hours, the stellar wind in the simulation box reaches the quasi-steady state. In the

particular case of the M3.5 dwarf shown in Figure 3.2, it is found that the stellar wind velocity reaches

around 900 km s−1, and that the transition layer appears in the temperature profile around 1 Mm, dividing

the lower-temperature chromosphere and 1 MK corona.

To characterize the physical quantities of quasi-steady state of stellar atmospheres and winds, we inves-

tigate the integrals of the basic equations. First is the integral of the equation of motion, which is obtained

by temporally averaging and spatially integrating Equation (3.6).

v2x(r) = ∆r
p +∆r

pB
+∆r

c +∆r
t +∆r

g. (3.1)

The right-hand side terms are defined as ∆r
p = −2

∫ r

r⋆

⟨
1
ρ
∂p
∂x

⟩
dx, where ⟨·⟩means the temporal average, ∆r

pB
=

−2
∫ r

r⋆

⟨
1
ρ

∂
∂x

(
B2

ϕ

8π

)⟩
dx, ∆r

c = 2
∫ r

r⋆
⟨v2ϕ⟩∂ ln

√
A

∂x dx, ∆r
t = −2

∫ r

r⋆

⟨
B2

ϕ

4πρ

⟩
∂ ln

√
A

∂x dx, and ∆r
g = −v2esc⋆

(
1− r⋆

r

)
,

where vesc⋆ =
√
2GM⋆/r⋆ is the escape velocity on the stellar surface.

Another integral of equation describes the energy flux conservation.

A(FA + F (vx) + Fg + Fc + Frad) = Ltotal = const. (3.2)

where FA = −Bx⟨Bϕvϕ⟩/(4π) is Poynting flux by the magnetic tension (Alfvén wave energy flux), Fg =

−⟨ρvx⟩GM⋆/r is the gravitational energy flux, and Frad = 1
A

∫ x

∞ A⟨Qrad⟩dx′ is the energy flux representing

the radiative energy loss. F (vx) is the sum of enthalpy flux Fent, kinetic energy flux Fkin and the Poynting flux

advected by the stellar wind: Fent = γ⟨pvx⟩/(γ−1), Fkin = ⟨ρv2vx⟩/2, and F (vx) = Fent+Fkin+⟨B2
ϕvx⟩/(4π).

Equation (3.1) and (3.2) are confirmed in Figure 3.3(a) and (b), which show the simulation result of stellar

wind for the M3.5 dwarf. In Figure 3.3(a), the black solid line corresponds to ∆r
p + ∆r

g + ∆r
pB

+ ∆r
t + ∆r

c ,

which agrees well with v2x (thick gray line) as indicated by Equation (3.1). It is most remarkable in Figure

3.3(a) that the stellar wind is mainly driven by the plasma pressure gradient (red solid line). In particular,

the slow shocks excited by the nonlinear process of Alfvén waves greatly contribute to this stellar wind

acceleration, which will be explained in Sakaue & Shibata (to be submitted) in more detail. The magnetic

pressure gradient (green line) contributes to supporting the stellar atmosphere and driving the stellar wind

within r ≲ 10r⋆, but not involved in the further acceleration of stellar wind beyond the distance where the
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Alfvén wave amplitude (orange line) reaches a maximum. The magnetic tension force decelerates the stellar

wind against the acceleration by the centrifugal force (blue line). In Figure 3.3(b), the energy fluxes are

normalized by FmassGM⋆/r⋆, where Fmass is the mass flux and FmassGM⋆/r⋆ ≈ 5 × 103r2⋆/(fr
2) erg cm−2

s−1. It is confirmed that FA, Fg, and Fc determine the energy balance at the coronal height r − r⋆ ∼ 0.1r⋆,

while in the distance (≳ 10r⋆), the kinetic energy flux of the stellar wind (Fkin) dominates the total energy

flux. By defining LA,co, Lg,co, Lc,co as the energy luminosities FAA, FgA, FcA at r = 1.1r⋆ and Lkin,wind as

FkinA at r = 100r⋆, the energy conservation along the magnetic flux tube is approximately expressed as

LA,co ≈ Lkin,wind − Lg,co − Lc,co. (3.3)

The subscript co represents the physical quantities at r = rco = 1.1r⋆. The above relation shows that the

Alfvén wave energy flux is converted to the wind’s energy loss Lkin,wind − Lg,co and the coronal heating loss

−Lc,co. Note that Lkin,wind − Lg,co = Ṁ(v2wind + v2esc⋆)/2, where vwind = vx(r = 100r⋆) is the wind velocity

and Ṁ = ρvxA is the mass-loss rate.

3.4 Stellar Coronae and Winds from the Sun to M Dwarfs

Numerical parameter surveys about the Sun and M dwarfs reveal the diversity of stellar wind velocity (vwind)

and coronal temperature (Tco). Figure 3.4 illustrates the general trends of such characteristics of stellar

atmospheres and winds. In Figure 3.4(a), vwind are plotted as a function of the maximum amplitude of

Alfvén wave in the stellar wind (vϕmax). The tight correlation between them is accounted for, because vϕmax

well represents the strength of slow shocks that drive the stellar winds. The Alfvén wave tends to be more

amplified in the stellar wind when Tco is cooler (Figure 3.4(b)). Figure 3.4(c) shows that Tco increases with

the transmitted Poynting flux into the corona (FA,co), but M dwarfs’ Tco are systematically cooler than that

of the Sun for a given FA,co. Finally, it is confirmed that the wind’s mass-loss rates (Ṁ) are well correlated

with the energy luminosity of the Alfvén wave (LA,co), as shown in Figure 3.4(d).

3.5 Semi-empirical method to predict the characteristics of stellar

atmosphere and wind

In order to comprehend the physical mechanisms causing the relationships presented in Figure 3.4, we devel-

oped a semi-empirical method to calculate vwind, vϕmax, and Tco as functions of given effective temperature

(Teff) and Alfvén wave luminosity on the stellar photosphere (LA,ph). Their derivation of them is briefly

summarized in Appendix 3.B and will be described in Sakaue & Shibata (to be submitted). The solid lines

in Figure 3.4 are the prediction curves of our semi-empirical method. As shown in Figure 3.4, the positive

or negative correlations among the physical quantities are correctly reproduced by our method, although the

simulation results remain scattered around the prediction curves within a factor of ∼ 2. This means that the

following scenario, which is employed in our semi-empirical method, can account for the relationships shown

in Figure 3.4, in both a qualitative and somewhat quantitative manner.

According to our semi-empirical method, the thinner atmosphere of the M dwarf is characterized by an

increase in the temperature gradient in the corona ((gradT )co) for a given Tco. The larger (gradT )co is,

the cooler Tco is for a given LA,ph, so that the energy balance is satisfied between Poynting flux and heat

conduction flux. The cooler Tco of the M dwarf results in lower plasma β for the stellar wind, in which the

amplification of the Alfvén wave is promoted. The larger amplitude of the Alfvén wave is associated with

the stronger slow shocks, which contribute to the faster stellar wind of the M dwarf. The faster vwind and

much smaller surface area of the M dwarf lead to a much smaller Ṁ of the M dwarf’s wind.
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Figure 3.1: Schematic image of axisymmetric magnetic flux tube, the surface of which is defined by the

poloidal x and toroidal ϕ axes. The winding thin lines represent the magnetic field lines, which illustrate the

nonlinear propagation of the Alfvén wave.

By using the established semi-empirical method, we can predict the general trends of vwind, Tco, and

Ṁ , with respect to Teff and LA,ph, as illustrated in Figure 3.5 (see Appendix 3.B). The open circles in this

figure represent the samples of our parameter survey discussed in this Letter, about each of which several

chromospheric magnetic field strengths are tested. The thick dashed line corresponds to the fiducial LA,ph

as a function of Teff , which is calculated from the photospheric magnetic field, filling factor of open magnetic

flux, and the velocity fluctuation of the convective motion. The thick dashed-dotted line corresponds to the

largest LA,ph obtained by assuming that the convective velocity reaches the sound speed on the photosphere.

The thin dashed line represents LA,ph as a function of Teff which results in vwind = vesc⋆. Along the thick

dashed line, it is seen that stellar wind velocity (vwind) and coronal temperature (Tco) are faster and cooler

with decreasing Teff , and that the mass-loss rate (Ṁ) of M-dwarfs’ winds are much smaller than the solar

wind’s value.

3.6 Discussion

Our wind’s mass-loss rates of M dwarfs are typically smaller than those reported by the previous global 3D

stellar wind modelings using AWSoM. The Ṁ of an M8 type star in this study is no more than 6.9×10−17 M⊙

yr−1, while Garraffo et al. (2017) and Dong et al. (2018) showed 3×10−14 M⊙ yr−1 and 4.1×10−15 M⊙ yr−1

for TRAPPIST-1 (M8), respectively. The Ṁ of Proxima Centauri (M5.5) by Garraffo et al. (2016) and EV

Lac (M3.5) by Cohen et al. (2014) are 1.5× 10−14 M⊙ yr−1 and 3× 10−14 M⊙ yr−1, respectively, which are

10−100 times higher than reproduced in our simulation. These much larger mass-loss rates probably originate

in their inner boundary conditions, corresponding to the top of the stellar chromosphere. In particular, our
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Figure 3.2: Temporal variations of the stellar wind velocity (panel (a)) and temperature (panel (b)) in the

case of the M3.5 dwarf (r⋆ = 0.46r⊙). The stellar wind velocity reaches around 900 km s−1. The transition

layer appears in the temperature profile, dividing the lower-temperature chromosphere and 10 MK corona.
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Figure 3.3: Momentum and energy conservations in the stellar wind of the M3.5 dwarf. In panel (a), the

profile of v2x (thick gray line) is compared to the contributions by magnetic pressure acceleration ∆r
pB

(green

line), sum of plasma pressure ∆r
p and gravitational acceleration ∆r

g (red line), and sum of centrifugal force

∆r
c and magnetic tension force ∆r

t . The orange line shows the profile of the square amplitude of the Alfvén

wave. Panel (b) shows the energy fluxes normalized by FmassGM⋆/r⋆, where Fmass is the mass flux and

FmassGM⋆/r⋆ ≈ 5 × 103r2⋆/(fr
2) erg cm−2 s−1. FA, Fkin, Fent, Fg, Frad, Fc, and F (vx) are Alfvén wave

energy flux, kientic energy flux, enthalpy flux, gravitational energy flux, heat conduction flux, and the sum

of enthalpy flux, kinetic energy flux, and Poynting flux advected with the stellar wind, respectively. Ltotal is

the integral constant in Equation (3.2).
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3.6. DISCUSSION

Figure 3.4: Characteristics of stellar atmospheres and winds obtained from the numerical parameter survey.

The symbols represent the simulation results. The parameter survey for each star is carried out for the

velocity amplitude on the photosphere (within (0.04−0.6)× adiabatic sound speeds on the photosphere) and

the chromospheric magnetic field strength (within (0.002 − 0.05)× photospheric magnetic field strengths).

The solid lines correspond to the prediction curves of our semi-empirical method. Panel (a): stellar wind

velocity (vwind) vs. the maximum amplitude of the Alfvén wave in the stellar wind (vϕmax). Panel (b): vϕmax

vs. the coronal temperature (Tco). Panel (c): Tco vs. the transmitted Poynting flux into the corona (FA,co).

Panel (d): Alfvén wave luminosity in the corona (LA,co) vs. stellar wind’s mass-loss rate (Ṁ).
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Figure 3.5: General trends of stellar wind velocity (vwind), coronal temperature (Tco), and wind’s mass-loss

rate (Ṁ), with respect to the effective temperature (Teff) and Alfvén wave luminosity on the photosphere

(LA,ph), which is predicted by our semi-empirical method. The open circles in this figure represent part of

the samples in our parameter survey. The thick dashed line corresponds to the fiducial LA,ph as a function of

Teff . The thick dashed-dotted line corresponds to the largest LA,ph obtained by assuming that the convective

velocity reaches the sound speed on the photosphere. The thin dashed line represents LA,ph as a function of

Teff which results in vwind = vesc⋆.

simulation does not validate their estimation of Alfvén wave energy injection, which is sometimes based on the

widely used assumption of the constant “Poynting-flux-to-field ratio” (Sokolov et al., 2013). It is impossible

for the above 3D modelings to reproduce our results because they are unable to consider the Alfvén wave

dissipation and reflection from the stellar photosphere to the top of the chromosphere more self-consistently

with the present computational resources.

Cranmer and Saar (2011) estimated that the Ṁ of EV Lac (M3.5) is three orders of magnitude smaller

than our simulation results for an M3.5 type star. This is because they assumed much smaller Poynting flux

on the photosphere compared to our simulation. The scaling law for Ṁ proposed by Suzuki (2018) was also

predicted to be 10− 100 times smaller than our estimation. They performed numerical simulations that are

similar to our study, but the low-mass stars with M⋆ ≥ 0.6M⊙ are considered. According to their analysis,

Alfvén wave transmissivity into the corona strongly depends on the stellar effective temperature (∝ T
13/2
eff ),

which possibly leads to the underestimation of Ṁ for cool dwarfs. Finally, we point out that the assumption

of vwind = vesc⋆ used in both Cranmer and Saar (2011) and Suzuki (2018) misleadingly implies that Ṁ

depends on vesc⋆.

Observational measurements of an M dwarf’s stellar wind are still very challenging. In order to quantify

the stellar wind’s properties observationally, Wood et al. (2005) investigated the absorption signatures in

stellar Lyα spectra, leading to the estimation of Ṁ ∼ 2 × 10−14 M⊙ yr−1 for EV Lac (M3.5). They also

suggested an upper limit of Proxima Centauri’s Ṁ ∼ 4× 10−15 M⊙ yr−1. Bourrier et al. (2016) and Vidotto

and Bourrier (2017) deduced Ṁ of GJ 436 (M2.5) to be around (0.45− 2.5)× 10−15 M⊙ yr−1 by analyzing

the transmission spectra of Lyα of GJ 436 b (a warm Neptune). While the observed Ṁ of GJ 436 and the

upper limit on Ṁ of Proxima Centauri is not inconsistent with our results, the observed Ṁ of EV Lac is much

higher than the simulated value. Cranmer and Saar (2011) argued that the coronal mass ejection (CME)
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is possibly related to the observed high mass-loss rate of EV Lac. To clarify what causes the discrepancy

between the observed and simulated Ṁ , further self-consistent modeling is needed for the stellar wind and

astrosphere.

Appendix 3.A Basic Equations

The basic equations in the axial symmetric magnetic flux tube are written as follows:

∂ρ

∂t
+

1

A

∂

∂x
(ρvxA) = 0, (3.4)

∂

∂t

(
p

γ − 1
+

1

2
ρv2 +

B2

8π

)
+

1
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∂
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[
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{(
γp

γ − 1
+

ρv2

2
+

B2
ϕ

4π

)
vx − Bx

4π
(Bϕvϕ)

}]

= ρvx
∂

∂x

(
GM⋆

r

)
− 1

A

∂

∂x
(AFc)−Qrad, (3.5)

∂(ρvx)

∂t
+
∂p

∂x
+

1

A

∂

∂x

{(
ρv2x +

B2
ϕ

8π

)
A

}

− ρv2ϕ
∂ ln

√
A

∂x
− ρ

∂

∂x

(
GM⋆

r

)
= 0, (3.6)

∂(ρvϕ)

∂t
+

1

A
√
A

∂

∂x

{
A
√
A

(
ρvxvϕ − BxBϕ

4π

)}
= 0, (3.7)

∂Bϕ

∂t
+

1√
A

∂

∂x

(√
A(vxBϕ − vϕBx)

)
= 0, (3.8)

dx

dr
=

√√√√1 +

(
d
√
A

dr

)2

. (3.9)

Here, γ represents the specific heat ratio and is set to 5/3 in this study. Fc and Qrad are the heat conduction

flux and radiative cooling term, respectively. r is the distance from the center of the Sun. A is the cross

section of the flux tube (i.e., BxA = const.), and is related to r through the filling factor f as A(r) = 4πr2f(r).

f determines the geometry of the flux tube. The functions for Fc, Qrad, and f(r) are similar to those used

in Sakaue and Shibata (2020).

Appendix 3.B Semi-empirical Method for Stellar Coronae andWinds

The derivation of our semi-empirical method is briefly summarized in this Appendix. More detailed discussion

will appear in our subsequent paper (Sakaue & Shibata, to be submitted).
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In section 3.3, the stellar wind velocity (vwind) is determined according to the integral of equation of

motion (Equation 3.1).

v2wind = ∆p +∆pB
+∆c +∆t +∆g, (3.10)

where vwind is the stellar wind velocity at r = 100r⋆, and ∆p = −2
∫ 100r⋆
r⋆

1
ρ
∂p
∂xdx, ∆pB

= −2
∫ 100r⋆
r⋆

1
ρ

∂
∂x

(
B2

ϕ

8π

)
dx,

∆c = 2
∫ 100r⋆
r⋆

v2ϕ
∂ ln

√
A

∂x dx, ∆t = −2
∫ 100r⋆
r⋆

B2
ϕ

4πρ
∂ ln

√
A

∂x dx, and ∆g = −v2esc⋆
(
1− 1

100

)
. They are characterized

by the maximum amplitude of Alfvén wave in the stellar wind (vϕmax) as follows:

∆p +∆g = a1,1ṽ
k1,1

ϕmax, ∆c = a1,2ṽ
k1,2

ϕmax, ∆t = −a1,3ṽ
k1,3

ϕmax, ∆pB
= a1,4|∆̃c + ∆̃t|k1,4 . (3.11)

where ṽϕmax = vϕmax/(300 km s−1), ∆̃c = ∆c/(319
2 (km s−1)2), ∆̃t = ∆t/(319

2 (km s−1)2). The coefficients

(a1,1, a1,2, a1,3, a1,4) and power-law indices (k1,1, k1,2, k1,3, k1,4) are determined based on our simulation

results

a1,1 = 6532, a1,2 = 5852, a1,3 = 6662, a1,4 = 4722,

in unit of (km s−1)2.

k1,1 = 2.31, k1,2 = 2.04, k1,3 = 2.12, k1,4 = 0.682.

vϕmax is negatively correlated with the plasma β at the position where Alfvén wave amplitude reaches

the maximum (βϕmax).

vϕmax = a2β
−k2

ϕmax, (3.12)

where a2 = 286 km s−1 and k2 = 0.171.

βϕmax is determined by the coronal temperature Tco and vwind.

βϕmax = a3

(
T̃co

ṽwind

)k3

, (3.13)

where T̃co = Tco/(10
6 K), ṽwind = vwind/(600 km s−1). a3 = 2.09× 10−2 and k3 = 1.85.

The coronal temperature (Tco) is determined by the balance between heat conduction flux and the trans-

mitted Poynting flux into the corona, according to the energy conservation law (Equation (3.3)). This is

similar to the analytical models of quiescent and flaring coronal loops (Rosner et al., 1978; Yokoyama and

Shibata, 1998). Hereafter, we discuss the following equation, which is obtained by dividing the both sides of

Equation (3.3) with LA,co.

αc/A = 1− αwind/A(1 + v2esc⋆/v
2
wind), (3.14)

where αc/A and αwind/A represent the energy conversion efficiency from LA,co to Lc,co and Lkin,wind (i.e.,

Lc,co = −αc/ALA,co and Lkin,wind = αwind/ALA,co). Note that when vwind < vesc⋆, αc/A is often quenched

to zero, which means that the approximation for Equations (3.3) and (3.14) become invalid. To avoid this

problem, we assumed the monotonic increase in Lc,co with LA,co. i.e., ∂ lnαc/A/∂ lnLA,co > −1.

We also confirmed that the coefficient αwind/A is almost invariant in our parameter survey about the

stars, chromospheric magnetic field strengths, and energy inputs from the photosphere, namely αwind/A =

0.442± 0.166. Therefore, αwind/A is assumed to be constant in this study. It should be noted that, however,

αwind/A possibly depends on the filling factor of open flux tube (fph), which is beyond our present parameter

survey.
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By defining the spatial scale of expanding magnetic flux tube (lB) as below, the coronal temperature (Tco)

is estimated as Equation (3.16).

lB =

∫ B/Bx,co

1

∣∣∣∣d lnBx

dx

∣∣∣∣−1

d

(
Bx

Bx,co

)
(3.15)

Tco = a4

[{
1− αwind/A

(
1 +

v2esc⋆
v2wind

)}
F̃A,co l̃B

]k4

, (3.16)

where B and Bx,co are the magnetic field strengths in the chromosphere and corona. F̃A,co = FA,co/(10
5 erg

cm−2 s−1), l̃B = lB/r⊙. a4 = 1.62 × 106 K, k4 = 0.256. Note that lB is determined only by the assumed

geometry of magnetic flux tube.

Finally, LA,co should be expressed as a product of LA,ph which is the Alfvén wave luminosity on the

stellar photosphere and the transmissivity of Alfvén wave from the photosphere to corona (αco/ph, i.e.,

LA,co = αco/phLA,ph). The dissipation and reflection of Alfvén wave in the stellar chromosphere could reduce

αco/ph.

αco/ph is well described by the Alfvén travel time from the photosphere to the corona (τA,co), especially

the normalized one by the typical wave frequency of Alfvén wave (νA). We interpreted νA with the acoustic

cutoff frequency of stellar photosphere (νac), and found the following:

αco/ph = a5,1(τA,coνac/a5,2)
k5 , (3.17)

where a5,1 = 2.41 × 10−2 and a5,2 = 1.04. k5 = 1.25 when τA,coνac < 1.04, and otherwise, k5 = −1.10.

τA,coνac is empirically expressed as a function of g⋆, chromospheric magnetic field strength (B), and velocity

amplitude on the photosphere (vph):

τA,coνac = a6g̃
k6,1
⋆

(
B

Bph

)−k6,2 (
vph
cs,ph

)k6,3

, (3.18)

where cs,ph andBph are the adiabatic sound speed and magnetic field strength on the photosphere. a6 = 0.921,

k6,1 = 0.240, k6,2 = 0.408, and k6,3 = 0.697.

Based on Equations (3.15)−(3.18), Tco is obtained as a function of vwind and LA,ph (or vph) by specifying

the basic parameters (g⋆, Bph, B, cs,ph, vesc⋆, αwind/A, lB). These parameters can be related to the stellar

effective temperature Teff by limiting our discussion to the main-sequence stars’ atmospheres and winds. On

the other hand, Equations (3.10)−(3.13) show that vwind should be determined implicitly when Tco is given.

By using some iterative method, therefore, Tco and vwind are calculated for given LA,ph and Teff . From the

obtained vwind and the definition of Lkin,wind, the mass-loss rate of stellar wind (Ṁ) is expressed as follows:

Ṁ = 2αwind/Aαco/ph
LA,ph

v2wind

(3.19)

Sakaue & Shibata (2021) will explain the derivation of the above coefficients (a1,1, a1,2, a1,3, a1,4, a2,

a3, a4, a5,1, a5,2, a6) and power-law indices (k1,1, k1,2, k1,3, k1,4, k2, k3, k4, k5, k6,1, k6,2, k6,3) with more

simulation results for some M dwarfs (M0, M5, M5.5).
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Chapter 4

Concluding Remarks

As noted in Section 1.1.2, the study on M-dwarf’s magnetic activities is motivated by the following scientific

interests. The first interest is in whether physical mechanisms for the M-dwarf’s and solar magnetic activities

can be understood in a unified way. The second interest is in the influence of M-dwarf’s magnetic activities

on the interplanetary space and exoplanets.

Through the study described in Chapter 2, we found a possibility that the stellar magnetic flux tube

cannot guide the Poynting flux from the surface convection layer to the stellar corona, when the Alfvén wave

is too highly nonlinear in the stellar chromosphere. This is caused because the twisting magnetic flux tube

with large inertia cannot be restored by the Lorentz force of propagating Alfvén wave. The strong shear flow

driven by the competing of inertia force with Lorentz force results in the chromospheric intermediate shock.

The importance of our finding is that, first, this phenomenon is expected to be ubiquitous around the stellar

chromospheres. We derived the following scaling law as the requirement for inducing the chromospheric

intermediate shock.

vconv/csph ≳ 4.2

√
B/Bph, (4.1)

where vconv, csph, B, and Bph are the convective velocity, sound speed on the photosphere, chromospheric

magnetic field strength, and the photospheric magnetic field strength, respectively. That means the limitation

of the transmission of Poynting flux into the corona is expected to be ubiquitously observed in the weak

chromospheric magnetic field environment. Another important feature of our finding is that the dynamics

and emission of the upper chromosphere to the corona is not necessarily correlated with those of the lower

to middle chromospheres. In fact, as a result of the formation of chromospheric intermediate shock, the

dynamics of spicule becomes independent of the energy input from the photosphere (Figure 2.5). This result

highlights the importance of considering the energy transfer and dissipation of Alfvén wave in the lower

atmosphere where the wave nonlinearity rapidly grows with height, for the discussion about the dynamics of

upper chromosphere, coronal heating, and stellar wind acceleration.

Through the study described in Chapter 3, we could directly address the second scientific interest. Because

our estimates of mass-loss rate of M-dwarf’s wind is much smaller than those previously reported by three-

dimensional (3D) magnetohydrodynamics (MHD) global modelings, it would be necessary to reassess the

interplanetary environment around the M-dwarf’s planets. In addition, it is remarkable that, for the first

time, we identified the definitive role of slow shock which is excited by nonlinear Alfvén wave in the stellar

wind acceleration. Because the contribution of such compressible waves to the stellar wind acceleration

has been totally neglected in the 3D MHD global modeling, our finding again highlights the importance of

resolving the nonlinear propagation of Alfvén wave in the non-steady stellar wind. Finally, we summarize
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Figure 4.1: Schematic chart to explain the physical mechanisms for differences in the coronal temperature

(Tco), wind velocity (vwind), and mass-loss rate (Ṁ) between the Sun and M dwarfs.

the physical mechanisms for differences in the coronal temperature (Tco), wind velocity (vwind), and mass-

loss rate (Ṁ) between the Sun and M dwarfs. From the Sun to M dwarfs, the stellar radius (r⋆) decreases

and the transmitted Alfvén wave energy into the corona (LA,co/(4πr
2
⋆)) decreases slightly. The smaller

LA,co/(4πr
2
⋆) is, the smaller |Lc,co|/(4πr2⋆), which represents the conduction flux, is. Combining the smaller

r⋆ and |Lc,co|/(4πr2⋆), Tco tends to be cooler in M dwarfs. The cooler coronal temperature is associated

with lower plasma β of stellar wind, in which the amplification of Alfvén wave (vϕmax) is promoted. The

larger vϕmax could excite the stronger slow shock, leading to the significant contribution to the stellar wind

acceleration (∆shock). On the other hand, because of smaller LA,co/(4πr
2
⋆), the kinetic energy flux of M

dwarf’s stellar wind (Lkin,wind/(4πr
2
⋆)) tends to be smaller. The smaller Lkin,wind/(4πr

2
⋆) and faster vwind

lead to the smaller mass flux Ṁ/(4πr2⋆), which prevent |Lc,co|/(4πr2⋆) from continuously decreasing.
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