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A B S T R A C T 

Supermassive stars (SMSs) and heavy seed black holes, as their remnants, are promising candidates for supermassive black hole 
(SMBH) progenitors, especially for ones observed in the early universe z � 8 . 5 − 10 by recent JWST observations. Expected 

cradles of SMSs are the atomic cooling haloes ( M halo � 10 

7 M �), where ‘cold accretion’ emerges and possibly forms SMSs. 
We perform a suit of cosmological radiation hydrodynamics simulations and investigate star formation after the emergence of 
cold accretion, solving radiative feedback from stars inside the halo. We follow the mass growth of the protostars for ∼ 3 Myr , 
resolving the gas inflow down to ∼ 0 . 1 pc scales. We disco v er that, after cold accretion emerges, multiple SMSs of m � � 10 

5 M �
form at the halo centre with the accretion rates maintained at ṁ � � 0 . 04 M �yr −1 for � 3 Myr . Cold accretion supplies gas 
at a rate of Ṁ gas � 0 . 01 − 0 . 1 M �yr −1 from outside the halo virial radius to the central gas disc. Gravitational torques from 

spiral arms transport gas further inwards, which feeds the SMSs. Radiative feedback from stars suppresses H 2 cooling and disc 
fragmentation, while photoe v aporation is pre v ented by a dense env elope, which attenuates ionizing radiation. Our results suggest 
that cold accretion can bring efficient BH mass growth after seed formation in the later univ erse. Moreo v er, cold accretion and 

gas migration inside the central disc increase the mass concentration and provide a promising formation site for the extremely 

compact stellar clusters observed by JWST . 

Key words: stars: Population III – galaxies: formation – quasars: supermassive black holes. 
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 I N T RO D U C T I O N  

ecent studies reveal the presence of over 200 active galactic nuclei
AGNs) at redshifts z = 6 − 10, suggesting that supermassive black
oles (SMBHs) with masses ranging from 10 6 to 10 10 M � already
ormed at the time when the universe was a few × 0 . 1 Gyr old
e.g. Mortlock et al. 2011 ; Ba ̃ nados et al. 2018 ; Inayoshi, Visbal &
aiman 2020 ; Volonteri, Habouzit & Colpi 2021 ; Wang et al. 2021 ).
he formation of these SMBHs is one of the greatest mysteries

n modern astrophysics, as it appears to be highly challenging for
hem to form in such a short duration. Remarkable disco v eries of
igh-z SMBHs at z � 8 . 5 − 10 by deep observations with the JWST
Kokorev et al. 2023 ), combined with Chandra (Bogd ́an et al. 2024 ;
ov ́acs et al. 2024 ), make the situation more serious. 
One possible formation channel for those high-z SMBHs is mass

rowth from the remnant BHs of Population (Pop) III stars with m • ∼
0 1 −3 M � formed in mini-haloes with M halo ∼ 10 5 −6 M � (light seed
odel; Bromm, Coppi & Larson 1999 ; Abel, Bryan & Norman 2002 ;
romm, Coppi & Larson 2002 ; Yoshida et al. 2003 , 2006 ; Hosokawa
t al. 2011 ; Hirano et al. 2014 ; Susa, Hase ga wa & Tominaga 2014 ;
ugimura et al. 2020 , 2023 ). If the mass accretion rate onto such
Hs is maintained continuously at the Eddington rate, this scenario
annot explain the SMBHs observed at z � 8 . 5. Furthermore, the
 E-mail: kiyuna@tap.scphys.kyoto-u.ac.jp 
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ass accretion rate decreases below Eddington rate due to radiation
eedback (e.g. Alvarez, Wise & Abel 2009 ; Milosavljevi ́c et al. 2009 ;
ark & Ricotti 2011 , 2012 , 2013 ; Aykutalp et al. 2014 ; Smith et al.
018 ). 
An alternative pathway for the SMBH formation is the heavy seed
odel, where supermassive stars (SMSs) collapse and generate seed
Hs with m • ∼ 10 4 −6 M � (Bromm & Loeb 2003 ). They potentially
merge out of the pristine gas cloud within atomic cooling haloes
ACHs) with masses of M halo ∼ 10 7 −8 M �. SMS formation begins
ith the collapse of a cloud triggered by ef fecti ve Ly- α cooling,
hen H 2 cooling is inhibited. In this scenario, extremely rapid

ccretion onto a protostar at rates Ṁ ∼ 0 . 1 M �yr −1 facilitates SMS
ormation within the stellar lifetime, ∼ Myr (Latif et al. 2013 ; Chon,
osokawa & Yoshida 2018 ). The SMS formation in ACHs benefits

he subsequent mass growth of the heavy seed BHs. In ACHs, the
as dissipates its internal energy and concentrates to the halo centre
ue to Ly α cooling. Given that these seed BHs are formed at the
ery centre of the halo, they can grow efficiently in dense gas. Cold
ccretion will accumulate the gas to the halo centre and help efficient
rowth (Di Matteo et al. 2012 ). 
During standard Pop III star formation, H 2 molecules act as

f fecti ve coolants, lo wering the gas temperature to around T � 200 K
nd thus hindering SMS formation. Various authors have proposed
ifferent physical mechanisms to inhibit H 2 cooling. These include
ntense Lyman-Werner (LW; 11 . 2 eV ≤ hν ≤ 13 . 6 eV ) background
adiation originating from nearby galaxies (Omukai 2001 ; Dijkstra
© 2024 The Author(s). 
ty. This is an Open Access article distributed under the terms of the Creative 
ch permits unrestricted reuse, distribution, and reproduction in any medium, 

provided the original work is properly cited. 

http://orcid.org/0009-0008-1579-8023
http://orcid.org/0000-0003-3127-5982
http://orcid.org/0000-0002-2912-3923
mailto:kiyuna@tap.scphys.kyoto-u.ac.jp
https://creativecommons.org/licenses/by/4.0/


Supermassive star formation 3917 

e  

I  

(  

2
m

 

c
c  

b  

c
H  

m  

(  

2  

t
e
o
T  

I
s  

o
b  

2  

s
u

 

K  

A
c
M  

e
h
t  

d
S
e
a
n
w
a  

f
p
i  

o

s
s
t
P
b
b  

P
t  

i  

g  

t
s
c  

e
a

o

S  

t  

S  

t  

f
a

2

W  

c
(  

t  

(
t  

T  

t
s

P  

�  

l

2

W  

o  

W  

a  

z

 

2  

W  

b  

v  

a  

I  

D
m

 

i  

K  

t  

F  

i

2

W  

a
u
t
r
H

f  

R  

t  

2  

J  

n
l  

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article/534/4/3916/7825884 by Kyoto D
aigaku Johogakukenkyuka Tosho user on 29 N

ovem
ber 2024
t al. 2008 ; Shang, Bryan & Haiman 2010 ; Sugimura, Omukai &
noue 2014 ; Chon et al. 2016 ), turbulence caused by halo mergers
Wise et al. 2019 ; Regan et al. 2020 ; Latif et al. 2022 ; Toyouchi et al.
023 ), and the relative streaming motion between baryons and dark 
atter (Hirano et al. 2015 ; Schauer et al. 2017 ). 
Inayoshi & Omukai ( 2012 ) proposed a model in which SMSs

an form in a high-temperature cloud, which is shock-heated by 
old accretion. When a gas cloud is compressed by shocks, the gas
ecomes both dense ( n � 10 4 cm 

−3 ) and hot ( T � 8000 K). In such
ase, H 2 is collisionally dissociated and the cloud collapses without 
 2 cooling. Cold accretion is a phenomenon found in studies of
ature galaxy formation ( M halo ∼ 10 10 −12 M �) at lower redshifts

Birnboim & Dekel 2003 ; Kere ̌s et al. 2005 ; Dekel & Birnboim
006 ; Dekel et al. 2009 ), which involves the gas stream reaching
he halo centre before experiencing virialization shocks due to 
f ficient radiati ve cooling. Dense and strong shocks are generated 
nly near the halo centre with post-shock temperatures around 
 ∼ T vir � 10 4 K, which is potentially available for SMS formation.
nayoshi & Omukai ( 2012 ) investigated the thermal evolution when 
hock heating occurs in the ACH and the possibility of the formation
f SMSs by the one-zone model, including shock heating caused 
y the cold accretion in ACHs (Greif et al. 2008 ; Wise & Abel
008 ). Ho we ver, Fernandez et al. ( 2014 ) performed cosmological
imulations and showed that cold accretion does not occur, at least 
ntil their simulation end with the first cloud collapse in ACHs. 
In our previous work Kiyuna, Hosokawa & Chon ( 2023 ) (hereafter

23 ), we have studied the emergence of the cold accretion in
CHs and whether it causes SMS formation. We have found that 
old accretion does emerge in ACHs when their mass exceeds 
 halo ∼ 10 7 M �, while normal Pop III stars form slightly before its

mergence. Cold accretion transports filamentary gas flows into the 
alo centre, forming a dense rotation-supported disc. We have shown 
he presence of hot and dense gas within the disc, where collisional
issociation of H 2 molecules occurs efficiently. Instead of following 
MS formation by simulations, we post-processed the snapshot to 
stimate the maximum amount of the hot and dense gas potentially 
vailable for SMS formation. This limitation arose because we did 
ot include the radiation emitted by Pop III stars within the same halo, 
hich prevented us from quantitatively evaluating the amount of hot 

nd dense gas. In reality, these stars serve as sources of radiative
eedback, potentially photodissociating H 2 molecules in the disc to 
romote the formation of SMSs. Concurrently, these stars could also 
onize the gas, leading to disc photoe v aporation. We have to update
ur simulations, considering such internal stellar radiative feedback. 
In this study, we perform cosmological radiation hydrodynamics 

imulations to explore the onset of cold accretion and subsequent 
tar formation influenced by radiative feedback from stars within 
he same halo. Fig. 1 illustrates the evolutionary outline we follow. 
revious studies, including K23 , have shown that with a moderate 
ackground LW radiation, normal Population III star formation 
egins when T vir � 10 4 K ( M halo ∼ 10 7 M �). We refer to these
opulation III stars as the ‘preceding star’, as its formation precedes 

he emergence of the cold accretion. The onset of the cold accretion
s delayed since the radiation by the preceding star e v acuates the halo
as. Once the cold accretion channels a substantial amount of gas into
he halo centre, it triggers further star formation. These ‘subsequent 
tars’ also cause radiative feedback, which affects the thermal and 
hemical conditions of the gas in the dense gas disc. We study the
ntire evolution, specifically to investigate whether SMSs emerge 
mong the subsequent stars following the advent of cold accretion. 

The organization of this paper is as follows. Section 2 outlines 
ur simulation methodology. Our simulation results are presented in 
ection 3 . We focus on the development of cold accretion with radia-
ive feedback in Section 3.2 . Section 3.3 discusses the emergence of
MSs following the onset of cold accretion. In Section 4 , we examine

he combined effects of cold accretion and radiative feedback on star
ormation. Discussions and summaries are provided in Sections 5 
nd 6 , respectively. 

 M E T H O D S  

e perform a series of cosmological N -body + smoothed parti-
le hydrodynamics (SPH) simulations using the code GADGET-3 
Springel 2005 ), as in K23 (see Sections 2.1 and 2.2 ). We impro v e
he spatial resolution to follow the star formation more in detail
Section 2.3 ). We also consider stellar radiative feedback, solving 
he transfer of radiation emitted by massive protostars (Section 2.4 ).
he simulation extends for � 3 Myr after the onset of cold accretion,

racking the long-term evolution of star formation considering the 
tellar radiative feedback. 

Throughout the paper, we adopt the cosmological parameters of 
LANCK13 with the following values: �m 

= 0 . 3086, �� 

= 0 . 6914,
b = 0 . 045, h = 0 . 6777, σ8 = 0 . 8288, n spec = 0 . 9611 (Planck Col-

aboration XVI 2014 ). 

.1 N -body + zoom-in SPH simulation 

e generate cosmological initial conditions at z = 99 with a volume
f V = (1 h 

−1 cMpc ) 3 using the code MUSIC (Hahn & Abel 2013 ).
e use the same random seed as ‘halo-A’ in K23 , where the cold

ccretion emerges at the earliest epoch among the three halo samples,
 � 18. 

We first perform a dark matter (DM) only N -body simulation with
56 3 particles. The mass of each DM particle is m DM 

= 4360 h 

−1 M �.
e identify the position of the most massive halo in the simulation

ox. We set a zoom-in region around the specified halo with a
olume of (0 . 4 h 

−1 cMpc ) 3 and regenerate the initial conditions
t z = 99 consistent with the random field at the base resolution.
nside the zoom-in region, we ef fecti vely place (1024) 3 gas and
M particles. The mass resolutions inside the zoom-in region are 
 DM 

= 68 h 

−1 M � for DM and m gas = 11 . 6 h 

−1 M � for gas. 
We perform a N -body + SPH + Ray-tracing simulation from this

nitial condition. The calculation proceeds in the same way as in
23 up to the epoch of the normal Pop III star formation before

he onset of cold accretion (the formation of ‘preceding star’ in
ig. 1 ). Following this phase, we continue to examine star formation,

ncorporating radiative feedback from stars. 

.2 Chemical network and thermal processes 

e assume zero metallicity (Z = 0) for all the gas particles and solve
 non-equilibrium chemistry network with H , H 

+ , e −, H 

−, and H 2 

sing an implicit scheme. We follow the non-equilibrium evolution of 
he thermal energy considering radiative processes by Ly α emission, 
o-vibrational transition of H 2 , and continuum processes related to 
 atom following Matsukoba et al. ( 2021 ). 
We include the LW background radiation to suppress the star 

ormation in the mini-haloes with M halo � 10 6 M � (Haiman, Abel &
ees 2000 ). We set the blackbody spectrum with ef fecti ve tempera-

ure T eff = 10 4 K and the intensity J 21 = 10, which is typical at z �
0 − 10 (Dijkstra et al. 2008 ; Holzbauer & Furlanetto 2012 ), where
 21 is the specific intensity at the LW band ( hν = 11 . 2 − 13 . 6 eV )
ormalized by 10 −21 erg cm 

−2 s −1 Hz −1 str −1 . This value is much 
ower than the critical intensity for which H 2 cooling is completely
MNRAS 534, 3916–3935 (2024) 
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Figure 1. A schematic picture showing the evolution outline followed by our cosmological radiation hydrodynamics simulations. 
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isabled, i.e. J 21 , crit � 10 2 for T eff = 10 4 K (Omukai 2001 ; Shang
t al. 2010 ; Sugimura et al. 2014 ). We consider the self-shielding
ffect against LW background (Wolcott-Green, Haiman & Bryan
011 ), measuring the column density as N H 2 = n H y H 2 λJeans , where
 H 2 is H 2 fraction and λJeans is the local Jeans length. We note that this
ffect is neglected in K23 , where ignoring radiative feedback makes
t difficult to assess the strength of the LW field. We consider the
hotoionization of H, photodissociation of H 2 , and photodetachment
f H 

− by the radiation emitted by stars forming within the halo,
hich will be described in Section 2.4 . 

.3 Sink prescription and particle splitting 

e introduce a sink particle once the density exceeds n H, th , largely
ollowing the method described in K23 . We differently set the
hreshold density for the ‘preceding star’ and ‘subsequent stars’,
hich form before and after the onset of cold accretion (Fig. 1 ). 
We set n H , th = 2 × 10 6 cm 

−3 for the preceding star, which forms
t z = 18 . 9 before the emergence of cold accretion (see Fig. 1 and
ection 3.2 ). We set the radius of the sink particles to be three

imes the smoothing length of the SPH particle at the sink formation.
he resulting sink radius is r sink � 1 pc for the preceding star. Note

hat this sink radius is not small enough to follow the formation
f the individual Pop III stars. For this reason, we use a particular
reatment to model the radiative feedback from the preceding star
see Section 2.4.1 ). 

To better resolve the subsequent star formation, we perform
article splitting just after the preceding star formation for the
articles within a radius of 40 h 

−1 ckpc � 3 kpc around it. Following
itsionas & Whitworth ( 2002 ), each gas particle is split into 13
aughter particles (Chon, Hosokawa & Omukai 2021 , for detail).
he mass of the split gas particle is m gas = 0 . 89 h 

−1 M �. With the
mpro v ed resolution, we set a higher threshold density to create sink
articles n H , th = 2 × 10 8 cm 

−3 and a smaller sink radius 0 . 1 pc .
e also shrink the sink radius of the preceding star particle from
 to 0 . 1 pc , according to the resolution enhancement. This length
orresponds to the Bondi radius of a star with mass m � = 10 3 M �
n the ambient gas with a temperature of T = 10 4 K. This indicates
hat we can safely resolve gas accretion onto the sink particles for
tars with masses larger than ∼ 10 3 M �. 

We allow the merger of sink particles once the separation of a
air of sink particles becomes smaller than the sum of sink radii. To
uppress spurious fragmentation before the sink formation, we turn
ff the cooling at the density n H > n H , ad ≡ 0 . 5 × n H, th (Chon et al.
018 ; Susa 2019 ). 
NRAS 534, 3916–3935 (2024) 
We can only resolve the gravitational collapse of the gas with
 � 10 3 K, where the Jeans mass at the sink formation is resolved by
ore than 80 gas particles (Bate & Burkert 1997 ). In our simulation,
 small portion of the gas at n H ∼ 10 8 cm 

−3 is efficiently cooled
ia H 2 cooling below T ∼ 10 3 K. That cold gas component can
orm Pop III stars with m � � 10 2 M �, which will be unresolved
n our simulation. Since our goal is to study the formation of
MSs, we follow the formation of Pop III stars with m � � 10 3 M �

ncluding SMSs, neglecting the formation of such less massive
tars. 

.4 Radiati v e feedback models and radiation transfer 

e incorporate radiative feedback from protostars, assuming their
pectra to be blackbody with luminosity L and ef fecti ve temperature
 eff . We differently treat stars forming before and after the onset of

he cold accretion (i.e. the preceding and subsequent stars as referred
o in Fig. 1 ). 

.4.1 Before the emergence of cold accretion 

n our simulation, the preceding star forms before the cold accretion
merges, at which we have yet to perform particle splitting. The
uminosity of the preceding star L p is given by 

 p = ηL Edd ( m � ) , (1) 

here η is the non-dimensional parameter and m � is the mass of the
tar particle. We take η = 0 . 03 as a fiducial value for the following
easons. In the preceding star formation, our mass resolution is
nsufficient to estimate the stellar mass (see Section 2.3 ). We assume
0 per cent of the mass of the sink particle 3000 M � is converted into
tars, following the result of radiation hydrodynamic simulations by
irano et al. ( 2014 ). This assumption gives a single 300 M � star,
hose luminosity is � 30 per cent of the Eddington v alue, follo wing
D stellar evolution calculations (e.g. Hosokawa et al. 2013 ). Since
he Eddington luminosity is proportional to the stellar mass, the
uminosity in the fiducial model is L p ( m � ) = 0 . 3 × L Edd (0 . 1 m � ) =
 . 03 L Edd ( m � ), yielding η = 0 . 03. We assume that the ef fecti ve
emperature is T eff = 10 5 K, typical to the Pop III zero-age main-
equence (ZAMS) stars (Bromm et al. 2001 ; Hosokawa et al. 2013 ).
n Appendix A , we explain how varying the feedback efficiency η
ffects our results. We discuss the expected effect of the lifetime and
he supernova feedback in Sections 5.2 and 5.3 . 
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.4.2 After the emergence of cold accretion 

e regard sink particles forming after the emergence of cold 
ccretion as individual stars, for which we employ the higher spatial 
esolution. We assume the stellar luminosity to be the Eddington 
uminosity, L = L Edd ( m � ) = 1 . 2 × 10 41 erg s −1 ( m � / 10 3 M �), which
ives a good approximation of the massive stars with m � � 10 3 M �.
We model the stellar ef fecti ve temperature as a function of the mass

ccretion history, based on the stellar evolution calculations (e.g. 
osokawa et al. 2013 ). We consider that the ef fecti ve temperature

mmediately falls to T eff = 5000 K once the accretion rate exceeds
˙  � crit = 0 . 04 M �yr −1 , assuming an inflated stellar envelope with
ery rapid accretion. When the accretion rate drops below ṁ � crit , the 
tar experiences KH contraction, where the ef fecti ve temperature is
ept 5000 K until the time interval from the last epoch of ṁ � > ṁ � crit 

xceeds the surface KH time-scale given by Sakurai, Inayoshi & 

aiman ( 2016 ), 

 KH = 1 . 0 × 10 4 yr 

(
m � 

5 × 10 4 M �

)
. (2) 

fter the KH contraction stage, the ef fecti ve temperature depends on
he accretion rate and is given by T eff = 3 × 10 4 K for 0 . 004 <
˙  � < 0 . 04 M �yr −1 , and T eff = 10 5 K for ṁ � < 0 . 004 M �yr −1 .
ur assumption of T eff = 10 5 K applies to ZAMS stars, as low

ccretion rates allow the KH contraction to persist until hydro- 
en burning begins. The transitional regime where T eff = 3 ×
0 4 K is moti v ated by the ‘oscillatory’ e volution of the stel-
ar radius under these conditions (Omukai, Schneider & Haiman 
008 ; Hirano et al. 2014 ). The mass accretion rate is measured
nd averaged for every 10 4 yr , the dynamical time at the sink
urface. 

We also investigate an additional shielding of stellar radiation 
y the gas supposedly existing inside the sink particle, though it
ltimately turns out to be a minor effect. The sink particle method
annot resolve the dense gas that will be present very close to a
tar in reality. We assume that the stellar UV radiation is completely
bsorbed when the following condition is satisfied. We consider the 
ass-loss rate by photoe v aporation of an ‘unresolved’ disc within 

he sink as 

˙  PE = 1 . 5 × 10 −2 M �yr −1 

(

 EUV 

10 52 s −1 

)1 / 2 ( r sink 

10 4 au 

)1 / 2 
(3) 

Tanaka, Nakamoto & Omukai 2013 ), where 
 EUV ( L, T eff ) is the
V emissivity at hν ≥ 13 . 6 eV , and r sink is the sink radius which is

ssumed to be the size of the unresolved disc. We assume that no UV
hotons escape from a sink particle when the mass accretion rate onto
he sink exceeds the above photoe v aporation rate, supposing that the
nresolved disc blocks the UV radiation. We do not consider possible
irectional dependence of the escape fraction, although it may be 
ore realistic. In addition, we also assume that H 

− dissociating 
hoton ( hν � 2 eV ) is al w ays optically thin and unshielded by the
nresolved disc. 

.4.3 Radiation transfer 

e solve the transfer of the UV radiation and H 2 column density
y using a ray-tracing method based on Susa ( 2006 ), which has
lready been implemented and validated in the previous studies 
Chon & Latif 2017 ; Chon et al. 2024 ). In this scheme, we calculate
ptical depths for ionizing photon ( hν ≥ 13 . 6 eV ) τion and for H 2 

issociating photons (11 . 2 eV ≤ hν ≤ 13 . 6 eV ) τLW 

, as well as the
olumn density of H 2 . We attenuate the UV intensity by exp ( −τ )
nd determine the effect of the self-shielding of H 2 based on the
olumn density of H 2 (Wolcott-Green et al. 2011 ). 

 RESULTS  

.1 Ov erall ev olution 

ur simulation shows that the cold accretion emerges during the 
ormation of the atomic cooling halo, and the massive gas accretion
ue to cold accretion induces the formation of SMSs. Fig. 2
ummarizes the o v erall evolution of the formation of SMSs, showing
he density distributions for the different time epochs and spatial 
cales. The top panel shows the gas distribution at 7 kpc scale, and
he gas along the filamentary structures brings a large amount of the
as into the atomic cooling halo. While the normal Pop III star forms
receding the onset of the cold accretion and the radiation feedback
rom it e v acuates the gas from the halo (Fig. 1 ), the cold accretion
merges and the gas flows deep inside the virial radius of the halo
t z = 16 . 9. The bottom panels show the density distribution around
he halo centre for three different epochs. The cold streams carry a
ignificant amount of the gas and accumulate the gas within 10 −2 r vir 

round the halo centre. More gas accumulates at the halo centre as
ime goes on, forming a dense gas disc n H � 10 4 cm 

−3 . The disc is
ravitationally unstable and fragments into multiple protostars. The 
rotostars efficiently accrete the disc gas and finally grow into SMSs
ith m � ∼ 10 5 M �. 
The top panel of Fig. 3 shows the time evolution of the masses

f the stars formed during our simulation. Four of the stars rapidly
row in mass and evolve into SMSs with m � ∼ 10 5 M � within the
nitial ∼ 3–4 Myr . The bottom panel shows the time evolution of the
ccretion rate onto the most massive protostar. The protostar keeps 
he accretion rate of 0.01–0 . 1 M �yr −1 , which is expected for the
irect collapse model. The accretion rate decreases as the ionized 
e gion e xpands at �t ∼ 5 Myr. F our SMSs form the gravitationally
ound multiple system at the end of our simulation. 

.2 Emergence of cold accretion with radiative feedback 

.2.1 Before cold accretion; a normal Pop III star in atomic 
ooling halo 

n our simulation, no star forms until the halo mass exceeds ∼ 10 7 M �
ince the background LW radiation destroys hydrogen molecules and 
uppresses molecular cooling. At z = 18 . 9, when M halo � 10 7 M �
nd T vir � 10 4 K, Ly α cooling becomes efficient, leading to cloud
ollapse within the halo. This induces star formation before the 
mergence of cold accretion in the same manner as in K23 . At an
arly stage of the collapse with n H < 10 3 cm 

−3 , the gas temperature
emains at T � 8000 K by Ly α cooling. After the density exceeds
0 3 cm 

−3 , a sufficient amount of H 2 forms, blocking the LW radiation
y the self-shielding effect, thereby cooling the gas to T � 1000 K.
e expect that the normal Pop III stars form in this situation,

s H 2 molecular cooling regulates the cloud temperature (Hirano 
t al. 2014 ). As the cloud collapse proceeds and the density reaches
0 6 cm 

−3 , we introduce a sink particle. The mass of the sink particle
rows to � 3000 M � within the local free-fall time. Since we do
ot have enough spatial resolution to resolve individual protostars 
efore applying the particle splitting, we assume that 10 per cent
f the accreted mass contributes to the stellar mass (Sections 2.3
nd 2.4.1 ). We assume that this sink particle emits radiation with
n ef fecti ve temperature of 10 5 K and luminosity of ∼ 10 40 erg s −1 ,
hich are typical values of a Pop III star with � 300 M �. 
MNRAS 534, 3916–3935 (2024) 
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Figure 2. Hierarchical view of our simulation showing the sequential formation of supermassive stars induced by the cold accretion. The top panel presents 2D 

projected gas density maps, showing a large-scale filamentary structure surrounding the focused halo at the epoch of z = 18 . 9 ( t = 189 Myr ). The central black 
solid circle denotes the virial radius of the halo. The panel embedded in the top panel presents a 2D projected map of the gas accretion rate at t = 223 . 1 Myr , 
indicating the cold accretion that feeds the halo. The white solid circle represents the virial radius of the halo. The same panel is described in detail in Fig. 4 . 
The bottom three panels illustrate the time evolution of 2D projected gas density maps, showing the formation of SMS within the dense disc at the centre of the 
halo. In each panel, the white points represent individual SMSs, and the white dashed circle denotes 0 . 01 r vir . 
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.2.2 Accretion flows versus radiative feedback 

n K23 , we performed similar cosmological simulations without
adiative feedback from stars within the halo and demonstrated that
old accretion arises approximately 10 Myr after the formation of
he stars. In this paper, we newly incorporate the radiation from the
tars formed preceding the emergence of cold accretion. We have
imilarly observed the emergence of cold accretion, but the epoch of
he emergence is delayed by the feedback as we will see later. 

Fig. 4 shows the evolution of the halo-scale gas structure until
he emergence of cold accretion. At z = 18 . 9 (first row of panels),
mmediately after the initial cloud collapse, a small H II bubble begins
NRAS 534, 3916–3935 (2024) 

o  
o expand around the preceding Pop III star. Filamentary streams feed
he gas at a rate of Ṁ � 10 −2 M �yr −1 , but they are stalled around 20
er cent of the viral radius and do not feed the gas inside this radius.
t z = 18 . 2 (second row), the spherical H II bubble expands and the
ense region with n H � 10 cm 

−3 near the halo centre also expands.
he accretion flow along the filament is terminated by the expansion
f the H II bubble and still stalled at � 0 . 2 r vir . At z = 17 . 7 (third
ow), the H II bubble keeps expanding but becomes asymmetrical in
hape. One stream with a high-mass accretion rate reaches the halo
entre. As the stream brings the gas with high density, it shields the
onizing radiation and causes the H II bubble to shrink in the direction
f the stream. At z = 16 . 9 (fourth row), the filamentary streams from
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Figure 3. (Top) History of stellar mass growth following the onset of cold 
accretion. The horizontal axis illustrates the age of the universe t , with time 
interval �t measured from the star formation event at t = 223 Myr . The red 
line represents the mass evolution of the star that ultimately becomes the most 
massive by the end of the simulation. The black lines depict the mass evolution 
of the other stars. (Bottom) The mass accretion history of the star highlighted 
by the red line in the top panel. The red (blue) parts of the line denote the 
periods when the accretion rate is higher (lower) than 0 . 04 M �yr −1 , for which 
T eff = 5000 K ( T eff = 3 × 10 4 K or 10 5 K). The orange dashed line denotes 
the disc photoe v aporation rate with T eff = 3 × 10 4 K given by equation ( 3 ). 
As described in Section 2.4.2 , we assume that stellar UV radiation is shielded 
by an ‘unresolved’ disc within a sink particle when the accretion rate ṁ � 

exceeds the photoe v aporation rate ṁ PE , as for ṁ � < 0 . 04 M �yr −1 . When 
ṁ � > 0 . 04 M �yr −1 , EUV emissivity is low enough to al w ays satisfy ṁ � �
ṁ PE with T eff = 5000 K. 
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ll directions penetrate deep into the halo centre and feed the mass to
he halo centre at a rate of Ṁ � 10 −2 M �yr −1 . The dense gas carried
y the accretion flows confines the H II bubble into a small region
 < 0 . 1 r vir ). This marks the period of the onset of cold accretion. 

Fig. 5 shows the time evolution of r shock , the distance from the
alo centre where the accreting flow is terminated by the shock. 
o derive this radius, we spherically averaged the mass inflow rate 
nd identified the position where the velocity of the flow transitions
rom supersonic to subsonic as in K23 . The figure indicates that,
hen radiative feedback is considered, the onset of cold accretion is
elayed by � 20 Myr compared to our simulation without radiative 
eedback. This additional delay is attributed to the outward expansion 
aused by the thermal pressure of the H II bubble, which opposes the
nward ram pressure of the accretion streams. 

K23 derived the condition for the first emergence of the cold
ccretion in the z − M halo plane, by the spherical accretion model
s in Birnboim & Dekel ( 2003 ), which well describes the onset
f the cold accretion found in the simulation without radiation 
eedback. In Fig. 6 , we plot the time evolution of the halo
ass and highlight the epoch when the cold accretion emerges 

y stellar symbols. The figure shows that the condition given 
y K23 well explains when cold accretion emerges when we 
nclude the radiation feedback, while it delays the onset of the
mergence. 

.3 Subsequent formation of supermassi v e stars 

.3.1 Initial cloud collapse induced by cold accretion 

old accretion supplies a substantial mass of the gas and accumulates
as near the centre of the halo, triggering subsequent star formation.
he left panels of Fig. 7 present the mass histograms in the 2D plane
f the density–temperature (top) and density–H 2 fraction (bottom 

anels) at z = 16 . 9, at the moment when cold accretion emerges
 t = 223 . 1 Myr ). The presence of extremely dense gas, surpassing
0 6 cm 

−3 , indicates that the gravitational collapse of the cloud 
ccurs by this epoch. The bottom left panel of Fig. 7 shows that
he gas with n H � 10 3 cm 

−3 has a low H 2 fraction, while the gas
ith n H � 10 3 cm 

−3 lies the region with high H 2 fraction. This
s abo v e a critical H 2 fraction y H 2 > 10 −5 ≡ y H 2 , crit , where H 2 

ooling time-scale is shorter than dynamical time-scale (Yoshida 
t al. 2003 ). This indicates that cloud collapse is triggered by Ly α
ooling until � 10 3 cm 

−3 , while H 2 cooling becomes ef fecti ve and
ecomes the dominant cooling process after the density exceeds 

10 3 cm 

−3 . 
Fig. 8 presents a 2D projected gas structure at the halo centre

ithin r ∼ 10 −2 r vir at the epoch of t = 223 . 1 Myr , just before
ubsequent star formation. The accreting filament fragments into 
wo dense cores and stars form inside the cores afterwards. The
ragmentation is caused by the rapid temperature decrease caused 
y H 2 molecular cooling, as the temperature of the filament gas
ecreases to ∼ 1000 K. This cold and dense gas corresponds to the
ense component with n H � 10 7 cm 

−3 in Fig. 7 . 
The upper panel of Fig. 9 illustrates the radial distribution of

he enclosed gas mass M gas . The red dashed line denotes the
ritical Bonnor–Ebert mass (Ebert 1955 ; Bonnor 1956 ), abo v e which
he cloud cannot be in a hydrostatic equilibrium and becomes 
ravitationally unstable, 

 BE ( r) = 1 . 18 
c 4 s ( r) 

P 

1 / 2 ( r) G 

3 / 2 
, (4) 

here c s ( r) and P ( r) are sound velocity and gas pressure, calculated
s mass-weighted averages within each radial bin for r < r ′ <
 + δr . The enclosed gas mass becomes larger than the Bonnor–
bert mass at the radius � 1 . 5 pc � 4 × 10 −3 r vir . This indicates that

he cloud becomes gravitationally unstable at this scale and fragments 
nto clumps with a typical mass of M BE ∼ 10 4 M �. The blue point
hows the mass and distance from the halo centre of the preceding
tar. The star formation after the emergence of cold accretion occurs
bout 15 pc ∼ 0 . 04 r vir away from the position of the preceding
tar. 

Figs 7 and 9 show that the star formation at this stage occurs
hrough H 2 molecular cooling, despite the LW radiation field 
MNRAS 534, 3916–3935 (2024) 
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Figure 4. Mass-weighted projection maps of the halo-scale gas structures at epochs of z = 18 . 9 , 18 . 2 , 17 . 7 , and 16 . 9 in descending order. The epoch of the first 
row of the panels corresponds to the initial cloud collapse and the resulting normal Pop III (‘preceding’) star formation. In each panel, the central white point 
denotes the preceding star particle, and the white circle denotes the virial radius of the halo. The epoch of the bottom row corresponds to that of the emergence 
of the cold accretion, i.e. when the filamentary accretion streams penetrate the halo. The left, middle, and right columns represent the gas density, the accretion 
rate, and the degree of ionization, respectively. The gas accretion rate at a given radius r is defined as Ṁ ≡ ρr 2 v inf , where ρ is the gas density, and v inf the radial 
infalling velocity. 
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roduced by the pre-existing (or preceding) star. We estimate the
ntensity of the LW intensity at the positions of the cores as
 21 � 2000, assuming the distance from the star as � 30 pc � 0 . 1 r vir 

hen H 2 cooling becomes ef fecti ve with n H � 10 3 cm 

−3 . This value
s comparable to the critical intensity J 21 , crit � 2000 for the radiation
emperature T eff = 10 5 K, below which H 2 cooling operates to cool
NRAS 534, 3916–3935 (2024) 
he gas to a few 100 K (Sugimura et al. 2014 ). The intensity at
he fragmented cores is comparable to the critical density estimated
y the one-zone model by Sugimura et al. ( 2014 ), while the 3D
imulations show that the turbulence can promote the formation of
 2 and increase the required intensity to disable H 2 cooling (Latif,
olonteri & Wise 2018 ). 
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Figure 5. The time evolution of the representative shock radius r shock within 
the halo normalized by the virial radius r vir . The red and black lines represent 
the results with and without stellar radiative feedback, respectively. The black 
line is taken from our previous work K23 . The star symbol on each line marks 
the epoch when the accretion flows reach the central disc of r � 0 . 05 r vir , 
which we regard as the emergence of cold accretion. 

Figure 6. The epochs of the emergence of the cold accretion in the halo 
mass assembly history of our selected halo. The red line represents the 
simulation result, with the star symbols indicating the same epochs as in 
Fig. 5 . The blue and red colours represent the cases where the stellar radiative 
feedback is ignored and incorporated, respectively. The black line represents 
the ‘minimum halo mass’ derived from our semi-analytic modelling in K23 , 
abo v e which the cold accretion is considered to occur. 
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.3.2 Protostellar accretion in dense disc fed by cold accretion 

ig. 3 shows the stellar mass growth histories after the onset of cold
ccretion. The upper panel shows that stars rapidly increase their 
asses to approximately 10 5 M � within ∼ 3 Myr . The lower panel 

hows the time evolution of the accretion rate of the most massive
tar. The accretion rate fluctuates around ṁ � � 0 . 04 M �yr −1 , with
ariations between approximately 0.01 and 0 . 08 M �yr −1 . This
verage value coincides with the critical rate ṁ � crit = 0 . 04 M �yr −1 ,
bo v e which a protostar becomes to have a bloated envelope and
 low effective temperature, T eff = 5 × 10 3 K (Hosokawa et al.
013 ). The accretion rate becomes smaller than the critical value for
ome periods, where the stellar envelope shrinks via KH contraction 
nd the ef fecti ve temperature increases to T eff = 3 × 10 4 K. The
ass of the star is m � ∼ 10 5 M � and has the UV emissivity of
 EUV ∼ 10 53 s −1 . Ho we ver, the accretion continues even after the
ccretion rate decreases. This indicates that protostars are surrounded 
y dense envelope gas, which strongly attenuates the ionizing 
adiation and confines the HII bubble, making the UV radiation 
eedback inefficient. A more detailed examination of the sustained 
apid accretion is provided in Section 4 . 

Fig. 10 presents snapshots of the central dense disc where the
ormation of SMSs is in progress, � 2 Myr after the emergence 
f cold accretion. This figure shows that the radius of the disc is
pproximately r � 0 . 01 − 0 . 02 r vir , which is consistent with the disc
ize expected from the median value of the spin parameter of the
aloes (Bullock et al. 2001 ). The upper panels show two spiral arms,
hich e x ert gravitational torque and transport the angular momentum 

f the disc gas. The middle panels show that H II regions hardly
xpand around stars near the disc centre. The bottom panels show
hat most of the dense gas with n H > 10 4 cm 

−3 has a low H 2 fraction,
 H 2 < 10 −5 , showing no H 2 cooling operates there. On the left side
f the panel, a region with a high H 2 fraction of y H 2 > 10 −5 appears.
he dense gas created close to the protostars shields the LW radiation
nd H 2 starts to form there. 

In Fig. 7 , the middle and right columns of the panels show the
hermal and chemical states of the gas within the dense disc at the
poch of 0.8 and 1 . 5 Myr after the protostar of SMS is formed. The
iddle panels show that the dense gas ( n H � 10 3 cm 

−3 ) in the disc is
ot ( T � 4000 K) and has small abundance of H 2 molecules ( y H 2 ≤
0 −7 ). This shows the gas is mainly cooled by atomic hydrogen
uring the mass accretion phase of the SMS protostars. This contrasts
ith the thermal evolution at the start of cold accretion, where H 2 

ooling dominates (left panels). The right panels show the situation 
n the later phase, showing that the gas evolves still keeping a high
emperature of several thousand K, while the gas in some regions
tarts to form H 2 and the temperature decreases. The temperature 
ecrease occurs in the region where the LW radiation is shielded by
he dense clump inside the gas disc, as shown in the lower panels of
ig. 10 . 
Fig. 9 shows the enclosed gas mass measured from the position

f the most massive star for the same snapshots as in Fig. 10 . The
iddle panel shows the mass profile at 0 . 8 Myr after the formation

f the central protostar, showing that M BE exceeds the enclosed 
ass at the shown radius. This indicates that the gas is strongly

upported by the pressure gradient against the self-gravity, and the 
ravitational fragmentation is inef fecti ve at this epoch. The bottom
anel shows that M BE ≤ M enc at r ≤ 4 × 10 −4 r vir . This implies that
he self-gravity becomes stronger than the pressure support and 
hould cause fragmentation with a mass of ∼ 10 3 M �. At this epoch,
he disc surrounding the accreting central protostar fragments and 
orms additional stars as shown in Fig. 3 . The fragmentation does
ot significantly change the mass of the SMSs. The total number
f fragments is less than ten. Most of them merge with other star
articles and only five stars survive at the end of our calculation.
our of them finally grow up to SMSs with m � ∼ 10 5 M �, sharing

he accreting mass (Fig. 3 ). This indicates that the mass decrease due
o the fragmentation is less than a factor of four. 

We deduce that cold accretion creates a large disc at the centre
f the halo, facilitating efficient stellar mass growth as described 
elow. The disc persistently provides a substantial supply of gas 
o newly formed stars, allowing them to greatly surpass the initial
ragmentation mass scale of M BE ∼ 10 3 −4 M �. Additionally, the gas
isc surrounding the stars is so dense that it prevents H II bubbles
rom expanding around the stars. 

Our results indicate that internal radiative feedback facilitates 
apid stellar mass gro wth. The radiati ve feedback from the initially
ormed stars hampers H 2 cooling and increases the gas temperature, 
MNRAS 534, 3916–3935 (2024) 
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Figure 7. Evolution of the gas mass distributions on the density–temperature diagram (top row) and the density–H 2 fraction diagram (bottom ro w), follo wing 
the emergence of the cold accretion. The columns represent the different epochs of t = 223 . 1 , 223 . 9, and 224 . 6 Myr from left to right. In the top row, the shaded 
region in each panel represents the ‘Zone of No Return’, where H 2 collisional dissociation alone is efficient enough to retain the gas almost atomic (Inayoshi & 

Omukai 2012 ). In the bottom panels, the dashed line represents a characteristic H 2 fraction, abo v e which H 2 molecular cooling is ef fecti ve (Yoshida et al. 2003 ). 
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endering disc fragmentation inefficient. In this case, the gas brought
o the disc by cold accretion is not shared among a large number of
tars. As a result, the accretion rate on individual stars remains high.
his is contrasted to the result in K23 , which did not include internal

adiative feedback, that the fragmentation is caused by H 2 cooling,
nd the mass of each protostar could be smaller than those found by
his study. 

As suggested in Fig. 3 , the ef fecti ve temperature of a representative
tar oscillates between T eff = 5000 K and 3 × 10 4 K during its evolu-
ion. Similar patterns are also observed in other stars, with variations
n their timing. While the radiation from stars with T eff = 5000 K
an intensively photodetach H 

− ions using relatively low-energy
hotons ( hν � 2 eV ), the photodissociation of H 2 molecules by high-
nergy photons (11 . 2 eV ≤ hν ≤ 13 . 6 eV ) is not very ef fecti ve. In
ontrast, the radiation from stars with T eff = 3 × 10 4 K is highly
fficient in photodissociating H 2 , but not in photodetaching H 

−.
n our simulation, the coexistence of stars with T eff = 5000 K
nd 3 × 10 4 K, resulting from the varying accretion rate around
˙  � ∼ 0 . 04 M �yr −1 , helps to reduce the H 2 fraction. 

.3.3 Photoe vapor ation 

ig. 11 shows the density and temperature distributions around the
entral stellar system at the later evolutionary stage of the mass
ccretion phase of the SMSs. The dense gas disc surrounding the
MSs at t = 226 . 7 yr, is finally photoe v aporated by the radiation
NRAS 534, 3916–3935 (2024) 
rom the SMSs at 227 . 8 Myr. The photoe v aporation is triggered
y the radiation from the ejected star with m � � 5000 M �. This
tar is ejected by the three-body encounter around the epoch of
 = 226 . 7 Myr and wanders around the low-density region. The
ccretion rate onto the ejected star becomes lower due to the small
as density. It falls below 4 × 10 −3 M �yr −1 and the stellar radius
hrinks and reaches the ZAMS stage due to the KH contraction.
his increases the ef fecti ve temperature of the stars to 10 5 K, and an
 II region around the star begins to expand. The disc is exposed to

trong ionizing radiation afterwards and gradually photoe v aporated.
he bottom panels show that the disc gas is completely cleared by

he strong radiation by t = 227 . 8 Myr . Mass accretion onto all the
tars completely ceases by this period (Fig. 3 ). We note that the
hotoe v aporation of the disc is accelerated once the H II region starts
o expand in the following manner. Once the feedback from one
tar expels the gas that surrounds other stars, they also transition
o the ZAMS phase due to the low accretion rate. It develops
 II bubbles with high ionizing emissivities, further enhancing the

eedback. 
Fig. 12 shows the distributions of mass accretion rate and ioniza-

ion degree projected onto the face-on and edge-on view of the central
as disc, showing how radiative feedback from the SMSs affects the
ccretion flow at the halo scale. The right panels indicate that a
arge bipolar H II region develops and eventually extends beyond the
irial radius at t = 227 . 1 Myr. Meanwhile, the left panels reveal that
he cold accretion flows with Ṁ � 10 −2 M �yr −1 are progressively
nterrupted from the inside outwards. The expansion of H II region
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Figure 8. 2D projected maps of the gas density (top) and temperature 
(bottom) around the halo centre at the epoch of t = 223 . 1 Myr , when the 
star formation is about to resume after the emergence of the cold accretion. 
The white dashed circles denote r = 10 −2 r vir . 
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Figure 9. The comparison between the radial profiles of enclosed gas mass 
(black solid lines) and estimated Bonnor–Ebert mass (red dashed lines). The 
panels show the snapshots at t = 223 . 1 , 223 . 9, and 224 . 6 Myr in descending 
order. The horizontal axes represent the distance from the centre normalized 
by the virial radius. The blue squares mark the positions and masses of the 
star particles. Gas is considered gravitationally bound at a given radius if the 
enclosed mass exceeds the Bonnor–Ebert mass, M gas ( < r) � M BE ( r). The 
central position is defined as the peak of gas density for the initial snapshot 
at t = 223 . 1 Myr , before star formation starts in the disc, and as the most 
massive star for t ≥ 223 . 9 Myr . 
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nally halts the mass accretion onto the central halo region by 
 = 227 . 8 Myr. 

 W H AT  D ETERMINES  AC C R E T I O N  RATE?  

ur simulation has shown that the protostars efficiently grow after 
he emergence of cold accretion, maintaining a high mass accretion 
ate with 0 . 04 M �yr −1 for � 3 Myr . Since this time-scale is longer
han the typical dynamical time of the disc, r disc /c s ∼ 0 . 02 r vir /c s �
 . 5 Myr , the high mass accretion rate should be caused by the physics
ssociated with larger scales. This section clarifies the underlying 
hysics that sustains the high accretion rate: the cold accretion and 
ravitational torque in the disc. 

.1 Cold accretion 

old accretion is a cosmological phenomenon in which gas falls 
rom scales larger than the virial radius directly to the centre of
he halo (Birnboim & Dek el 2003 ). Unlik e the classical accretion
odel (Rees & Ostriker 1977 ), the accreting gas is never stalled

y shock fronts around the virial radius of the halo. This is evident
n Fig. 2 that cold accretion keeps the gas accretion rate radially
onstant from virial radius r vir to the rotation-supported disc radius 
 disc ∼ 10 −2 r vir , resulting in Ṁ gas ( r vir ) � Ṁ gas ( r disc ). This allows us
o relate the gas accretion rate onto the central disc Ṁ CA to the mass
ccretion rate of the halo Ṁ halo as Ṁ CA ≡ Ṁ gas ( r disc ) � f br Ṁ halo ,
here f br = 0 . 15 is the baryon fraction. By estimating Ṁ halo with

he spherical accretion model (Gunn & Gott 1972 ; Lahav et al. 1991 ),
e analytically determine Ṁ CA as follows, where we approximate 
 CDM cosmology we assume for our simulation with Einsten-de 
itter universe for simplicity. 
The virial radius of a halo with mass M halo at redshift z vir is given by
 vir � ( M halo / 24 π3 ρ̄0 ) 1 / 3 (1 + z vir ) −1 , where ρ̄0 is the mean cosmic
atter density at z = 0. We consider a mass shell falling into the

alo which encloses M halo at r vir . The infall velocity of the shell v 
an be written as 

( z vir ) = 

√ 

GM halo 

r vir 
≡ v vir . (5) 

ssuming the radial profile of the DM density to follow ρhalo ( r) ∝
 

−2 , we obtain the matter density at r = r vir as 
MNRAS 534, 3916–3935 (2024) 
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Figure 10. The 2D projected maps of the dense star-forming gas disc around 
the halo centre at the epoch of t = 224 . 6 Myr . The upper, middle, and lower 
rows of the panels represent the gas density, degree of ionization, and H 2 

fraction. The left and right columns represent the different viewing angles 
of the face-on and edge-on of the disc, respectively. In each panel, the white 
dashed circle denotes r = 10 −2 r vir . The star particles are denoted by white 
points in the top and middle rows and black points in the bottom rows. The 
coordinate origin is set at the position of the most massive star. 
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Figure 11. Destruction of the central gas disc by the UV radiative feedback 
associated with the expansion of an H II bubble. The left and right columns 
of the panels show 2D projected maps of the gas density and temperature, 
respectively. Snapshots at t = 226 . 7, 227.1, and 227 . 8 Myr are shown in 
the upper, middle, and lower rows, respectively, with a face-on view of the 
disc structure in all panels. The white dashed circles in the left column and 
the black dashed circles in the right column denote r = 10 −2 r vir . The star 
particles are denoted by white points in the left column and black points in 
the right column. 
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 halo = 

∫ r vir 

0 
4 πr 2 ρhalo ( r)d r = 4 πr 3 vir ρhalo ( r vir ) (6) 

halo ( z vir , r vir ) = 

M halo 

4 πr 3 vir 

. (7) 

ote that the actual density profile of the haloes follows the NFW
rofile (Navarro, Frenk & White 1997 ), introducing a factor of
he order of unity into equation ( 7 ), which we neglect here for
onvenience. Using the above equations, we can rewrite Ṁ CA ( t) as 

˙
 halo ( t) = 4 πr 2 vir v vir ρhalo ( z vir , r vir ) 

� M halo 
v vir 

r vir 
= 2 π

M halo 

t 
(8) 

˙
 CA ( t) � f br Ṁ halo ( t) 

= 0 . 055 M �yr −1 

(
M halo 

2 × 10 7 M �

) (
1 + z vir 

18 

)3 / 2 

, (9) 

here we use t � 

[
6 πG ̄ρ0 (1 + z vir ) 3 

]−1 / 2 
, which holds in matter-

ominant epoch ( z vir > 1), and 

v vir 

r vir 
= 

√ 

GM halo 

r 3 vir 

= 

√ 

24 π3 G ̄ρ0 (1 + z vir ) 3 = 

2 π

t 
. (10) 

he accretion rate Ṁ CA can also be represented by virial temperature
f the halo 

 vir ≡ μm H v 
2 
vir 

2 k B 
= 1 . 3 × 10 4 K 

(
M halo 

2 × 10 7 M �

)2 / 3 (1 + z vir 

18 

)
(11) 
NRAS 534, 3916–3935 (2024) 
s 

˙
 CA � 0 . 040 M �yr −1 

(
T vir 

10 4 K 

)3 / 2 

. (12) 

ince the cold accretion occurs when T vir � 10 4 K, the gas accretion
ate by cold accretion is al w ays larger than Ṁ CA � 0 . 04 M �yr −1 . 

Fig. 13 presents the time evolution of the radial profiles of the
as accretion rate within the ACH in our simulation. The top panel
hows the snapshot before cold accretion appears, indicating that the
ccretion rate at r � 0 . 2 r vir is comparable to Ṁ CA (equation 12 ).
e see that there is an outflow component at r � 0 . 2 r vir , which is

aused by the expansion of the H II bubble (see also the second row
f Fig. 4 ). The middle and bottom panels show the evolution after
he emergence of cold accretion. The accretion rate follows Ṁ CA and
s almost constant from r ∼ r vir down to the scales smaller than the
entral disc, 10 −3 r vir . These panels indicate that once cold accretion
egins at t � 223 Myr , the cosmological halo-scale accretion rate
o v erns the accretion rate onto the central disc for � 3 Myr . 
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Figure 12. The halo-scale photoe v aporation, the UV stellar feedback caused 
by the SMSs formed at the centre of the halo. The left and right columns of 
panels display the 2D projected maps of the accretion rate and degree of 
ionization, respectively. Snapshots at t = 226 . 7, 227.1, and 227 . 8 Myr are 
shown in the upper, middle, and lower rows, respectively, with a edge-on 
view of the central disc in all panels. The white or black solid circle in each 
panel denotes the virial radius. The star particles are denoted with the white 
or the black points. 
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Figure 13. The radial profiles of gas inflow (blue) and outflow (green lines) 
rates in the halo at t = 199 . 4 , 223 . 1 , and 223 . 9 Myr . The horizontal axes 
represent the distance from the centre normalized by the virial radius. We take 
the position of the most massive star as the centre at t = 119 . 4 and 223 . 9 Myr . 
For the snapshot at t = 223 . 1 Myr , we choose the position of the maximum 

gas density as the centre. The black and red lines denote the analytically esti- 
mated accretion rate, where Ṁ CA = f br Ṁ halo = 0 . 04 M �yr −1 ( T vir / 10 4 K) 3 / 2 

and Ṁ disc = α� gas c 
2 
s /�, where α = 4, respectively (see Section 4.2 ). 
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.2 Gravitational torque in the disc 

he cold accretion brings a large mass accretion rate from the 
osmological scales to the halo centre. It is tempting to infer that
he cold accretion directly provides the gas to the SMSs. Ho we ver,
he cold accretion provides the gas only to the disc scale r disc � 10 pc ,
here the centrifugal barrier becomes ef fecti ve. The Bondi scales of

he accreting SMSs are much smaller, r Bondi ∼ 1 pc , indicating that 
e need additional physics that migrates the gas further inwards. 

n this section, we show that the gravitational instability excites the 
piral arms and resulting torque enables efficient transfer of the mass
nd angular momentum across the disc. 

The Toomre Q parameter (Toomre 1964 ), which measures the 
egree of the gravitational instability, is given by 

 ≡ c s κ

πG� gas 
, (13) 

here � gas is the surface gas density of the disc, κ is epicyclic
requency κ2 ≡ r −3 d( r 4 �( r ) 2 ) / d r , and � is the angular velocity.
ig. 14 shows radial profiles of the physical quantities involving 
oomre Q parameter after cold accretion emerges. We calculate 
urface gas density in each radial bin � gas ( r) using enclosed gas
ass M enc ( < r) by 

 gas ( r) ≡ 1 

2 πr 

d M enc ( < r) 

d r 
, (14) 

hich holds inside the disc radius r � 10 −2 r vir � r disc where most
f the gas is concentrated in the disc plane. We calculate κ( r ) by
ifferentiating �( r), which is evaluated as 

( r ) 2 ≡ G ( M enc ( < r ) + M � ( < r) ) 

r 3 
, (15) 

here M � ( < r) is a total stellar mass within the radius r . This
gure shows that the Toomre Q parameters is an order of unity for
0 −3 r vir � r � r disc at the onset ( t = 223 . 1 Myr ) and in the middle
223 . 9 Myr ) of the SMS formation, indicating that the gravitational
nstability operates across the disc. We have confirmed that Q ∼ 1
s maintained for � 3 Myr after the onset of SMS formation. 

According to Shakura & Sunyaev ( 1973 ), the accretion rate within
 disc can be described as 

˙
 disc = α

� gas c 
2 
s 

�
, (16) 
MNRAS 534, 3916–3935 (2024) 
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M

Figure 14. The radial profiles of gas surface density � gas (blue), temperature 
T (black), and Toomre Q parameter (red lines) at two different epochs, 
t = 223 . 1 , and 223 . 9 Myr . The horizontal axes represent the distance from 

the centre normalized by the virial radius. 
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here α is a non-dimensional parameter which depends on the
rocess of angular momentum transportation. 
Combining equations ( 13 ) and ( 16 ) and assuming κ � �, which is

rue for the disc with Keplerian rotation, we can e v aluate the accretion
ate as 

˙
 disc ∼

(
α

πQ 

)
c 3 s 

G 

� 0 . 068 M �yr −1 

(
T 

8000 K 

)3 / 2 
α

Q 

. (17) 

Equation ( 17 ) indicates that the gas accretion rate can be described
y its temperature T , Q , and α. Assuming α ∼ O(1) for the self-
ravitating disc (e.g. Boley et al. 2006 ), the accretion rate Ṁ disc 

epends on only the temperature T , with comparable rate to Ṁ disc �
˙
 CA at T � T vir . 1 

The red lines in Fig. 13 represent the accretion rate Ṁ disc when we
ssume α = 4. The accretion rate is well estimated by our Ṁ disc ( r)
n the range of 10 −3 r vir � r � r disc at the onset ( t = 223 . 1 Myr ) and
n the middle (223 . 9 Myr ) of the SMS formation, which supports
he idea that gravitational instability drives the rapid mass accretion
hrough the disc. 

We have seen that Ṁ disc ∼ Ṁ CA is maintained for scales more
han three orders of magnitude below the virial radius. Assuming
he gas disc is H 2 deficient and hot, keeping Q as low as Q ∼ 1 is
equired for maintaining a high accretion rate Ṁ disc . If Ṁ disc � Ṁ CA 
NRAS 534, 3916–3935 (2024) 

 Behind this relationship lies the fact that the halo’s virial temperature and 
isc temperature are comparable, both determined by efficient Ly α cooling 
t T ∼ 10 4 K. 

o  

I  

s  

i  

r  
ith Q � 1, cold accretion supplies more gas than the disc can
ransport inwards. It accumulates more gas on the disc and increases
he surface density, decreasing Q . This makes the disc more unstable
nd causes a higher accretion rate. If Ṁ disc > Ṁ CA with Q < 1,
ore disc gas is transported inwards than the gas supplied by cold

ccretion. This decreases the surface density and increases Q , thus
educing the accretion rate inside the disc. These processes bring Q
o the equilibrium value Q eq where Ṁ disc ∼ Ṁ CA satisfied as 

 eq � 2 α

(
T 

T vir 

)3 / 2 

∼ 1 . 4 α

(
T 

8000 K 

)3 / 2 (
T vir 

10 4 K 

)−3 / 2 

. (18) 

ote that in our simulation, the disc and spiral arms sometimes
ragment. In general, the spiral arm in the disc will fragment by self-
ravity if Q � 0 . 6 is satisfied (Takahashi, Tsukamoto & Inutsuka
016 ). This suggests that Q � 0 . 6 is locally satisfied at some epochs.
ven though, as long as the equilibrium value does satisfy Q eq > 0 . 6,

ragmentation should be globally suppressed and inefficient. In sum-
ary, the self-gravity of the central disc regulates the accretion rate

adially constant for scales at 10 −3 � r/r vir � 10 −2 . The accretion
ate is � 0 . 04 M �yr −1 , which is determined by the accretion rate
rought by the cold accretion as in equation ( 12 ). 

 DI SCUSSI ON  

.1 Formation channels of molecular hydrogen 

e have incorporated H 

− channel for H 2 formation and do not
nclude H 2 formation via three-body reactions nor H 

+ 

2 channel.
he contribution from those formation channels to the total H 2 

bundance is small and negligible in environments we consider in
ur simulation, as we will discuss below. Since three-body reaction
ecomes dominant to produce H 2 only in a density of n H � 10 10 cm 

−3 

Inayoshi, Omukai & Tasker 2014 ), we can neglect this channel as we
eplace gas with a sink particle abo v e the density 10 8 cm 

−3 . We can
lso neglect H 

+ 

2 channel for the following reasons. This channel can
e dominant only in the environments with high redshift where CMB
emperature is high (Tegmark et al. 1997 ) or the background radiation
ith lo w-ef fecti ve temperature with T crit � 7000 K (Sugimura et al.
016 ). In our calculation, the LW background has a higher ef fecti ve
emperature than T crit , so the formation rate of H 2 is dominated by the
 

− channel. After the SMSs form and they accrete mass at a high rate,
e model their spectra with blackbody radiation with an ef fecti ve

emperature of T eff = 5000 K (Section 2.4 ). When their radiation
ominates, the formation rate of H 2 by H 

+ 

2 channel becomes higher
han that by H 

− channel (Sugimura et al. 2016 ). Even in such a case,
he dissociation rate by the FUV radiation exceeds the formation
ate via H 

+ 

2 channel since the luminosity of the accreting SMSs is
ery high. We thus expect the contribution to H 2 production via H 

+ 

2 

hannel does not affect our results, as the intense radiation from the
MSs al w ays decreases the H 2 abundance small enough and mak es

hat contribution to the thermal evolution negligible. 

.2 On our simple modelling of Pop III star formation induced 

y initial cloud collapse 

n our simulation, we give an assumption on the formation of the
ormal Pop III star formation induced in the ACH before the onset
f cold accretion. Instead of following the detailed evolution of Pop
II stars, we model the resulting stellar system to have a blackbody
pectrum with a luminosity L and ef fecti ve temperature T eff and
gnore a stellar lifetime. As a result, this star continues to emit
adiation for � 30 Myr . In this section, we discuss the uncertainty in
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odelling this Pop III star and how it affects our results of forming
MSs. 
Due to the lack of spatial resolution, we do not follow the possible

ragmentation, which may occur inside the sink particle introduced in 
ur simulation. Previous studies, which track Pop III star formation 
n ACHs, indicate that fragmentation should occur and a star cluster 
hould form rather than a single massive star (Regan et al. 2020 ;
atif et al. 2021 ). Regan et al. ( 2020 ) show the stellar mass function

n ACHs, which is similar to that among different mini-haloes (e.g. 
irano et al. 2014 , 2015 ). Since the stellar lifetimes and fates depend
n their mass, the luminosity and the spectra of the Pop III cluster
hould depend on the initial mass function (IMF) and evolve with 
ime. The star formation efficiency (SFE), or the ratio of the total
tellar mass to the cloud mass, is another uncertainty, which is not
onsidered in our simulation. One can obtain more realistic IMF 

nd SFE by solving star formation with higher resolution (Chon 
t al. 2024 ) and stellar evolution consistently. Liu et al. ( 2024 ) have
ompiled the results of Pop III star formation of gas clouds in haloes,
ncluding ACHs, and built an analytic model of IMF and SFE. They
ave shown that IMF and SFE in ACHs can vary among different
aloes, depending on their properties, such as the cloud mass, 
ccretion rate depending on temperature, and degree of fragmentation 
n the clouds. To co v er the possible uncertainties in SFE and IMF,
e have performed an experimental simulation changing our model 
f stellar radiation, which is shown in Appendix A . 
In our simulation, the star continues to emit radiation after the 

nset of cold accretion. We define the delay �t as the duration
rom the initial collapse of a cloud in the ACH to the onset of cold
ccretion and t life as the lifetime of the most massive star in the cluster.
hen �t < t life is satisfied, our model qualitatively approximates the 

ituation as the stars emit radiation until the cold accretion emerges. 
o justify the assumption in the modelling of the Pop III stars, the
tellar lifetime should be larger than 30 Myr. This condition can be
ephrased as the stellar mass of the individual stars, which should be
maller than 10 M � (Schaerer 2002 ). Although this mass range may
e lower than the typical mass of Pop III stars, our simulation possibly
pproximates some cases described below. While we investigate the 
volution in one specific halo in this study, the previous work without
adiative feedback ( K23 ) shows the variety in delay �t in three
aloes, suggesting the variety in �t even with radiative feedback. 
s for the case with 10 times shorter �t ∼ 3 Myr , Pop III stars
ith ∼ 100 M �, consistent with recent numerical simulation and 
ave the lifetimes of 2–3 Myr (Sugimura et al. 2023 ), can survive
ntil the cold accretion emerges. We expect that some haloes from a
arger sample will satisfy the sufficiently shorter delay time and the 

assive Pop III stars emit radiation until the cold accretion emerges, 
hich allows the formation of supermassive stars. We also provide 

tatistical discussion about this in Section 5.6 later. 
In reality, the situation with �t > t life might be typical among

CHs. In this case, haloes would follow different evolutions, such as
he SNe explosion, before the emergence of cold accretion and SMS
ormation. If the delay is very long �t � t life , it is possible to have
pisodes of normal Pop III star formation ( m � � 10 3 M �) before the
old accretion appears. We discuss the consequence in such cases in 
ection 5.3 . 

.3 Potential effects of superno v a feedback and metal 
nrichment 

n our simulations, we do not include the SNe feedback before the
nset of cold accretion. Ho we ver, if the emergence is much later
han �t ∼ 3 − 10 Myr , the Pop III stars will cause SNe explosions
epending on their stellar masses (Heger & Woosley 2002 ). This
ill change the evolution of star formation as it injects thermal and
inetic energy and enriches the surrounding material with heavy 
lements. We discuss the possibility of SMS formation following the 
mergence of cold accretion in the presence of SNe and associated
etal pollution. It has been pointed out that, for SMS formation,

he star-forming gas should be metal-poor (Omukai et al. 2008 ;
hon & Omukai 2020 ). Otherwise, SMS formation is inhibited 
y rapid cooling due to heavy elements, leading to substantial 
ragmentation. The critical metallicity threshold for SMS formation 
s around Z crit ∼ 10 −4 – 10 −3 Z �. 

It is important to note the various uncertainties linked to the
volution of SNe within ACHs. First, there is uncertainty regarding 
he frequency of core–collapse SNe (CCSNe; m � ∼ 10 M �) and pair-
nstability SNe (PISNe; m � ∼ 10 2 M �) in ACHs due to the unknown
ature of the Pop III IMF and SFE (see Section 5.2 ). For Pop III
tars that form in mini-haloes, the predicted mass distribution shows 
wo peaks around ∼ 10 M � and ∼ 10 2 M � (Hirano et al. 2014 ,
015 ), which implies a frequent occurrence of SNe explosions per
nit of total stellar mass. Regan et al. ( 2020 ) illustrate that the Pop
II IMF in ACHs exhibits double peaks that are somewhat outside
he mass range typically associated with SNe on the larger mass side,
ndicating a lower occurrence rate. 

Furthermore, the development of SNe bubbles and metal spreading 
n ACHs is uncertain. Recent numerical models of haloes with 
 halo ∼ 10 6 M � re veal v arying e volutions based on the type of SNe

nvolved. In haloes of M halo ∼ 10 6 M �, an individual core–collapse
upernova (CCSN) releases only a minimal portion of gas from the
alo (Chiaki & Wise 2019 ). Metal enrichment occurs locally within
he supernova remnant (SNR), characterized by a mass and size of
 2 × 10 4 M � and 1 − 10 pc , respectively. This size is less than the

irial radius of mini-haloes, approximately ∼ 10 2 pc . The resultant 
etallicity is estimated to be Z � 10 −2 Z � (Magg et al. 2020 ) with
 large scatter (Ritter et al. 2015 ; Tarumi, Hartwig & Magg 2020 ). In
ontrast, an individual PISN expels most of the gas from haloes with
 halo ∼ 10 6 M � (Magg et al. 2022 ). In this case, the expelled gas

eturns to the haloes as they expand. The time taken for the gas to
all back varies significantly, ranging from ∼ 5 − 100 Myr , probably 
nfluenced by the mass of the SN progenitor and the density structure
urrounding the SNe. The enrichment occurs relatively uniformly 
cross the virial radius. The resulting metallicity within the SNR 

s estimated to be � 3 × 10 −3 Z �. Note that the uncertainty in the
ize of SNR potentially reduces the metallicity by four orders of
agnitude, such as Z � 10 −6 Z � for the CCSN and � 3 × 10 −7 Z �

or the PISN (Magg et al. 2020 ). The abo v e evolutions are the results
or haloes with M halo ∼ 10 6 M �, which may not be applicable to the
CHs. We also note that if multiple SNe associate, the development 
f the explosion could differ. 
These uncertainties present significant challenges to our under- 

tanding of metal enrichment in ACHs. We here discuss possible 
MS formation channels induced by the cold accretion, under the 
ssumption that either CCSNe or PSINe dominate. 

If CCSNe are dominant, the majority of gas will remain within
he ACHs. Consequently, following the first generation of Pop III 
tars, the haloes will e xperience sev eral episodes of star formation
ntil the emergence of cold accretion. When the total stellar mass
ecomes significantly large, the radiative feedback from the stars 
nhibits H 2 cooling, thereby halting further PopIII star formation 
uring their lifetime. Conversely, if the stellar mass is relatively 
mall, the weaker feedback permits star formation to proceed more 
uickly. Therefore, star formation can proceed at a steady rate, at
hich the feedback modulates subsequent star formation. Our simple 
MNRAS 534, 3916–3935 (2024) 
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odelling of the preceding Pop III star formation with constant
uminosity may represent this situation, except for the effects of
he metal enrichment. Although modelling of advancing metal
nrichment remains incomplete, as mentioned abo v e, we e xpect that
he earlier onset of cold accretion is more advantageous for SMS
ormation. 

If PISNe dominate, most of the gas will be expelled from the ACHs
y one or a few PISNe, halting star formation until the gas falls back
nto the haloes. If the fallback time is long enough, the haloes will
row and cold accretion will emerge around the time of the fallback.
hen star formation resumes with cold accretion, a situation similar

o our simulation can arise, where SMS can form. The metallicity
t this time is set by the initial PISN event at Z ∼ 3 × 10 −7 − 3 ×
0 −3 Z �. This value may be below the critical metallicity for SMS
ormation, Z crit ∼ 10 −4 − 10 −3 Z �. 

The abo v e suggests that SMS formation may be possible in
ifferent channels, depending on how effective CCSNe and PISNe
re in modifying the evolution. Investigating the possibility of SMS
ormation under the influence of SNe is one of our important future
orks. 
If the previous episodes of SNe pollute the gas abo v e the critical
etallicity and cold accretion emerges later on, fragmentation may

ccur, and the star cluster will form rather than the SMSs. We expect
he star cluster to be very compact as cold accretion and the mass
ransfer inside the central disc concentrate the stellar distribution.
ur simulation has shown that after the emergence of the cold

ccretion, the gas is transferred to the central region of � 10 −3 r vir 

t a rate of 0 . 1 M �yr −1 . This accumulates the mass of 10 5 M �
nside the ∼ 0 . 1 pc region within a few Myr (Fig. 3 ). If a similar
echanism works for the metal-enriched gas and concentrates

he mass in the halo centre, the stellar surface density becomes
 � = ε × 10 5 M �/ (0 . 1 pc ) 2 = 10 6 M � pc −2 ( ε/ 0 . 1), where ε is

he conversion efficiency from the gas to stars. Assuming the fiducial
alue ε = 0 . 1, we expect the star cluster with a high mass density of
0 6 M �pc −2 . EUV and SN feedback will be inefficient in halting star
ormation during the entire star formation. The gas surface density at
he onset of star formation will exceed � gas ∼ 300 − 10 3 M � pc −2 ,
bo v e which the stellar EUV feedback and its radiative pressure on
as from a stellar cluster is weaker than its gravitational force and
annot halt the star formation (Grudi ́c et al. 2018 ; Kim, Kim &
striker 2018 ; Fukushima & Yajima 2021 ; Menon, Federrath &
rumholz 2023 ). Since the mass accretion is completed within a few

imes free-fall time t ff � 0 . 5 Myr ( n H / 10 4 cm 

−3 ) −1 / 2 , shorter than the
tellar lifetime of Myr, the star cluster forms before the onset of SNe,
imilar to the feedback-free star formation (Dekel et al. 2023 ). This
tellar density is comparable to the compact star cluster observed
y JWST (Vanzella et al. 2022 , 2023 ; Adamo et al. 2024 ; Fujimoto
t al. 2024 ; Harikane et al. 2024 ). While the compactness of the star
luster should depend on where the fragmentation occurs, which may
hange the mass transfer rate inside the central disc as the disc gas is
onverted into the stars, our simulation result may offer a promising
nvironment for the formation of the compact star cluster observed
n the high-z universe. 

If metal-enriched ( Z � 10 −3 Z �) dense star clusters form instead
f SMSs after the onset of cold accretion, heavy seed BHs may form
hrough a different channel. Our simulation predicts that the mass
nd radius of the cluster-forming clouds will be M cloud ∼ 10 5 M � and
 cloud ∼ 0 . 1 pc . As discussed abo v e, the star formation within such

louds is expected not to be impeded by both radiative feedback and
Ne feedback, presumably resulting in very compact star clusters.
ince Fukushima & Yajima ( 2021 ) predict that the SFE can reach 0.5
nd the cluster radius is about 10 per cent of the original cloud radius,
NRAS 534, 3916–3935 (2024) 
he cluster mass and radius are estimated as M cluster � 0 . 5 M cloud ∼
 × 10 4 M � and R cluster ∼ 0 . 1 R cloud ∼ 0 . 01 pc . 
The ‘runaway collision’ resulting from the core collapse of a

luster is among the potential mechanisms for the formation of heavy
eed BHs. This process takes place when the relaxation time-scale
 relax is shorter than the stellar lifetime t life (e.g. Portegies Zwart &

cMillan 2002 ; Sakurai et al. 2017 ). Based on the previously
entioned estimates of the cluster mass and radius, we estimate the

elaxation time-scale as t relax ∼ 3 × 10 −4 − 3 × 10 −2 Myr , assuming
hat the mean stellar mass is in the range of 1 − 10 2 M �. With t relax �
 life ∼ 10 Myr , runaway collision possibly occurs in the clusters we
onsider. In this case, ho we ver, the mass of the central object is
elieved to be limited to 0 . 1 − 1 per cent of the cluster (Portegies
wart & McMillan 2002 ; Devecchi & Volonteri 2009 ; Sakurai et al.
017 ; Reinoso et al. 2018 ). As a result, runaway collisions will
roduce BHs with masses around m • ∼ 10 2 − 10 3 M �, which are
nly slightly larger than light seed BHs originating from typical
opIII stars. Consequently, the runaway collision followed by the
ormation of star clusters is not an efficient mechanism for producing
assive seed BHs. 
Escala ( 2021 ) has proposed another process with dense stellar clus-

ers, where a massive star can form by rapid stellar collision without
oing through two-body relaxation. If the cluster is sufficiently dense
hat the stellar collision time-scale is shorter than the stellar lifetime
 coll < t life , recurrent stellar mergers lead to the formation of a single

assive star. Vergara et al. ( 2023 , 2024 ) investigated this process
y calculating the mass of the final massive object from various
nitial cluster masses and sizes using their toy model. Using their
esults, we expect that stellar clusters we consider marginally satisfy
 coll < t life ∼ 10 Myr and estimate the mass of the most massive
tar as ∼ 0 . 1 − 0 . 2 × M cluster . This suggests that relatively heavy
eed BHs with m • ∼ 10 4 M � possibly form after the onset of cold
ccretion, even if metal enrichment induces the formation of star
lusters instead of SMSs. 

Davies, Miller & Bellovary ( 2011 ) and Kroupa et al. ( 2020 ) have
lso proposed another channel, where the BH cluster, formed by the
assive compact stellar cluster, collapses via efficient gravitational
ave emission to provide a seed BH. In this channel, it is crucial that

he velocity dispersion of the BH cluster achieves relativistic values
uch as ∼ 10 per cent of the speed of light. This requires the radius of
 cluster smaller than ∼ 10 −3 pc with a limited available gas mass of
 10 5 M � around the halo centre. This radius is smaller than that of

he clusters we consider, R cluster ∼ 0 . 01 pc . If some process remo v es
nergy and angular momentum from the cluster, shrinking its size
y a factor of ∼ 10, this channel can be realized. Gaete et al. ( 2024 )
redict that a BH with ∼ 10 3 M � will be produced from the BH
luster with � 10 5 −6 M �. Since the BH cluster mass will be lower
han or, at most, comparable to the gas cloud mass ∼ 10 5 M �, the
eed BHs with their masses of � 10 3 M � can be produced via this
hannel. 

.4 Expected fate and evolution of supermassive stars 

re vious stellar e volution calculations sho w that the fates of SMSs
epend on the accretion rates (Umeda et al. 2016 ; Woods et al.
017 ; Haemmerl ́e et al. 2018 ; Woods, Heger & Haemmerl ́e 2020 ;
aemmerl ́e 2021 ; Herrington, Whalen & Woods 2023 ; Saio et al.
024 ). Umeda et al. ( 2016 ) show that, in the case with ṁ � ≥
 . 1 M �yr −1 , general relativistic (GR) pulsational instability induces
tellar collapse (Chandrasekhar 1964 ) during or before H-burning.
n the case with ṁ � � 10 −1 . 5 M �yr −1 , the collapse occurs before the
R instability becomes ef fecti ve; immediately on core hydrogen
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xhaustion for ṁ � = 10 −1 . 5 M �yr −1 , and after silicon burning 
or ṁ � = 0 . 01 M �yr −1 . A resulting BH mass is, for example,
 • = 8 . 4 × 10 4 M � for ṁ � = 10 −1 . 5 M �yr −1 (Woods et al. 2017 ;
aemmerl ́e et al. 2018 ). 
In our simulation, the mean accretion rates on SMSs are ṁ � � 

 . 04 M �yr −1 . According to the previous studies mentioned abo v e,
hese stars collapse into BHs when they exceed m • � 8 × 10 4 M �.
ig. 3 shows that the most massive star exceeds 8 × 10 4 M � in mass
t t � 225 Myr , with its accretion rate ṁ � � 0 . 04 M �yr −1 . The
ther three SMSs exceed this mass later at t � 226 . 5 Myr , before
he gas disc is dispersed by photoe v aporation. The seed BHs may
ake o v er the efficient accretion via cold accretion and the disc, if
hese gas structures persist for a while (also see Section 5.5 ). In that
ase, the SMS formation channel we studied provides a fa v ourable
nvironment for the subsequent growth of heavy seed BHs. 

Nagele et al. ( 2022 ) show that SMSs explode as very energetic
Ne aided by the GR instability in a narrow mass range of 2.6–
 . 0 × 10 4 M � with no remnant BH, while their model does not
nclude mass accretion onto the star (see also Chen et al. 2014 ).

ost of the SMSs in our simulation exceed this mass range, and it is
nlikely that such GR SNe occur unless some mechanism regulates 
he stellar mass into the narrow mass window. Note that, in our
imulation, we merge two star particles when get closer than the 
um of sink radii, thus reducing the number of stars. Ho we ver, with
igher resolution, star particles may form binary or multiple systems 
nstead of merging (Greif et al. 2011 ; Prole et al. 2022 ; Kirihara et al.
023 ), resulting in a typically lower stellar mass due to sharing of
he disc mass. If this is the case, there may be more chances that GR
Ne will occur. 

.5 Succeeding BH growth in atomic cooling haloes 

s discussed in Section 5.4 , some of the SMSs that form in our
imulation can collapse into BHs in the middle of the evolution in
eality. They are expected to remain within the dense disc, character- 
zed by n H � 10 4 cm 

−3 and T ∼ 10 4 K. We here discuss the possible
ubsequent evolution of gas accretion onto the seed BHs and whether 
he typical accretion rate for SMSs, ṁ � 0 . 04 M �yr −1 , is also
vailable for seed BHs. If such rapid mass accretion is maintained 
or another � 10 Myr , the BH grows to m • � 4 × 10 5 M �, which is
a v ourable for later mass growth. 

Accretion rates to BHs will be related to the mass transfer rate
hrough the disc, which depends on the typical gas temperature T 
equation 17 ). In the case of the SMSs, the rapid accretion is achieved
ith a high disc temperature at T ∼ 10 4 K. If H 2 molecular cooling is

f fecti ve, the gas temperature decreases to T < 10 3 K, resulting in an
ccretion rate that is too low for SMS formation. Ho we ver, this is not
he case because the stellar radiative feedback destroys H 2 molecules 
Section 3.3 ). We investigate whether the radiative feedback from 

Hs also achieves a similar situation, assuming the luminosity of a 
eed BH as L = min ( L Edd , 0 . 1 ̇m •c 2 ) and spectral energy distribution
ith two components of multicolour blackbody and non-thermal X- 

ay with power law (Kato, Fukue & Mineshige 1998 ; Kuhlen &
adau 2005 ; Jeon et al. 2014 ). If we assume the BH mass of m � =

0 5 M � and accretion rate of ṁ • = 10 −2 M �yr −1 , the resulting LW
ntensity is estimated as J 21 ∼ 2 × 10 3 ( r/r disc ) −2 . While this value
s five orders of magnitude lower than the LW intensity for a SMS
ith T eff = 3 × 10 4 K, it is still comparable to the critical intensity

bo v e which efficient H 2 molecular cooling is prevented. Therefore, 
e expect that the BH feedback also contributes to maintaining the 
igh temperature of the disc, T ∼ 10 4 K, with which rapid mass
ccretion should continue. 

As illustrated in Section 3.3.3 , the growth of stellar mass is ulti-
ately halted by the stellar ionizing feedback, namely, the expansion 

f an H II bubble and the photoe v aporation of the disc, in our fiducial
imulation run. We also investigate whether similar processes limit 
he mass increase of seed BHs, if these are present in the disc. Using
he same BH feedback model, we calculate the emissivity of ionizing
hotons from an accreting seed BH as 
 = 8 × 10 52 s −1 , which is
ome what lo wer than that for SMSs with T eff = 3 × 10 4 or 10 5 K.
iven the comparable strength of ionizing feedback from BHs, they 
ould be capable of accreting about ∼ 10 5 M � of gas, similar to
any of the SMSs in our fiducial run. 
In Section 3.3.3 , we have also shown that the ionizing feedback

f SMSs becomes significant once initiated. When an H II bubble
xpands within the disc, driven by gravitational three-body inter- 
ctions and the scattering of a � 5000 M � star, it diminishes the
ccretion rates of other SMSs. These SMSs, which experience slow 

ccretion, then become powerful ionizing sources with T eff = 10 5 K.
he ionizing feedback intensifies as it continues. We expect that such
 drastic evolution is mitigated if some SMSs are replaced by seed
Hs. When an accretion rate to a BH drops, its ionizing emissivity
orrespondingly reduces. The destruction of the disc might occur 
ome what slo wly, e ven if it occurs. Therefore, the seed BHs might
ave the potential to grow in mass o v er sev eral Myr following their
ormation, which will be confirmed in future simulations. 

.6 Statistics and seed BH density 

his section discusses the number density of seed BH possibly 
ormed by the channel investigated in this work. In Section 5.3 in
23 , we already estimated the seed BH number density as 

 BH = n ACH f p 
d N merger 

d t 
�t 

∼ 10 −9 cMpc −3 

(
n ACH 

10 −3 cMpc −3 

) (
f p 

2 × 10 −4 

) (
�t 

3 Myr 

)
, 

(19) 

here n ACH is the number density of ACHs, f p the metal-pristine
raction, i.e. the fraction of ACHs which have experienced no prior
tar formation, d N merger / d t is the merger rate of M halo ∼ 10 7 M �
ith M 

′ 
halo � 10 6 M � (Fakhouri, Ma & Boylan-Kolchin 2010 ), and

t the time delay until the onset of cold accretion from the first cloud
ollapse in a given ACH. Since Li, Inayoshi & Qiu ( 2021 ) show that
CHs at z � 20 − 40 grow to become host haloes of SMBH at z � 6,
e e v aluate n ACH and d N merger / d t at z = 30 in equation ( 19 ). Since

he metal-pristine fraction at this epoch is unknown, we instead use
he value at z � 10 provided by Fernandez et al. ( 2014 ). Equation
 19 ) predicts n BH comparable to the SMBH number density at z � 6,

10 −9 cMpc −3 . 
The term of (d N merger / d t) �t considers the condition as follows;

f cold accretion occurs too late compared to the stellar lifetime,
ypically t life = 3 Myr , the gas in the halo will be metal-enriched
y SNe before the emergence of cold accretion, inhibiting SMS 

ormation. In Section 5.2 , we have also discussed that our current
imulations where SNe feedback is ignored will approximate such 
ases with �t < 3 Myr . Equation ( 19 ) suggests that even if these
ases are rare, their number density will be large enough to explain
he origin of SMBHs at z � 6. We also point out that the radiative
eedback ef fect some what prolongs �t , as sho wn in Section 3.3.1
see Figs 4 –6 ). In this paper, we only study a specific ACH where
MNRAS 534, 3916–3935 (2024) 
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t ∼ 10 Myr without incorporating the radiative feedback. It is
ncertain how the feedback effect extends the delay for rare ACHs
hich originally had much shorter durations, such as �t ∼ Myr .
his remains a task for future work. 
Note that our estimate with equation ( 19 ) only counts the number

ensity of ACHs without considering the possible mass growth
istories of seed BHs up to the epoch of z � 6. Since we have shown
hat the sequential formation of multiple SMSs can be induced by the
nset of cold accretion (Section 3.3.2 ), a very massive seed BH with

10 6 M � may be provided if the BHs with ∼ 10 5 M � produced
y the SMSs merge efficiently. If it occurs, this is advantageous for
ubsequent growth of the BH mass. With such a very massive seed
H, we may consider the ACHs at a relatively late starting epoch
f BH growth at z � 20 instead of z = 30 in equation ( 19 ). Note
hat the number density of ACHs increases as n ACH ∼ 0 . 1 cMpc −3 

t z = 20, which is two orders of magnitude higher than the value
sed in equation ( 19 ) (Barkana & Loeb 2001 ). 
Considering the lower redshifts may be disfa v oured in terms of

he metal-pristine fraction f p . Ho we ver, recall that the value referred
o in equation ( 19 ) is an estimate for z � 10, which will be a lower
imit for the higher redshift z � 20. Furthermore, as discussed in
ection 5.3 , the formation of SMS may still take place with non-zero
etallicities provided Z < Z crit ∼ 10 −4 − 10 −3 Z �. Allowing prior

tar formation within this condition, we further amplify n BH by some
rders of magnitude. 

 C O N C L U S I O N S  

e have investigated the formation of Pop III stars within an ACH
 M halo ∼ 10 7 M �) at a redshift of z � 17, when the cold accretion
rst appears in the early universe, performing cosmological radiation
ydrodynamics simulations. Following up our previous work K23 ,
e hav e e xplored the radiativ e feedback effects caused by stars

orming within the same halo. Specifically, we examined the potential
ormation of SMS triggered by cold accretion under the influence
f stellar radiative feedback. We have used zoom-in and particle-
plitting techniques to achieve high spatial resolution. We have
ollowed a long-term (several Myr) evolution of star formation in
 dense gas disc fed by cold accretion. Our findings are summarized
s follows. 

(i) As studied in K23 , the formation of Pop III stars first occurs
t the epoch of z � 18 . 9, when the virial temperature of the halo is
 vir � 10 4 K, before the emergence of cold accretion. The radiative
eedback from such a ‘preceding star’ affects the evolution even in
his early stage. An H II region develops at the halo centre and tem-
orarily halts further star formation. This effect delays the emergence
f the cold accretion by � 20 Myr . Ho we ver, cold accretion emerges
hen the virial mass of the halo exceeds M halo ∼ 10 7 M � at z ∼ 16 . 9.
he large ram pressure of the cold accretion streams o v ercomes the

hermal pressure of the photoionized gas, which finally quenches the
 II bubble. 
(ii) Immediately after cold accretion emerges, the star formation

s induced owing to the rapid mass supply to the halo centre.
his begins with cloud collapse induced by H 2 molecular cooling.
onsequently, massive Pop III stars with ∼ 10 3 M � emerge, and
old accretion persists. A dense gas disc forms around these stars
n the central region within r � 10 −2 r vir , rapidly accreting gas to
ncrease its mass. The average accretion rates for individual stars
re a few × 0 . 01 M �yr −1 , allowing them to grow into SMSs of
 � � 10 5 M � within a few Myr. As these rapidly accreting stars

evelop, a significant portion of the dense disc remains atomic.
NRAS 534, 3916–3935 (2024) 
hile the disc undergoes fragmentation to create multiple stars, the
fficient mass growth continues. Only several stars form, but most
f them grow into SMSs o v er the time-scale of ∼ Myr. The stellar
hotoionizing feedback is inef fecti ve in halting the mass accretion
uring that. 
(iii) The substantial accretion rate observed for each star can be at-

ributed to the following two effects. First, cold accretion delivers gas
irectly to the halo centre at rates ranging from 0.04 to 0.1 M �yr −1 ,
orming a central dense disc which sustains the stars with a nearly
onstant accretion rate. Secondly, radiative feedback efficiently
estroys H 2 molecules and H 

− ions, maintaining the atomic nature
f the disc. The feedback from ionizing (EUV) photons is relatively
eak because rapidly accreting stars possess large radii and low ef-

ective temperatures of T eff = 5 × 10 3 K or 3 × 10 4 K. Additionally,
he dense disc formed by cold accretion shields the stellar ionizing
hotons, preventing the expansion of an H II region. The atomic disc
oes not fragment efficiently, resulting in the formation of only a
ew stars. Thus, the gas provided by cold accretion is not competed
or by many stars, allowing a high accretion rate for each individual
tar. 

(iv) The ionizing feedback eventually operates after � 3 Myr from
he SMS formation induced by the cold accretion. Multiple SMSs
merge due to the fragmentation of the central gas disc by this epoch
nd gravitational interactions among them eject one star outside the
isc. The ejected star cannot sustain a high accretion rate since the
urrounding density outside the disc is very low. The accretion rate
alls below 0 . 004 M �yr −1 and the star contracts to reach a high
f fecti ve temperature of T eff � 10 5 K. The stellar emissivity of the
onizing photons increases significantly, leading to the expansion of
n H II region. The strong feedback disrupts the central disc and halts
he further growth of stellar mass. The H II region continues to grow,
rimarily along the polar directions, forming a large bipolar bubble.
his bubble expands beyond the virial radius over ∼ Myr, causing

he photoe v aporation of the entire halo gas. The cold streams towards
he halo centre are finally disturbed by this effect. 

In summary, we conclude that the interplay between cold accretion
nd stellar radiative feedback facilitates the sequential formation of
MSs. The heavy seed BHs formed by this process have the great
dvantage for further growth that they are embedded in the dense,
assive gas disc at the halo centre, and the disc is continuously fed

y cold accretion. The next key to understanding SMBH formation
s to study how efficiently they subsequently grow in mass o v er the
osmological time-scale. 
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PPENDI X  A :  SI MULATI ON  WI TH  DI FFE RENT  

EEDBACK  EFFI CI ENCY  L p = 0 . 1 L Edd 

n our fiducial simulation run, we have placed a star particle whose
ass is � 3000 M � as a result of the initial cloud collapse prior to the

nset of the cold accretion. This mass should be considered an upper
imit due to our limited spatial resolution, as described in Section 2.3 .

e have used η = 0 . 03 in equation ( 1 ), which is approximated by, if a
ingle star is assumed, a star with m � � 300 M �. While this may be a
ypical stellar mass of normal Pop III stars, it is important to consider
nother case with different feedback efficiency η. For comparison,
ere we describe the case with η = 0 . 1, assuming a more massive
tar or cluster. Note that we allow the star to emit radiation for more
han ∼ 10 Myr , which may be beyond the lifetime of very massive
tars (see Section 5.2 for a rele v ant discussion). 

Fig. A1 shows the time evolution of the gas structures at the
alo scale, in the same manner as in Fig. 4 . In this case, an H II

ubble breaks out within � 5 − 10 Myr , and the gas within the
alo is fully ionized and heated at T > 10 4 K. A large amount
f the gas is expelled from the halo due to photoe v aporation on
 halo scale. The lower panels indicate that filamentary streams
emain within the virial radius, although these structures will
ventually disperse as well. While not explored here, there will
e considerable delay before cold accretion begins, which will
ccur once the halo mass substantially surpasses the ACH range.
ven in such a situation, the formation of SMS induced by cold
ccretion might occur anyway, which should be confirmed in future
imulations. 
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Figure A1. Mass-weighted 2D projection maps of the halo at epochs of z = 18 . 9 , 18 . 7 , and 18 . 2 in descending order, in the case with the feedback luminosity 
L p = 0 . 1 L Edd . The epoch of the first row corresponds to when the preceding star (not SMS) forms. The left, middle, and right columns represent the gas density, 
accretion rate, and degree of ionization, as the tracer of virialized gas, accretion flows, and H II bubble, respectively. The white point in each panel denotes the 
preceding star particle. The white circle in each panel denotes the halo’s virial radius. 

This paper has been typeset from a T E 

X/L 

A T E 

X file prepared by the author. 

© 2024 The Author(s). 
Published by Oxford University Press on behalf of Royal Astronomical Society. This is an Open Access article distributed under the terms of the Creative Commons Attribution License 
( https://cr eativecommons.or g/licenses/by/4.0/), which permits unrestricted reuse, distribution, and reproduction in any medium, provided the original work is properly cited. 

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article/534/4/3916/7825884 by Kyoto D
aigaku Johogakukenkyuka Tosho user on 29 N

ovem
ber 2024

https://creativecommons.org/licenses/by/4.0/

	1 INTRODUCTION
	2 METHODS
	3 RESULTS
	4 WHAT DETERMINES ACCRETION RATE?
	5 DISCUSSION
	6 CONCLUSIONS
	ACKNOWLEDGEMENTS
	DATA AVAILABILITY
	REFERENCES
	APPENDIX A: SIMULATION WITH DIFFERENT FEEDBACK EFFICIENCY 

