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Abstract

Any explosive event occurring in the solar atmosphere is related to the process of magnetic
reconnection and the energy release mechanism. In the last decades, these aspects have exten-
sively been discussed on the basis of numerical investigations and confirmed observationally.
Recently, unprecedented high-resolution observations have revealed much more about the
role of magnetic reconnection as the principal initiation mechanism of solar eruptions. How-
ever, despite important progresses, from theoretical and observational points of view still it is
necessary further comprehension of solar eruptions, especially the large-scale events: flares,
filament and prominence eruptions, and coronal mass ejections (CME); the later being the
major contributor to the space weather. Here it is worth to mention that there is no a
definitive consensus about the triggering mechanism of filament eruptions, and the means by
which they are connected to CMEs. Another important issue related to filament eruptions
is that in most of the studies the line-of-sight component of high-speed events are scarcely
investigated due to the limited dynamic range of Doppler measurements. On the other hand,
it is not clear how large-scale disturbances in the solar atmosphere can be initiated by solar
eruptions.

With the aim of answering some questions stated above, this thesis contains an observa-
tional study of the dynamic evolution of explosive events on the Sun, with special emphasis on
events observed in the chromosphere. This includes investigations of two filament eruptions,
and a large-scale disturbance in the chromosphere and its associated coronal counterpart.
In order to estimate the influence of the eruptions on the Earth, it is necessary to correctly
derive the velocity both in the line-of-sight direction and in a plane perpendicular to the
line-of-sight, i.e., a three-dimensional velocity field. In this thesis we tried to derive physical
quantities, such as velocity field, by observing at multiple wavelength points of the Ha line.
In this way, we quantitatively investigated the solar eruptive phenomenon.

On 2011 February 16, a filament eruption was recorded in multiple wavelengths around



3
the Hav line by the Flare Monitoring Telescope (FMT). This data set allowed us to investigate

the three-dimensional velocity field of the filament eruption by applying a modified “cloud
model”. Based on this result and also using the side-view observations of STEREQO_A satellite,
we also investigate the inclination of the filament eruption. Because this event was associated
with a coronal wave, the inclination and the eruption time of the filament suggests that the
propagation direction of the observed coronal wave could have been driven by the filament
eruption. We also found a clear evidence of the interaction between the coronal wave fronts
and Ha quiescent filaments located at far distances from the flare site. Details of the analysis
and results are presented in Chapter 2.

Solar flares can also generate transient solar phenomena, such as large-scale propagating
disturbances in the chromosphere commonly known as Moreton waves. It is currently ac-
cepted that Moreton waves result because of the plasma compression in the chromosphere
by the globally propagating shock wave in the corona, which emanates from the flare site.
However, Moreton waves are not always present even during large or very energetic flares. So,
the open question is what the is difference between flares with and without Moreton waves?
In Chapter 3 we address this question by analyzing the Moreton wave on 2014 March 29 de-
tected by the FMT. Thanks to the observations in the wing of the Ha line performed by the
FMT, we were able to quantify the amplitude of the disturbance in the chromosphere caused
by the passage of the Moreton wave. In other words, we estimated the Doppler velocity of the
Moreton wave, which means the velocity of the plasma moving at the front of the Moreton
wave. Furthermore, based on our Ha results we attempted to infer the velocity amplitude
of the incident wave from the corona, and also to derive the Mach number of the incident
shock. Based on the extreme-ultraviolet (EUV) data, we also characterized the coronal wave
on 2014 March 29 by calculating the compression ratio and the Alfvén and fast-mode Mach
numbers of the coronal wave. The combination of the results from Ha and EUV observations,
permitted us to discuss the interaction corona-chromosphere during the passage of a large
disturbance in the corona and the role of it in the generation process of the Moreton wave.

In Chapter 4 the analysis of a fast-filament eruption occurred on 2017 April 23 is pre-
sented. This event was captured by the Solar Dynamics Doppler Imager (SDDI) instrument
incorporated on the SMART telescope, which provides high-resolution filtergrams in a wide
spectral window around the He line center. As in the event presented in Chapter 2, we ap-

plied the “cloud model” for deriving the line-of-sight velocity of filament eruption, although,
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this time our calculation is better constrained because of the sufficient spectral information
provided by the SDDI. In addition to the line-of-sight component of the filament eruption, the
apparent motion of the erupting material is also calculated, as well as the acceleration and
the total velocity of the leading edge of the eruption. Furthermore, the results of the “cloud
model” fitting, that is, the optical depth and the Doppler width, are used to estimate the

density of the filament, allowing us to discuss the mechanical energy of the filament eruption.
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Chapter 1

General Introduction

1.1 Global Properties of the Solar Atmosphere

The solar atmosphere is generally characterized by the increase of the temperature as a
function of height, and by the decrease of the density as a function of the radial distance from
the surface. The temperature in the photosphere falls from 6000 K to about 4300 K at the top
of the photosphere, a place named as temperature minimum region, then it gradually increases
through the chromosphere and abruptly through the transition region to a temperature of
1—2 MK in the corona. This is a temperature of about three orders of magnitude higher than
the temperature of the visible surface. In contrast, the density decreases rapidly with height,
in which the number density varies from ~ 10'" cm ™3 in the photosphere to ~ 10 cm™3 in
the chromosphere, and further to ~ 10? cm™3 in the corona. Similarly, there is a considerable
variation of the magnetic field in the vertical direction, although it starts to drop more gently
in the photosphere the faster reduction takes place the outer corona. The characteristics
mentioned above do determine the stratified and dynamics solar atmosphere, wherein each
region is governed by different physical processes. Figure 1.1 presents a schematic picture of
the variation of the temperature and density as a function of height based on the standard
VAL (Vernazza-Avrett-Loeset) model, in which the main three layers of the solar atmosphere,
i.e., the photosphere, chromosphere, and corona are characterized by particular changes in
the temperature and density. It is believed that at chromospheric temperature the plasma
is only partially ionized, while from transition region to coronal temperatures the plasma
becomes fully ionized.

An important parameter that characterizes the plasma dynamics in the solar atmosphere

is the plasma (. This parameter which is defined as the ratio of the plasma to the magnetic

11
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Figure 1.1: An illustration of the mean variation of the temperature and density with height in the
solar atmosphere based on the VAL (Vernazza-Avrett-Loeset) model (Adapted from Priest, 2014).
field pressure, indicates whether or not the magnetic field is dominant rather that the gas
pressure in a specific region. For example the plasma-f3 in the solar corona is less than unity,
meaning that the magnetic force and magnetic energy govern this layer. Below the chromo-
sphere it is expected § > 1, we enter into the regime where the gas pressure controls the
topology and dynamics of all phenomena occurring in deeper layers of the solar atmosphere.

In describing the solar atmosphere, it is also useful to define the scale height. The scale
height is the measure of how the density and the pressure decreases as a function of the
vertical distance, which has also a strong dependence on the variation of the temperature.
For this, it is assumed an atmosphere in hydrostatic equilibrium over which the pressure
and the density falls by a factor of e. For example, the larger scale height in the corona is
a consequence of much larger coronal temperature and lighter hydrogen gas (Aschwanden,
2004).

To conclude, any phenomenon happening in the solar atmosphere is dependent on the
temperature, density, and the magnetic field. Therefore, it is required further understanding

of the basic quantities described above if we want to do a diagnostic of any solar phenomenon.
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1.2 Solar Flares

Solar flares are explosive phenomena observed in the solar atmosphere, in which the accu-
mulated magnetic energy is abruptly released in a very short period. The amount of the
released energy during a solar flare is about 10?8 — 103? erg, and the typical duration is
10 — 10* s which depends on the spatial size of the flare (Shibata & Magara, 2011). The
released magnetic energy is then converted into radiative energy, kinetic bulk energy, and
thermal and nonthermal energies. The flare is a complex and short-term phenomenon which
occurs in active regions where the magnetic topology is rapidly changing due to the sunspots
evolution, new flux emergence or some instability. The manifestation of a solar flare can be
seen simultaneously in almost all regions of the electromagnetic spectrum, extending from
radio, optical, UV spectral lines, soft /hard X-rays, and sometimes even up to gamma rays.
The source of the flare energy is generally believed to be the magnetic field, and the
main way of accomplishing its release is by magnetic reconnection (Priest, 2000). However,
the build up process of the magnetic energy for the occurrence of flares still remains as an
open question. It is thought that the process of the energy accumulation starts slowly over
time intervals of hours and days in active regions where the field lines are deep-rooted in
the photosphere. The complex motions of sunspots and sub-photospheric structures cause
stresses in the field lines, these latter serve as reservoirs of magnetic energy. Here it is
instructive to include some details on the magnetic energy accumulated in a sunspot and the
amount needed the produce a solar flare. Considering a typical sunspot with size L and the

averaged magnetic field B, the total magnetic energy stored in such a sunspot is

B \? L 3
Ernag =~ (B?/87)L3 ~ 10% <103G> < > erg, (1.1)

which is sufficient to produce even the largest flare (Shibata & Magara, 2011). Only a small
fraction of this total energy is used for a flare, and the large remaining part is distributed in
form of potential field energy.

Most of the flares are visible by their line emission, such as in chromospheric lines (e.g.,
Ha, Call, Mgll). For example, in Ha filtergrams typically the flare appears as compact
bright structures, but during large flares two-ribbons of Ha emission usually form. The
sudden enhancement of the Hoa emission is interpreted as the chromospheric response to the

conversion of the magnetic energy released during a flare into heat and particle acceleration.
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NST Ho+1.0 18:13:22 UT

Figure 1.2: A solar flare observed at Ha + 1.0 A on 2015 June 22 by the 1.6m New Solar Telescope
(NST) at Big Bear Solar Observatory. In addition to the flare (brightening), cool falling material are
also seen streaming down on the flaring region. It is more likely that the falling plasma is related to
the chromospheric condensation (Adapted from Jing et al., 2016).

In Figure 1.2 an example of a solar flare observed in the wing of the Ha line is presented. The
figure shows unprecedented details of the flare including a flare ribbon propagating across
the sunspots, as well as flows of cool plasma.

Solar flares are often accompanied with other dynamic phenomena, for example, filament
and prominence eruptions, and a large-scale eruption known as coronal mass ejection (CME).
Large flares can produce disturbances in the solar atmosphere and the response of it may be
manifested in different manners. For example, coronal waves that are frequently observed
associated with flares and CMEs, suggests that global magnetohydrodynamics shock waves
emanate from the flare site. In occasions when the disturbance reaches the chromosphere, it
can also lead to the appearance of outwards propagation wave fronts from the flaring region.

The latter phenomenon known as Moreton wave is of particular interest in our study and will

be addressed in Section 1.3, and the results of a studied event are presented in Chapter 3.
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1.3 Shock Waves and Large-Scale Propagating Disturbances

in the Solar Atmosphere

As mentioned in the previous section large-scale propagating disturbances in the solar atmo-
sphere or global waves have a close connection with flares and coronal mass ejections. For
example, the eruption of a filament or a quiescent prominence may generate a wave that
propagates ahead of the eruption, whereas a solar flare is more likely to produce a large-scale
shock wave and its passage through the corona is revealed by type II radio burst emission.
Because the complex topology of the solar atmosphere, in particular the corona, the physical
understanding of global waves and shocks are not straightforward.

Shock waves associated with explosive events are fundamental physical processes in the
solar atmosphere, whose properties and effects have widely been discussed in the framework
of magnetohydrodynamics (MHD) theory. Basic concepts and description of shock waves and
large-scale propagating disturbances including some shock-related phenomena will be given

in the following sections.

1.3.1 Moreton Waves

In the Sun’s chromosphere a large-scale wavelike propagating disturbance, that was discovered
by Moreton (1960) and Moreton & Ramsey (1960) during the observation of a solar flare in
the wing of the Ha line, occasionally happens in association with strong flares. This wave
phenomenon known as “Moreton wave” usually propagates as semicircular fronts through the
chromosphere over a distance of about 5 x 10° km from the flaring region, at the speed of
the order of 500 — 1500 km s~!. Associated with Moreton waves, filaments and prominences
standing in the way of propagation direction can abruptly be induced to oscillate, and in
some situations to a disruption. Observations in the Ha spectral line reveal that the leading
front of the Moreton wave is observed as enhanced absorption in the red-wing and as reduced
absorption (brightening) in the blue-wing, followed by a fainter reversed front that is perceived
as enhanced absorption in the blue-wing and as reduced absorption in the red-wing (Dodson
& Hedeman, 1968). In the core of the Ha line the wave fronts usually appear as brightening.
These observational characteristics were interpreted as depression and a subsequent relaxation
process of the chromospheric material, as a consequence of the plasma that is forced to move

downward with a velocity of 6 — 10 km s~! (Svestka, 1976). This was inferred from the
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motions of spicules and fibrils caused by the wave front passage.

The kinematical properties of the Moreton wave, such as the high speed, the great trav-
eling distances, and the low wave amplitude, led to the question whether this phenomenon
is of chromospheric origin because the mentioned physical parameters are incompatible with
the framework of wave propagation in the chromosphere. For example, for a typical value
of the temperature in the chromosphere of 10* K, the sound speed results in ~10 km s~!,
and assuming a density 10'" cm™3 and 15 G of the magnetic field, the Alfvén speed in the
chromosphere is about 100 km s~!. A wave traveling in the chromosphere with a speed of
1000 km s~!, as determined from observations, would imply that this wave moves with a
Mach number of about 10. A shock wave of such strength should exhibit a strong ampli-
tude and would fully be dissipated before traveling long distances, but these effects are not
observed. A comprehensive interpretation of the generation and propagation aspects of the
Moreton wave is conducted if wave propagation in the corona is considered, where the sound
and Alfvén speeds are about one order of magnitude larger than in the chromosphere. This
idea was initially postulated by Anderson (1966) and Meyer (1968), and was further modeled
by Uchida (1968). According to Uchida’s model, the pressure pulse during the explosive
phase of a solar flare generates an MHD fast-mode wave in the corona, which compresses and
pushes the chromospheric plasma downward, and as a result, the Moreton wave is created. A
good correlation between type II radio burst and Moreton waves does exit (Kai, 1970). The
former traces the upward-propagating fast-mode shock in the corona, therefore this supports
the scenario described by Uchida.

In an effort to better understand the nature of the Moreton waves, a few studies have
been conducted using Ha wing observations (e.g., Warmuth et al., 2004; Veronig et al., 2006;
Balasubramaniam et al., 2007; Narukage et al., 2008; Muhr et al., 2010; Balasubramaniam
et al., 2010), also in HB (Zhang, 2001), and in the Helium I line at 10830 A (Vrsnak et al.,
2002b; Gilbert & Thomas, 2004). Most of the studies have focused on the kinematics of the
horizontal and lateral propagation speed, and some of them on the morphology and Doppler
velocity of the wave fronts, although no firm conclusions were drawn about the latter. For
example, Balasubramaniam et al. (2007) reported a Doppler velocity of about 2.6 km s~!
in the chromosphere based on Dopplergrams of a Moreton wave. Certainly, the signature
of Moreton waves is very faint, and in general the perturbation or the associated line-shift

of the Ha spectral profile cannot easily be distinguished. Figure 1.3 shows an example of a
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Moreton wave observed in the Ho line on 2006 December 6.
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Figure 1.3: Moreton wave on 2006 detected by the ISOON telescope in the Ha line center. The
brightest region is the associated X6.5 flare, and the wave front is indicated by the large arrows.
(Adapted from Balasubramaniam et al., 2010).

1.3.2 Coronal Waves

In 1997, a large-scale wave propagating disturbance was discovered in the coronal emission line
Fe x11 (195 A) in association with a C-class flare (Thompson et al., 1999). This coronal wave,
called “Extreme-ultraviolet Imaging Telescope (EIT) wave” after the EIT (Delaboudiniére et
al., 1995) on board the Solar and Heliospheric Observatory (SOHQO; Domingo et al., 1995),
was expected to be the fast-mode MHD counterpart of the Moreton wave, as predicted by
Uchida (1968). However, over the past 20 yr the debate for interpreting this phenomenon
as an MHD fast-mode wave was intense (see reviews by Chen, 2016; Long et al., 2017).
The controversy resides in its physical nature, such as the long-lasting coronal dimming,
stationary brightening, and particularly its traveling speed because it ranges between 170 —
350 km s~! (Klassen et al., 2000; Thompson & Myers, 2009), which is slower than the expected

fast-mode speed, and is sometimes slower than the sound speed in the corona (Thompson &
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Myers, 2009). In addition, the EIT waves lack a correlation with type II radio bursts, whose

speed is in the range of 300 — 1200 km s~! (Klassen et al., 2000). In order to overcome the
discrepancies on the nature of the EIT and Moreton waves, several models and possibilities
were put forward. For example, based on MHD simulations by Chen et al. (2002) and
extending them, Chen, Fang, & Shibata (2005) found that an upward-expanding flux-rope
is capable of triggering a coronal mass ejection (CME) by which two wavelike propagating
disturbances are produced: a fast-mode shock wave, and a slower component related to the
density perturbation resulting from successive stretching field lines that overlies the erupting
flux-rope. Here it is worth noticing that Delannée & Aulanier (1999) identified a bright front
in EIT images associated with a flare and CME, and they proposed a scenario of magnetic
field reconfiguration as a model of EIT waves. Alternative interpretations have also been
suggested in order to clarify the inconsistency of the velocity between the EIT and Moreton
waves, such as a subsequent deceleration (Warmuth et al., 2001), which was explained in
terms of fast-mode shock produced by a “blast wave” rather than a flux-rope expansion.
Note that in the meantime, large-scale disturbances associated with flares traveling through
the corona were also detected in soft X-ray emission (e.g., Khan & Aurass, 2002; Narukage
et al., 2002; Hudson et al., 2003; Warmuth et al., 2005; Asai et al., 2008), and reported in
radio wavelengths as type II burst (e.g., Khan & Aurass, 2002; Eto et al., 2002; Vrsnak et
al., 2005). They were interpreted as the coronal counterpart of Moreton waves.

For nearly a decade, the Atmospheric Imaging Assembly (AIA; Lemen et al., 2012) on
board the Solar Dynamics Observatory (SDO; Pesnell et al., 2012) has been constraining
our understanding of coronal waves. From now on, we will use the term “extreme-ultraviolet
(EUV) waves” to refer to large-scale coronal disturbances that are observed in the EUV pass-
bands. Thanks to the unprecedented capability of AIA, significant discoveries were possible,
including intrinsic characteristics that have never seen before of the coronal EUV waves. So,
it is more likely that the controversy on the EIT waves is coming to an end. It is currently
more accepted that two types of large-scale wavelike phenomena appear in the corona in asso-
ciation with flares and CMEs. The first is the MHD fast-mode or shock traveling ahead, and
the other is the second or slow component straddling behind. This picture was initially re-
ported by Harra & Sterling (2003) based on observations obtained with the Transition Region
and Coronal Ezxplorer (TRACE; Handy et al., 1999), suggested by analytical and numerical

approaches (e.g., Chen et al., 2002), and has been confirmed by numerous recent studies (see



19
Liu & Ofman, 2014; Warmuth, 2015). Clear evidence of co-spatiality between the fast-mode
EUV wave and the Moreton wave was also found (Asai et al., 2012), and the association with
type II radio burst displays a high tendency (Nitta et al., 2013). It should be mentioned that
statistical investigations have shown that EUV waves are more linked to CMEs rather than
solar flares (Biesecker et al., 2002; Nitta et al., 2013, 2014; Muhr et al., 2014), although the

mechanism by which they are related still remains puzzling.

In Figure 1.4 an example of a coronal wave recorded by AIA in the EUV band is displayed.
The propagation of a dome-like structure similar to a shock is observed, also large-scale
disturbances on the solar surface related to the wave passage. This event was analyzed in

detail and the results are presented in Chapter 3.
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Figure 1.4: Coronal wave on 2014 March 29 captured by SDO/ATA in the EUV passbands. The map
shows a combination of cool (171 A), warm (193 A), and hot (211 A) temperature channels of ATA,
at which the different components of the coronal wave are highlighted in blue, green, and red colors.
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1.4 Hydrodynamic Shocks

Any disturbance or motion on the solar surface and above can lead to the formation of shocks.
Shocks occur at discontinuous boundaries, a place where the wave steepens and attains a finite
amplitude, so the nonlinear terms in the wave equation become important since they make
the crest of the wave to move faster than its leading or trailing edge. If the shock speed far
exceeds the sound speed we will expect a strong shock, but when the shock speed is slightly
larger than or comparable to the sound speed it is called weak shock (Landau & Lifshitz,
1987; Priest, 2000). When the shock hits, there is a sudden jump in the velocity v, density p,
pressure p, and in the temperature of the gas, that is to say, the quantities concerned change
discontinuously across the so called surface of discontinuity. Moreover, the dissipation inside
the shock front leads to the gradual conversion of the excess of the wave energy into heat.
The conditions behind the shock front (denoted by the subscript 2) are related to those ahead
(denote by the subscript 1) by the equations of conservation of mass, momentum and energy,

respectively as:

P22 = P11, (1.2)
p2 + PQUg =p+ Plv%7 (1.3)
1 1
p2v2 + (p2e2 + 5/)20%)@2 = p1v1 + (pre1 + 5101@%)01, (1.4)

where for a perfect gas the internal energy per unit mass is e = p/[(y — 1)p]. These set of
equations are referred as to the Rankine-Hugoniot relations or jump conditions.

Equation (1.2) tells us that the mass flux pv crosses a unit area in unit time. The term
(pv)v in Equation (1.3) gives the rate at which the momentum is transported across a unit
area, and the work done by the pressure force on the same unit area is p. In Equation (1.4)
(pe + % pv) represents the rate of transport of internal and kinetic energy, while pv is the rate
at which the gas pressure does work (Priest, 2000). Equations (1.2)—(1.4) can be expressed

as jumps of various shock parameters, such as
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Here My = vy /cs1 is the shock Mach number defined as the ratio of the velocity of the shock
to the sound speed ¢, and v is the adiabatic index of the gas.

In the MHD regime, the magnetic field influences considerably the shock structure. The
simplest type of magnetic shock is the perpendicular case, wherein the velocity of the shock
and plasma are perpendicular to the magnetic field. On the other hand, there is a particular
case of shock propagation, which is called oblique shock. Unlike the perpendicular situation,
in the oblique case the parallel and normal components of the magnetic field acting on the
shock front must be taken into account. In similar manner as before, the properties of these
two special cases can be derived from the equations of conservation of mass, momentum,
energy, and magnetic flux, namely, the shocked plasma (vy, p2, p2, B2) are related to the
unshocked plasma (v1, p1, p1, B1). In Section 3.5 of Chapter 3, we applied the theory of the

oblique shock to analyze the properties of the coronal wave on 2014 March 29.

1.5 The Riemann Problem: Application to a Shock Tube

The state of a moving gas whose thermodynamics properties are known can be described in
terms of its velocity, density, and pressure as a function of position and time. Such properties
are well defined by the Euler equations, in which the conservation laws of conservation of mass,
momentum and energy are taken into consideration to investigate the physical characteristics
of propagating flows. In 1860, Riemann first analyzed the problem of how flows develop when
two adjacent slabs of fluid with different physical properties interact violently each other, as a
result Riemann observed discontinuities. This problem commonly referred to as the “Riemann
problem”, is widely used as a standard numerical scheme for studying the gas dynamics
and shocks. A special case of the Riemann problem is the “shock tube” problem, because
its solution is characterized by the appearance of shocks, reflected, and rarefaction waves,

therefore, it can be used as a test for numerical methods when dealing with discontinuous
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problems. The intention in giving a brief description of the Riemann problem is to make
easier the understanding of our results presented in Chapter 3 (Section 3.5) about a coronal

shock wave and its interaction with the chromosphere.

1.5.1 Physical Description of the Shock Tube Problem

The fundamental idea of the shock tube is the following. Consider a long tube (1D), closed
at its ends and separated into two regions by a very thin layer or a diaphragm. Each region
of the tube is filled with the same gas but with different thermodynamics parameters (e.g.,
pressure p, density p, and temperature 7'). In the scheme, the region of the tube with highest
pressure contains the driver gas, while the low pressure part consists of the test gas. Usually
the low pressure part of the tube is several times longer that the highest pressure region.
Initially the gas is at rest, and at a given time the breakdown of the diaphragm causes that
the highly compressed gas flows into the low pressure gas. As a results, a shock wave is
generated compressing the gas and propagating through the test gas, while a rarefaction
wave expands through the driver gas. The expanded gas is separated from the compressed
gas by the contact discontinuity, which travels at constant speed behind the shock wave.

The process described above is better illustrated by means of an z—t diagram (Figure 1.5),
where it is identified the shock wave, contact discontinuity, and the region where the rarefac-
tion wave propagates. We note that in the diagram the shock and the contact discontinuity
propagates to the right (R), having a constant velocity because they move in uniform regions.
The expansion of the rarefaction wave is in left direction (L) through a new region (E) limited
by OC and OD lines in our diagram.

The solution of the shock tube problem is obtained by considering the physical variables
behind the shock wave and applying the jump relations across the discontinuities (see Section
1.4). It is also important to remember the following characteristics of wave propagation: the
shock wave implies the discontinuity of all the parameters of the flow which are described
by the Rankine-Hugoniot relations (see Equations 1.5-1.7 in Section 1.4), and the contact
discontinuity is in fact a discontinuity of the density function, the pressure and the velocity
being continuous. Under this consideration it is found the exact solution to the shock tube
problem (e.g., Landau & Lifshitz, 1987; Zel’dovich & Raizer, 2002; Danaila et. al, 2007). We

show an illustration of the solution of the Sod shock tube problem! in Figure 1.6.

!The Sod solver is a module built to calculate analytics solution for a shock tube problem. In our illustration
we used the repository implemented by J. Skifi¢ under the MIT license 2015.
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Figure 1.5: 2—t diagram of the shock tube problem. The solution is presented in Figure 1.6.
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Figure 1.6: Analytical solution of the shock tube problem based on the Sod shock tube calculator.
The plots show the pressure p, density p, and velocity U distributions, respectively. In the scheme the
shock is located at @ = 0.85 which is visible in the origin of region (R), while the contact discontinuity
appears at © = 0.68 in the density profile in the limit of regions (2) and (1). On the other hand, the
rarefaction is manifested in the region (E), expanding from x = 0.48 to « = 0.26.
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1.6 Filament Eruptions and their Relation with Coronal Mass

Ejections

Solar filaments which are seen as dark elongated structures against the bright solar disk, or
prominences when are projected above the solar limb as brighten features, are dense and
cool “clouds” immersed in the hot corona. They are best observed in the hydrogen and
helium spectral lines that originate at chromospheric temperatures, thus confirming that
the filaments are made up of low temperature plasma (7" < 10* K). This is a temperature
of about two orders of magnitude lower than the surrounding corona, a region where the
magnetic field is dominant than the gas pressure (8 < 1). Because the filaments are confined
only in some specific regions of the solar corona and located over and along the polarity
inversion lines of the photosphere, it is believed that they are sustained in equilibrium mainly
by the horizontal component of the ambient magnetic field where the field lines have dipped
shapes. In the last decades important progresses and investigations have been made about
the filaments or prominences (for recent reviews see Vial & Engvold, 2015), however, some
aspects requires further comprehensions. For example, the origin and formation of filaments,
the energy and the force that prevents the material from collapsing, and the mechanism of
their sudden eruptions.

As observations have revealed, various forms of eruptive phenomena occur in the solar
atmosphere which develop at different time and spatial scales. Despite their differences in
appearance, it is quite well established that these phenomena are manifestations of the same
physical processes involving magnetic reconnection and plasma ejection (Priest & Forbes,
2002; Shibata & Magara, 2011). For example, there are certain events that can be described
in terms of disruption of unstable magnetic structures, such as flare-sprays, eruptive fila-
ments/prominences, coronal mass ejections (e.g., Kurokawa et al., 1987; Vrsnak, et al., 1991;
Antiochos et al., 1999; Forbes, 2000). On the other hand, in events such as surges, spicules,
X-ray and chromospheric jets, the ejection is controlled more or less by the field lines, that
is, the plasma is expelled along the magnetic field lines (Shibata , 1999; Shibata et al., 2007).

The question on how a filament in quasi-equilibrium becomes unstable and, what is the
driving mechanism responsible for its eruption and acceleration still are subjects of intense
investigations. The mechanism leading to the loss of equilibrium and then to the eruption may

involve an ideal-MHD instability and/or non-ideal processes, such as magnetic reconnection.
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Ideal processes such as helical kink and torus instabilities (Sakurai, 1976; Priest et al., 1989;
Titov & Démoulin, 1999; Kliem & Torok, 2006, and references therein) are invoked as the
possible initiation mechanism for the eruption. It is suggested that the kink instability enters
in action when the filament experiences an excessively twist above a critical value, whereas
the torus instability occurs when the filament approaches to a critical height. Alternatively,
fast magnetic reconnection can also initiate an eruption without the presence of twisted pre-
eruptive filaments (e.g., Karpen et al., 2012). On the other hand, the emerging flux trigger
model (Chen & Shibata, 2000) was also proposed, in which a newly emerging magnetic field
interacts with the preexisting field that contains the filament. The mechanisms described
above can explain well the initiation of the flux-rope or filament eruption, however, from
observational point of view, it is very difficult to directly measure and to detect, for example,
the twist of the filament as well as the magnetic reconnection.

Filament eruptions or disappearance have been studied for a long time, although our
knowledge of their close association with coronal mass ejections (CMEs) date back only to a
few decades (see Webb, 2015; Gopalswamy, 2015). As is shown in Figure 1.7, nowadays it is
well established that filament/prominence eruptions play an essential role in the generation
process of CMEs, the latter being a major contributor to space weather at the Earth. There-
fore, the monitoring and investigations of the formation, activation, and eruption of filaments

are fundamental issues to advance into our understanding of CMEs.
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FMT/Pr: 2000/08/03 08:14 UT

Figure 1.7: Prominence eruption on 2000 August 03 (left panel) captured by the Flare Monitoring
Telescope at Hida Observatory. This eruption occurred at the west limb and produced a fast coronal
mass ejection (right panel) with a speed of about 896 km s~!, as recorded by the SOHO/LASCO
satellite.
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When a filament enters into the eruptive state, it first interact with the coronal magnetic
field creating changes of the original magnetic field configuration. Hence, the key is to figure
out the interaction of the filament with the neighboring magnetic structures and understand
the interplay of the governing forces, such as the Lorentz force and the gravitational force.
Asai et al. (2009) studied the characteristics of an active region and the formation and
disappearance of a filament, the authors clearly showed that the interaction of the filament
with the surrounding ambient magnetic field played a role in the generation of CMEs and
the interplanetary consequences. Theoretical aspects on the eruption, propagation and the
interplanetary consequences was studied in detail by Chen (1996).

Finally, there are considerable works related to the dynamics of filament and prominence
eruptions in association with CMEs (see the review of Webb & Howard, 2012), and also recent
statistical investigations (e.g., Shimojo, 2014; McCauley et al., 2015, and references therein).
However, all of the studies, with a few exceptions (e.g., Penn, 2000; Morimoto & Kurokawa,
2003; Filippov, 2013), use as the main parameter the projected motion of the eruption in the
plane-of-sky, and assumptions are taken in order to derive the real motion (line-of-sight) of
the erupting materials. Because one of main objective of this thesis is to study the dynamic of
filament eruptions, in Chapters 2 and 4 we present a detailed analysis of two events detected
in Ha by the Flare Monitoring Telescope (FMT) and by the Solar Magnetic Research Activity
Telescope (SMART), respectively. By combining Ha wing observations and applying the

“cloud model”, the three-dimensional velocity field of the erupting filaments are derived.
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Chapter 2

“Dandelion” Filament Eruption and Coronal Waves

Associated with a Solar Flare on 2011 February 16

2.1 Motivation

Coronal disturbances associated with solar flares, such as Ha Moreton waves, X-ray waves,
and extreme ultraviolet (EUV) waves are fundamental issues related to magnetohydrody-
namics fast-mode waves or shocks in the solar atmosphere. In addition, filament eruptions
in conjunction with flares are sometimes identified as drivers of coronal waves and CMEs. It
is therefore of great importance understand the physical mechanisms of these phenomena to
elucidate the connection between them.

We conducted a multiwavelength study of a solar flare and a filament eruption, as well
as of the associated coronal wave. The filament eruption was captured in the Ha line by the
Flare Monitoring Telescope (FMT) at Ica University, Peru. By using the FMT observations
in the wing of the Ha line, we derive the three-dimensional velocity field of the filament
eruption, and also the inclination of the erupting material with respect to the solar surface.
The evolution of the associated flare is characterized by combining observations in soft X-ray,
EUV, and Ha, whereas the dynamic of the coronal wave is investigated using EUV data.
Based on Ha and EUV observations we found a clear evidence of interaction of the coronal
wave fronts with quiescent filaments located at far distances from the flare site. Our analysis
also shows a direct link between the filament eruption and the coronal wave, it suggests that

possibly the filament eruption played a role in the propagation direction of the coronal wave.
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2.2 Observations and Data

The studied flare occurred in the Active Region NOAA 11158 (S21°, W30°). It started at
14:19 UT and peaked at 14:25 UT on 2011 February 16, and was classified as M1.6 on the
GOES scale (Figure 2.1). NOAA 11158 produced the first X-class flare in the solar cycle 24
during the previous day. Figure 2.1 shows the time evolution of the GOES X-ray emission
for the February 16 flare.

For the analysis we use Ha data taken by FMT that provides full-disk solar images in
the Ha line center (6562.8 A), Ha —0.8 A (blue-wing), Ha +0.8 A (red-wing), continuum,
and limb prominence images (Ha line center with occulting disk). The spatial sampling
is about ~270 pixel ™!, and the time cadence is 20 seconds. Such multiwavelength full-disk
observations with high time cadence are suitable for investigating the velocity field of erupting
filaments (Morimoto & Kurokawa, 2003a,b; Morimoto et al., 2010) and for detecting Moreton
waves (Eto et al., 2002). FMT was relocated in March 2010 from Hida Observatory, Kyoto
University to the National University San Luis Gonzaga of Ica in Peru by the international
collaboration of the Continuous H-Alpha Imaging Network (CHAIN) project (UeNo et al.,
2007) for coordinated solar observations.

We did not find any direct signatures of Ho Moreton waves associated with the flare either
in the FMT images (in Ha line center and the +0.8 A wings) or in their running-difference
images. However, we found indirect evidence of the coronal wave in the form of winking
filaments that are located far from the flare site. Figure 2.2 shows a full-disk Ha line center
image of the flare taken by FMT. We show the flaring region with fy and the filaments are
denoted f1 to f5. The boxes indicate the areas over which we calculate the intensities to
identify their winking features activated by the flare and the coronal waves.

Associated with the flare, we also observe a filament eruption whose shape in Ha images
looks like a “dandelion”. This feature is especially prominent in the red- and blue-wing
images. Figure 2.3 also presents FMT images of the flare, filament eruption, and winking
filaments in Ha —0.8 A (left), Ho line center (middle), and Hoo 4-0.8 A (right) passbands.

The flare was observed in EUV passbands by the Atmospheric Imaging Assembly (AIA;
Lemen et al., 2012) on board the Solar Dynamics Observatory (SDO; Pesnell et al., 2012)
and by the Extreme-Ultraviolet Imager (EUVI) from the Sun-Earth Connection Corona and

Heliospheric Investigation (SECCHI; Howard et al., 2008) on board the Solar Terrestrial
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GOES X—Rays: 2011-Feb—16
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Figure 2.1: GOES X-ray emission at 1.0-8.0 A and 0.5-4.0 A channels of the 2011 February 16 flare
(with extended time range at the top and an enlarged view in the bottom panel). The arrows indicate
the peak of the M1.6 flare at 14:25:20 UT, which occurred in the Active Region NOAA 11158. The
second peak at 15:32 UT in the top panel corresponds to a C7.7 flare that occurred in the same active
region. The vertical dashed lines in the bottom panel point out the times of the images shown in
Figures 2.5 and 2.6.
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Figure 2.2: Full-disk solar image (solar north is up and west is to the right) of the flare in the He line
center taken by the FMT at National University San Luis Gonzaga of Ica, Peru. The box fy shows
the flaring region, whereas the fields of view fi to f5 contain quiescent filaments. Filaments fs and
f5 are analyzed in more detail in Figure 2.7.



34
Relations Observatory (STEREO; Kaiser et al., 2008). AIA provides high-resolution full-disk

images of the transition region and the corona at multiple wavelengths. We used AIA 171,
304, and mainly 193 A images to investigate the evolution of the flare, the associated erupting
filament, and the coronal waves. The temporal resolution of the AIA 193 A data, which are
attributed to the Fe XII line with the formation temperature of 1.25 MK, is 12 seconds, and
the pixel size of the image is 0/60. At the time of the flare, STEREO-A was located 86.8°
ahead of the Earth. STEREO-A/EUVI images at 195 A, which again are mainly from the
Fe XI11 line, have a temporal resolution and pixel size of 5 minutes and 1758, respectively.
The flare was also captured in soft X-rays by the X-Ray Telescope (XRT; Golub et al.,
2007) on board Hinode. XRT is sensitive to hot coronal plasma and can detect emissions
from plasma with temperatures of the order of 1 to several tens of MK. We used partial
images with 2”5 pixel resolution through the Thin-Be filter. In addition, to calculate the
potential magnetic field, we used the Potential Field Source Surface (PFSS) extrapolation
model! (Schrijver & DeRosa, 2003) that was applied to synoptic magnetograms taken by
the Michelson Doppler Imager (MDI; Scherrer et al., 1995) on board SOHO, based on the

LMSAL? forecaster program.

oring Telescope (FMT—PERU 1.Feb.16

14:47:39 UT| &
Ha cent:

Figure 2.3: Filament eruption and the oscillating filaments (arrows), associated with the 2011 Febru-
ary 16 flare. Ho —0.8A (left panel), Ha line center (middle panel), and Hor 4-0.8A (right panel) images
taken by FMT are shown.

"http://www.lmsal.com/~ derosa/pfsspack/
2Lockheed Martin Solar and Astrophysics Laboratory
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2.3 Analysis and Results

2.3.1 Overview of the Active Region and of the Flare

Figure 2.4 presents the temporal evolution of the flare at various wavelengths. Columns from
left to right are images in soft X-rays Thin-Be filter, in EUV at 171 and 304 A, and in the Ho
line center; and were taken by XRT, ATA, and FMT, respectively. Before the flare starts, the
so-called “sigmoid” or S-shaped magnetic field structure (e.g., Rust & Kumar, 1996; Canfield
et al., 1999) that lies in the east-west direction is observed in soft X-rays (see top left panel
in Figure 2.4).

During the time of the flare, NOAA 11158 was composed of several sunspots, as discussed
in detail by Toriumi et al. (2013) and Sun et al. (2012). In particular, two neighboring fast
flux emergences (Py - Ny and P; - Ny pairs) appeared in line along the east-west direction and
formed a quadrupolar distribution (see top panel of the Ha —0.8 A column in Figure 2.5).
Between the following negative spot Ny of the western bipole and the preceding positive spot
P, of the eastern bipole, a prominent filamentary structure appeared along the magnetic
neutral line on February 13, which developed for about three days. The X-class flare on
February 15 occurred along the elongated neutral line between Ny and P;. This basic mag-
netic configuration remained even after the X-class flare and displayed the sigmoid structure
seen in the XRT images.

The M-class flare in question, however, occurred at the eastern edge of the main neutral
line between Ny and P;. When the impulsive phase of the flare just begins (~14:22 UT), a
small bright X-ray feature appears at the eastern end of the sigmoid structure. The bright-
ening has counterparts in the Ha and 304 A images, which are mainly from footpoints of the
flaring loops. As of 14:31 UT, the filament eruption can be distinguished in the EUV and
Ho images (see bottom panels of Figure 2.4).

The starting point of the filament eruption is also located at the eastern edge of the
neutral line between Ny and P;. This filament eruption is clearly discernible both in the Ha
and EUV images, as shown in Figure 2.5. It was activated near 14:25 UT and displays an
enlarging dark feature in the Ha blue-wing images, like a dandelion, whereas no manifestation

is exhibited in Ha red-wing until 14:32 UT.
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Figure 2.4: Multiwavelength time sequences of the 2011 February 16 flare. Columns from left to
right are Hinode XRT Thin-Be broadband filter, SDO/AIA at 171 and 304 A, and FMT Ha line
center images. At 14:18 UT a sigmoid structure is clearly observed in the X-ray image, the dotted
lines outline the sigmoidal shape prior to the flare. In the 171 A, 304 A, and He images a dark feature
(filament eruption) becomes visible as of 14:31 UT. We pointed out the dark features with arrows.
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Figure 2.5: Temporal evolution of the filament eruption. From left to right: AIA 193 A, EUVI
195 A, and FMT Ha —0.8 and +0.8 A images. The STEREO-A/SECCHI/EUVI images show the
side view of the filament, since it was located 86.8° ahead of the Earth. The dashed green arrow at
14:30 UT points out the direction of the ejecta and the yellow arrows constitute the projected plane
on the solar surface; @ is the inclination angle with respect to the vertical component normal to the
solar surface. In the top panel of the third column, the arrow indicates the location of the erupting

filament, whereas Py, Ng, P;, and N; denote the sunspots distribution.
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2.3.2 Eruption of the Dandelion Filament

Here, we describe how we used Ha images to derive the three-dimensional velocity field of the
erupting filament. For the line-of-sight (LOS) velocity, we modified the method by Morimoto
& Kurokawa (2003a). They computed the LOS velocities of erupting filaments observed with
FMT by using the method based on the Beckers’ cloud model (Beckers, 1964; Mein & Mein,
1988). Morimoto & Kurokawa (2003a) adopted the single cloud model. Because FMT has
only three (center and 40.8 A) wavelength data points for the four unknowns (source function,
optical depth, Doppler velocity, and Doppler width) of a cloud, they further assumed a fixed
Doppler width in their calculation. Our method, on the other hand, deals even with the
Doppler width as a free parameter. This can be implemented as follows: in the quiescent
phase of the filament, we derived the parameters assuming the value of the Doppler width,
as was done in Morimoto & Kurokawa (2003a). To analyze a time series, we search for the
best-fit solution around the quiescent parameter values found in the initial time step, and
select the “nearest” local minimum in the parameter field. This selection of the nearest values
is based on the assumption that the physical parameters in a single cloud do not change so
quickly. Next, we search the parameters in the next time step around the parameters derived
in the previous time step, and so on. We did not set a “pre-defined range” in our method, we
used the hybrid method for the fitting (Powell, 1970). The error of the derived LOS velocity
is roughly comparable with the errors obtained with the method of Morimoto & Kurokawa
(2003a) and is about +10 km s~!, while the derived LOS velocity tends to be overestimated
for the fixed Doppler width, since the Doppler width is thought to be larger for an erupting
filament. The error could be, however, a little worse due to misalignment of the wavelengths
of the FMT filters from the nominal values. Comparing the wing data, the wavelength of
the red-wing (4+0.8 A) seems to be set closer to the line center than that of the blue-wing
(—0.8 A) The error of the LOS velocity, therefore, is roughly +15 km s

The left column in Figure 2.6 shows the derived temporal evolution maps of the LOS
velocity. The colors show blueshift (i.e., moving toward us) and redshift (i.e., moving away
from us) of the filament. Near 14:30 UT, the filament begins to erupt northward and simulta-
neously shows blueshift features, especially at the leading part, with a LOS velocity of about
—30 km s~!. At the root of the filament, in contrast, it shows a redshift with a velocity of
about 20 km s~!. The filament eruption is clearly seen until 14:35 UT. At this time, the LOS

velocity at the leading edge is nearly —25 km s~'. Next, the front edge gradually becomes
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invisible at 14:45 UT, whereas near 14:55 UT, the filament shows a dominant redshift pat-

tern. The observed blueshift velocity of about —30 km s™! is slightly larger than the result
by Veronig et al. (2011), while the temporal evolution is roughly consistent.

We confirm the temporal LOS motion with the side views of the filament eruption observed
from STEREO-A, since it was located at 86.8° ahead of the Earth. In the EUV 195 A images
of STEREO-A/SECCHI/EUVI, we see movement of the cold plasma as a dark feature (second
column in Figure 2.5). The dark feature is ejected from the flare site, and the traveling velocity
of the front (i.e., the fastest) part is about 280 km s~!. The horizontal component of the
velocity (i.e., the velocity in the direction from the Sun to the Earth) is about 230 km s~
FMT cannot detect clouds with velocity greater than 50 km s~!, because the wavelengths of
the wing data are set at +0.8 A. Therefore, FMT missed the front part of the ejection.

By comparing the EUVI 195 A and FMT Ha —0.8 A images (Figure 2.5), the Ho fila-
ment seems to correspond to the main (i.e., the darkest) part of the filament in the 195 A
images. The main part of the filament has a velocity of about 110 km s~!, and the horizontal

component has a velocity of about 90 km s~!.

The velocity is much larger than the LOS
velocity derived by FMT (30 km s~!). LOS velocities derived from the cloud model reflect
representative values of moving clouds, and the fine LOS velocity field in the clouds could
be lost. Besides, the velocity in the Earth-Sun direction is derived by following dark features
seen in EUVI images, and is not derived by tracing the moving ejecta. Alternatively, we could
detect a slower component of the erupting filament, because the velocity of about 90 km s~
far exceeds the detection limit of FMT.

For the tangential velocity of the erupting filament (i.e., the velocity of the filament in
the plane of the sky), we traced the apparent motion of filament blobs by using the local
correlation tracking (LCT) method. The middle column in Figure 2.6 shows the temporal
evolution of the erupting filament with arrows that show the orientation and magnitude of the
tangential velocity. The filament blobs are moving upward (i.e., northward) with a tangential
velocity of about 10 km s~!. The dark feature seen in EUVI 195 A images has a northward
velocity of about 65 km s~!, which is faster than the tangential velocity derived from FMT.
This result is explained by the excessively large mesh size used for the LCT method, which
means that features moving at such high speed could not be detected even if they were

present. The seeing condition prevents us from reducing the mesh size for the FMT images.

Therefore, the derived tangential velocity is a somewhat averaged value of the main part of
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Figure 2.6: Line-of-sight (LOS) velocity (left column), tangential velocity (middle column), and
inclination (right column) maps of the erupting filament. The LOS velocity was obtained by calculating
The tangential velocity was calculated by tracing the

the Ha profile based on the cloud model.
motion of the internal structures in successive images. The inclination is the result of the coordinate

transformation of the velocity vectors and corresponds to the top view of the filament, which is normal

to the solar surface.
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the ejected filament.

In the right column of Figure 2.6, we show the temporal evolution of the inclination of
the ejecta. The inclination angle is set to zero for the upward direction normal to the solar
surface. In the early phase of the ejection (around 14:30 UT), the direction is nearly horizontal
with respect to the solar surface, with a slight upward inclination. During the main phase of
the ejection, which occurs around 14:35 UT, the direction is still nearly horizontal but with
a slight downward inclination. Next, the inclination distribution becomes complex showing
upward and downward motions, probably because of the coexistence of upward and downward
moving features in the later phase. Although the error in the velocity measurements is
probably large, we believe that the ejecta move nearly horizontally with respect to the solar
surface. Furthermore, in Figure 2.5 (EUVI panel at 14:30 UT), we depict the plane of the
solar surface (yellow arrows over the heliographic coordinates) and a vertical component
perpendicular to the surface (arrow labeled “vertical”). The dashed green arrow highlights
the direction of the filament eruption as seen by STEREO-A, and ¢ is the inclination angle
with respect to the vertical on the solar surface. From EUV observations (193 and 195 A)
we infer the geometrical components of the erupting material, which leads us to estimate

p & 58°. So the filament in EUVI was ejected having an elevation angle of about 32°.

2.3.3 Filament Oscillations and EUV Waves

In the Ha data, we also observe winking (activation and/or oscillation) of filaments associated
with the flare. As we see in Figure 2.2, some filaments are labeled f; to f5. These filaments
are located far from the flare site. We identify a clear winking feature for filament fo and a
much fainter signature for filament f5 (see also the Figure 2.3).

The time series of the winking filament fo is displayed in Figure 2.7(a) at Ha —0.8 A
(left), Ha center (middle), and Ha +0.8 A (right) wavelengths. The field of view of the
f2 region is the same as in Figure 2.2. At 14:40 UT, the filament starts winking. First,
a dark feature becomes prominent in red-wing images, as shown by the arrow labeled 2r
in Figure 2.7(a). The feature is dominant until 15:05 UT, and then it fades slowly away.
However, at about 14:50 UT, a dark structure starts to appear in the blue-wing images, as
pointed out by another arrow (2b). This structure is noticeable until 15:10 UT, when it
disappears. In the Ha center, in contrast, no significant changes are observed.

Figure 2.7(c) plots the temporal variations of the intensities calculated for the f; region at
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three wavelengths. In the red-wing plot (dash-dotted line), we clearly identify a decrease of

the intensity associated with the appearance of the dark feature in the red-wing images. The
decrease starts at about 14:36 UT and reaches a maximal depletion around 14:45 UT, after
which it recovers. The signal in the blue-wing plot (dotted line), however, remains roughly
constant until 14:55 UT and then starts to decrease gradually. In the Ha center plot (solid
line), the signal slightly increases.

A similar analysis for filament f5 is presented in Figures 2.7(b) and (d). Unlike fo, the
dark structure appears mainly in the blue-wing (left panels). The dark feature is evident
from 14:40 UT until 15:05 UT. Conversely, at 15:00 UT, we recognize a very weak feature in
the red-wing (see arrow labeled 5r in Figure 2.7(b)). The temporal variation of the intensities
is plotted in Figure 2.7(d). The winking feature dominates during the darkening in the blue-
wing plot (dotted line), whereas the red-wing (dash-dotted line) and Ha center (solid line)
plots show gradual variation and no clear signals caused by the filament oscillation. For the
other filaments f1, f3, and f4, we verified the intensity profiles and found no winking patterns.

We also examine the temporal evolution of the coronal waves associated with the 2011
February 16 flare and the relation with the oscillating filaments. The time sequences of the
EUV waves produced by the flare are presented in the top panels of Figure 2.8 (panels a—d).
These are ATA 193 A running difference (20 minutes difference) images. The white arrows
highlight the moving wavefronts, whereas the locations of the oscillating filaments fo and
f5 are marked by the boxes. The distances of the filaments (fy and f5) measured from the
flare site along the spherical solar surface are ~5.1 x 10° and ~6.4 x 10° km, respectively.
We derive the speeds of the EUV wave by following the leading edge of the wave fronts
consecutively along the spherical lines to the filaments fo (path 2) and f5 (path 1) directions.
The mean velocities computed from a linear fitting are 430 + 29 km s~! and 672 4 24 km s~ !,
respectively. The EUV wave have been studied by several authors (Harra et al., 2011; Veronig
et al., 2011; Long et al., 2013; Nitta et al., 2013), and the propagating speed ranges from
500 to 700 km s~!, which changes depending on the propagating direction. Therefore, the
velocities derived in this study are comparable with those results.

At 14:28 UT (Figure 2.8a), a well-defined wave front propagates mainly toward the north,
and a bright erupting material is observed that corresponds to the dandelion filament. At
about 14:31 UT (Figure 2.8b), the central part of the wave front seems to stop and to exhibit

a stronger amplitude: this occurs just when the wave is approaching the edges of a weak
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Figure 2.7: (a), (b) Ha images: Ha —0.8 A (left), Ha center (middle), and Ha +0.8 A (right) of
the oscillating filaments fo and f5, respectively. The field of view is shown in Figure 2.2. The arrows
indicate the starting time of the oscillation both in Ha +0.8 A (labeled 2r and 5r) and Ha —0.8 A (2b
and 5b). (c¢), (d) Time profiles of intensities for regions fy and fs, respectively. The horizontal axis is
the time in UT, and the vertical axis is the normalized intensity. The solid, dotted, and dash-dotted
lines are the intensities in the Ha center, —0.8 A, and 4+0.8 A, respectively.
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Figure 2.8: (a) — (d) Time sequences of running difference images of the SDO/ATA 193 A images.
The regions of the Ha filaments fo and f5 are marked by the rectangles. (e) Potential magnetic field
configuration extrapolated on SOHO/MDI magnetogram based on the PFSS model. The red triangle
denotes the location of the weak active region. (f): A schematic illustration of the coronal wave
progression and its interaction with the filaments fy and f5. The gray strokes outline the wave fronts
at the given time and the arrows indicate the filaments’ position.

active region that is located north of NOAA 11158. The observed enhanced pattern and the
changes in the wave front progression are tentatively attributed to the plasma compression
generated by the interaction between the coronal wave and the confined magnetic system of
the active region (Uchida, 1974). We plot the potential magnetic field configuration derived
from SOHO/MDI in Figure 2.8(e). The red triangle indicates the location of the northern
weak active region. We confirm that the propagating wave front tends to stop there. Note
that, at 14:35 UT (Figure 2.8¢c), the leading part of the wave front decelerates, perhaps

retained by the magnetic field configuration, whereas the west part is slightly refracted and

continues traveling northwest (Figure 2.8d).
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Figure 2.9: Time-distance diagram of the EUV wave and oscillating filaments fo and f5, measured
along the paths shown by the dashed lines in Figure 2.8(f). The diamonds ¢ mark the position of
filaments fs and f5, whereas the wavefront distances at given time are represented by o and [J together
with the standard deviation (error bars) along paths 1 and 2, respectively. Ry is the solar radius (=695
800 km). For comparison, we also plot the GOES X-ray flux in the 1.0-8.0 A channel (solid line).
Figure 2.8(f) shows the progression of the most prominent fronts of the EUV wave from
14:27 to 14:40 UT, the positions of the weak active region, and the oscillating filaments fo
and f5. At 14:37 UT, the wavefront labeled 5 approaches f5 and, at 14:40 UT, the wave
front 6 reaches fo. These times are consistent with those identified both in the images and in
the intensity plots of fo and f5 (Figure 2.7). Figure 2.9 presents the time-distance diagram
of these temporal behaviors. We measured the temporal evolution of the wave fronts along
the paths, as shown by the projected dashed lines in Figure 2.8(f). The squares (OJ) and
circles (o) plotted together with a linear fit (dotted lines) in Figure 2.9 show the times and
the positions of the wavefronts as they move along paths 1 and 2, respectively. Diamonds
(¢) indicate the oscillating filaments f5 and f,, which are on a straight line, as shown by the

dotted lines. Therefore, the observed winking filaments are assumed to have been triggered

by the passage of the EUV coronal wave.
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2.4 Summary and Conclusions

We observed a filament eruption shaped like a dandelion and associated with the flare that
occurred at NOAA 11158. We analyze the Ha images taken by FMT in Peru and derive the
three-dimensional velocity field by using a new method. To derive the LOS velocity, we use
the modified cloud model that was originally developed for the FMT data by Morimoto &
Kurokawa (2003a). We compare the temporal behavior of the erupting dandelion filament
with its EUV side views observed by STEREO-A/SECCHI/EUVI. We realize that the LOS
velocity derived from the Ha images of FMT gives representative values of the moving clouds
and that the very fast components seen in the STEREO-A/EUVI images are probably lost due
to the detection limit of FMT. The tangential velocity of the dandelion filament is derived
by applying the local correlation tracking (LCT) method to the Ha images. We derive a
representative (averaged) tangential velocity of the main part of the filament, although we
could not capture small fast-moving features, if they exist, because of the limited mesh size
of the LCT method. By combining these LOS and tangential velocities, and applying a
coordinate transformation, we also derive the inclination of its velocity vectors. We confirm
that the dandelion filament is ejected nearly horizontally with respect to the solar surface.

We also observe the winking of Ha filaments that are located far from the flare site, and
examine the relation between the winking filaments and the EUV coronal wave associated
with the flare. As summarized in Figures 2.8 and 2.9, Ha filaments fy and f5 start oscillating
when the EUV coronal wave arrives, so we confirm that the interaction between the EUV
wave and the Ha filaments causes the filaments to wink.

The derived traveling speed of the observed EUV waves is about 430 to 672 km s .
Associated with this flare, Type II radio burst was also observed (Harra et al., 2011; Nitta
et al., 2013). These results are a strong indication that the observed EUV waves are MHD
fast-mode waves or shocks. Moreover, we observed the filament eruption ejected tangentially
to the solar surface. This seems to be suitable to generate a Ha Moreton wave, because the
wavefront could easily make contact with the chromospheric plasma, even if a shock front is
generated only in some restricted range at the front of the ejected filament. Nevertheless,
we do not observe a Moreton wave associated with the flare. This is probably because the
downward velocity of the wave front is small (about 20 km s~!) toward the solar surface, as

reported by Harra et al. (2011) and Veronig et al. (2011), and probably because the EUV
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coronal wave (or shock) is not strong enough to generate an observable Moreton wave in the
Ha band.

We derived the three-dimensional velocity field of the filament eruption. We could follow
the temporal evolution of the velocity field and inclination of the ejecta. We also examined the
temporal behavior of the EUV waves associated with the filament eruption. These provide us
with an overall picture on the development of the EUV coronal wave and a filament ejection.
Although FMT may have missed capturing very fast components, the close correlation in
time and the main direction of the EUV wave progression with those of the filament eruption
leads us to conclude that the filament is the driver of the observed EUV wave. Although the
work we did by measuring the three-dimensional velocity field of the erupting filament and
examining the relation between velocity fields and coronal EUV wave showed a direct link
among both phenomena, further studies are needed to fully understand filament eruptions
as a driver of coronal EUV waves and CMEs. Statistical studies to derive the tendency of

filament eruptions to generate coronal waves and/or CMEs could be useful for this.
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Chapter 3

Dynamic Processes of the Moreton Wave on 2014

March 29

3.1 Motivation

The discovery of a large chromospheric disturbance associated with a flare by Moreton (1960)
and Moreton & Ramsey (1960), opened the door to new research fields in the late of 1960’.
Although in the past decades important progresses have been achieved, still remain some
unanswered questions about chromospheric disturbances triggered by flares. It is currently
almost well established that a large-scale disturbance in the chromosphere, commonly termed
as “Moreton wave”, appears in connection with strong flares, and shock waves in the corona;
but interestingly the Moreton wave only is observed in some occasions, which is puzzling. So,
the natural question that arises here is: what is the difference between flares and/or shock
waves with and without Moreton waves? It is argued that when the shock wave in the corona
is strong enough, it could easily make contact with the plasma in the chromosphere and as
a result one would expect to observe a Moreton wave. However, quantifying the strength of
the shock in the corona is not straightforward, but when multiwavelength observations of a
large-scale disturbance in the solar atmosphere are available, it is possible to investigate the
shock propagation in the corona and the reaction of the underlying chromosphere.

In this Chapter we present a detailed study of a Moreton wave associated with a X1.0-class
solar flare that occurred on 2014 March 29. The flare and the Moreton wave were successfully
captured in multiwavelength imaging in the Ha line (Ha £ 0.8 A) by the Flare Monitoring
Telescope (FMT). We analyze the dynamic of the Moreton wave with special emphasis on

the Doppler characteristics, which enabled us to quantify and discuss the downward /upward
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motion of the plasma in the chromosphere caused by the wave propagation. One of our
important findings is that the plasma moving downward at the front of the Moreton wave
attains a maximum velocity of about 4 km s~!, whereas the propagation speed ranges between
640 and 859 km s~!. Furthermore, using the weak-shock approximation in conjunction with
the velocity amplitude of the chromospheric motion induced by the Moreton wave, we derive
the Mach number of the incident shock in the corona. We also used the MHD linear theory to
infer the plasma velocity in the corona and its relation with the chromospheric disturbance.
In addition, we performed the temperature-emission measure analysis of the coronal wave
based on the SDO/AIA observations, which allowed us to estimate the compression ratio
distribution, and to derive the Alfvén and fast-mode Mach numbers. These results led us to

discuss the characteristics of the shock front and the interaction with chromospheric plasma.

3.2 Observations and Data

The 2014 March 29 flare is one of the best observed events because it was captured in a
wide range of wavelengths with unprecedented temporal and spatial resolution by advanced
space-borne and ground-based instruments. This powerful flare classified as X1.0 on the
GOES scale occurred in active region 12017 (N11, W32), and was accompanied by various
associated phenomena: fast-filament eruption, chromospheric evaporation, large-scale propa-
gating disturbance in the corona and the chromosphere, filament activation/oscillation, and
ultimately a CME.

The Moreton wave on 2014 March 29, was detected in high cadence images obtained by
the Flare Monitoring Telescope (FMT: Kurokawa et al., 1995; UeNo et al., 2007; Shibata et
al., 2011), which is in operation at National University San Luis Gonzaga, Ica, Peru. The
FMT provides simultaneous full-disk solar images at several wavelengths: the Ha line center
(6562.8 A), Ha —0.8 (6562.0 A; blue wing) and Ha +0.8 (6563.6 A; red wing), and continuum
(6100 A), also in prominence mode (He line center with occulting disk), with a time cadence
of 20 s and spatial sampling of ~ 270 pixel "!. These characteristics make the FMT a suitable
instrument for detecting Moreton waves (e.g., Eto et al., 2002; Narukage et al., 2002, 2004),
for deriving the velocity field of filament eruptions (e.g., Morimoto & Kurokawa, 2003a,b;
Morimoto et al., 2010; Cabezas et al., 2017), and for studying the long-term variation of UV

radiation (S. UeNo et al. 2019, in prep). Because Moreton waves are best observed in the
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wing of the Ha line (see Moreton & Ramsey, 1960; Narukage et al., 2008; Chen et al., 2005),

for the analysis we made use of the FMT wing (red and blue) observations. This further
enabled us to investigate the Doppler characteristics of the Moreton wave.

In Figure 3.1(a) we present a full-disk time-difference image at Ha 4+0.8 A (red wing),
taken by the FMT on 2014 March 29 at 17:49:20 and 17:49:59 UT. The Moreton wave is
clearly seen as an arc-shaped front propagating northeast from the flare site following a tra-
jectory of a solid angle. The great-circle dashed lines projected onto the solar surface outline
the paths Pq, Po, P3, and P4 that we considered in our analysis to estimate the horizontal
propagation speed of the Moreton wave and to derive the velocity amplitude in the chro-
mosphere. Figure 3.1(b) shows the soft X-ray flux by GOES together with the hard X-ray
emission by RHESSI in the energy range 25-50 keV. According to the GOES plot, which is
predominantly thermal emission from the corona, the flare started at ~17:35:30 UT reach-
ing its maximum at ~17:48:00 UT; whereas the RHESSI profile shows a different behavior
during the impulsive and the main phase of the flare because it results from non-thermal
bremsstrahlung emission. Figure 3.1(b) also indicates the time period at which the More-
ton wave is observed, as represented by the gray shaded area extending from 17:45:20 to
17:53:20 UT.

The coronal wave associated with the flare under study was captured in X-ray wavelength
by the X-Ray Telescope (XRT; Golub et al., 2007) on board the Hinode satellite (Kosugi et
al., 2007). We use full frame images through the Ti-poly filter with a temporal resolution of
~40 s and pixel size ~8’2 pixel ™!, and partial images in Al-poly and Be-thin filters with a
temporal resolution and spatial sampling of ~1 min and ~170 pixel™!. The XRT channels
are sensitive to very hot coronal plasma capable of detecting emission from ~1 to more than
10 MK. For our study we also used extreme ultraviolet (EUV) data taken by the Atmospheric
Imaging Assembly (ATA; Lemen et al., 2012) on board the Solar Dynamics Observatory (SDO;
Pesnell et al., 2012). We examine the morphology and the kinematics of the coronal wave
by using emission lines at 304, 211, and 94 A, which are dominated by He 11 (logT ~ 4.7),
Fe x1v (logT ~ 6.3), and Fe xviir (logT ~ 6.8), respectively. To characterize the local
plasma responses to the EUV wave passage, we carry out differential emission measure (DEM)
analysis based on the method introduced by Cheung et al. (2015). We performed DEM
maps using six ATA (94, 131, 171, 193, 211, and 335 A) coronal temperature data, with full

cadence (12 s) and spatial sampling of ~ 0”6 pixel L.
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Figure 3.1: (a) Time-difference image of the full-disk Sun at Ha +0.8 A captured by the Flare
Monitoring Telescope (FMT) on 2014 March 29 at 17:49:59 UT. The image was subtracted with its
precedent taken at 17:49:20 UT. The dashed black lines labeled Py, Po, P3, and P4 projected onto
the solar surface outlines the paths along which the analysis of the Moreton wave is performed. The
black rectangle marks the flare site, while the large white box depicts the field of view presented
in Figure 3.2. (b) GOES X-ray emission at 1.0-8.0 A (1.5-10 keV, black solid line) and RHESSI
count rate (25-50 keV, gray solid line) of the X1.0 flare. The shaded area starting from 17:45:20 to
17:53:20 UT denotes the time period at which the wave front is identified in our Ha data.
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3.3 Wave Morphology and Kinematics

The morphology of the Moreton wave and its associated coronal counterpart is characterized
by performing running-difference maps, while the kinematics is inferred from intensity varia-
tion through artificial slits and by carrying out time-distance measurements of the wave front.
For the kinematics we take into account the great-circle paths P1—P4 (shown in Figures 3.1,

3.2), projected over an angular extent on the solar surface in the wave propagation direction.

3.3.1 Morphology

Figure 3.2(a)-(c) show time-difference coronal counterpart images of the Moreton wave on
2014 March 29 in X-ray channel (Ti-poly), in the EUV band at 94 A, and a composite tri-
color image (RGB = 211, 193, and 171 A), respectively. For comparison we also include
time-difference images in He 11 (304 A)(panel d) and Ha +0.8 A (panels e, f) to see how the
different layers of the solar atmosphere respond to the effects of the wave propagation. As
the temperature changes from hot to cool, the disturbance develops differently, exhibiting
several aspects and components of the coronal wave.

In X-ray and 94 A (Figure 3.2a, b) the morphology of the coronal wave is quite similar
in space and time, both representing emissions of hotter coronal plasma >6.0 MK. In Fig-
ure 3.2(c), which is a composite map of warm (211, 193 A) and cool (171 A) ATA channels,
a dome-shaped structure similar to a shock propagating ahead of the disturbed surface or its
footprint is visible, the latter predominantly seen in the cool channel. In much cooler line, i.e.,
He 11 (Figure 3.2d), which provides diagnostics of the upper chromosphere and the transition
region (~5 x 10* K), only the footprint of the coronal wave is clearly observed as a bright
arc-like feature moving toward the northeast. This thin layer might be strongly affected by
the pressure excess created by the globally propagation shock in the corona, resulting in this
enhanced emission. On the other hand, the signature of the disturbance in the wing of the
Ha line at £0.8 A (Figure 3.2e, f) appears more diffuse and somewhat similar in morphology
to that in He 11 line. Naturally, the change observed in Ha indicates an increase in the local

Doppler velocity, and this aspect is addressed in Section 3.4.
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Figure 3.2: Coronal counterpart and Moreton wave associated with the X-class flare on 2014 March
29. The maps show different heights of the solar atmosphere, including the hotter component (~6 MK)
of the corona in X-ray and 94 A (panels a, b), the intermediate component (1-2 MK) as a composition
of ATA 211 A (red), 193 A (green) and 171 A (blue) (panel c¢), the transition region (~5 x 10* K) at
304 A (panel d), and the chromosphere (~10* K) at Ha +0.8 A (panels e, f). The maps illustrate
the response of the solar atmosphere to the global disturbance triggered by the large-scale wave
propagation. In panel (c) the arrows highlight the dome-like expansion of the coronal wave propagating

ahead of the disturbed surface (footprint).
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3.3.2 Kinematics

We performed Ha —0.8 and +0.8 A running-difference intensity maps in order to enhance
the wave contrast. Then, we extracted the intensity variation along the slits P1—P4 shown in
Figure 3.2 (panels e, f). The results are presented in Figure 3.3 as time-distance diagrams, in
which the wave signature at Ha +0.8 A (upper panels) appears first as dark then as bright
narrow stripes, while at Ho —0.8 A (lower panels) as bright and dark lanes; both display
identical evolution and similar tendency in the propagation speed. In the time-distance
diagram Ps, we can also identify signatures of the wave front interacting with quiescent
filaments that are located in the propagation direction of the Moreton wave.
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Figure 3.3: Time-distance diagrams of the Moreton wave obtained from running-difference images
along trajectories P1—P4 (see panels e, { in Figure 3.2). The distance is expressed in megameters (Mm)
starting from the flare site. The upper panels show results at Ho +0.8 A and the lower panels at Ho
—0.8 A, wherein the orange arrows in each panel outline the earlier propagation speed of the Moreton
wave. On the other hand, the black arrows in panels Py point out signatures of a filament activation
due to the interaction with the Moreton wave.
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In order to compare the nature of the Moreton wave with its associated coronal wave,
time-distance diagrams from EUV and X-ray observations are also performed, whose results,
obtained through slit P3 (see Figure 3.2) are shown in Figure 3.4. The following characteristics

can be drawn from the multiwavelength time-distance diagrams:

1. Taking the starting time of the GOES flux enhancement as reference, the corona, transi-
tion region, and the chromosphere reacted almost simultaneously to the extremely large
propagating disturbance in the solar atmosphere, even though we note some delay in

the response of more dense layers, i.e., the transition region and the chromosphere.

2. A similarity of the wave signature in terms of velocity and development is observed in
Ha and He 11 (304 A) lines, although in the latter the signature appears brighter and
sharper (see also panel d in Figure 3.2). The enhanced emission in He II suggests that
the transition region is evidently more affected than the chromosphere by the pressure

jump as a consequence of the coronal wave passage.

3. Several characteristics at 211 A are identified: a main or fast-component traveling at
~969 km s~! and a slow-component moving behind it with a speed of about 387 km s~ 1.
Here it is worth adding some comments on the observed features. The rapid expansion
and the large propagation speed are inherent characteristics of a fast-mode magne-

tosonic wave. In contrast, the slower component possibly results from the deformation

and restructuring of the ambient corona after the shock passage.

4. In the AIA hotter channel (94 A) and X-ray Ti-poly the wave progression behaves
identically, although the intensity variation due to the disturbance lasts for only about
6 minutes. The observed short period in these hotter channels can be ascribed to the
temperature response of the instruments because they are sensitive to hotter coronal
emission well above 6 MK. Therefore, it is more likely that the 94 A and Ti-poly filters
mainly detected the hottest part of the coronal wave that was possibly present during

the early stage of the wave propagation.
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Figure 3.4: Time-distance diagrams of the disturbance in the corona, transition region (TR), and
the chromosphere caused by the coronal wave on 2014 March 29. The intensity variation is calculated
from running-difference images along trajectory P3 shown in Figure 3.2. From left to right: X-ray
Ti-poly filter (logT ~ 6.7, with short time-range), EUV at 94 (logT ~ 6.8), 211 (logT ~ 6.3), and
304 A (logT ~ 4.7), and the wing of Ha at +0.8, —0.8 A (logT ~ 4.0), respectively. The cyan
curves are the GOES X-ray emission at the 1-8 A channel. The time-distance diagrams reveal that
the corona, transition region, and the chromosphere reacted almost simultaneously to the global-scale
wave propagation (see the text).

On the other hand, we also estimated the propagating distances of the Moreton wave by
tracking the leading edge of the wave front in successive images. The measurements were made
along four great-circle paths (P1—P4), the same trajectories for the time-distance diagrams,
and assuming the flare site as the wave origin. The mean propagation velocity of the Moreton
wave is calculated by applying the linear fitting to the time-distance plots. The results for Ha
—0.8 and +0.8 A are presented in Figure 3.5 (top panels), along with the results of the wave
progression derived from He 11 line (304 A). The plots show that the Moreton wave moves
faster in the P; direction, both at Ha —0.8 and +0.8 A with a mean velocity of 859 and
850 km s™!, respectively. It is observed that there is a tendency in the speed of the Moreton
wave to slow down as the path changes from trajectory Py to P4. The derived mean velocities
along paths Py, P3, and P4 vary from 773 to 663 km s~ at Ha —0.8 A, and from 778 to
640 km s~ ' at Ho +0.8 A, respectively. The characteristics of the wave evolution at 304 A are
somewhat identical to that in Ha. Such identical features are clearly recognized by looking at

the wave-front speeds along paths P1—P,4, which are comparable to the derived speeds from
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Ha observations, which also show a tendency of reduction in the propagation speed as the
wave moves away from trajectory Py towards the northwest. The similarities of the wave
progression in He 11 and Hea lines, and also in morphology as described in Section 3.3.1, is a
clear indication that the plasma in the transition region and the chromosphere reacted in a
similar manner to the action of the large-amplitude disturbance in the corona.

A similar analysis is conducted using AIA coronal lines at 211 and 94 A, as well as hotter
coronal emission captured by the XRT Ti-poly filter. Figure 3.5 (bottom panels) shows the
time-distance plots derived from 211 A, 94 A, and Ti-poly observations, measured along paths
P1-P4. They are same as for Ha and He 11 lines. It is shown that the wave in the corona
develops in a different manner in terms of speed and propagation direction. For example,
at 211 A the estimated values of the mean velocity extends from 795 to 1369 km s~ !, which
increases as the wave travels in the northwest direction (paths Pz, P4). The same tendency
is shown in the wave evolution at 94 A and in the Ti-poly filter, having a mean velocity
from 612 to 914 km s~ !, and 631 to 949 km s, respectively, although only the earlier stage
of the wave-front progression is identified in these hotter channels. Here it is worthwhile
to point-out the following: because of the complex 3D dome-like expansion of the coronal
wave and the projection effect, the results presented in the bottom panels of Figure 3.5 do
represent the kinematics of the wave evolution at high altitudes rather than at the coronal
base or the solar surface. In Table 3.1 we present a summary of the propagation speeds of the
Moreton wave and the associated coronal wave calculated along the four paths, also including

the mean value for each wavelength domain.
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Figure 3.5: Time-distance plots of the Moreton wave and its associated coronal wave, measured from

the flare site along paths P1—P4 shown in Figure 3.2. The top panels show Ha —0.8 A (blue wing),
Ha +0.8 A (red wing) and He 11 (304 A), while the bottom panels show ATA 211 and 94 A, and the
XRT Ti-poly filter. The corresponding mean velocity of the wave front derived from linear fitting is

also shown. The uncertainty is estimated from the standard deviation. The right vertical axis in each

panel, highlighted with gray, are in units of solar radii (1Rs &~ 695,800 km).

Table 3.1: Propagation speeds of the Moreton wave and its Associated Coronal Wave on 2014 March

29
Path Ha -0.8 A Ha +0.8 A 304 A 211 A 94 A XRT/Ti-poly
P, 859 £ 13 850 £+ 0.8 854 +30 795+31 612+29 631 +0.7
Py T7T3+£23 T8 +20 737 +3.0 848 +0.9 610+09 712+ 48
P; 7234+ 51 705 +12 7264+ 22 10124+ 0.5 731 +31 871 + 13
P, 663 + 17 640 £14 689+ 10 1369 + 0.7 914+ 14 949 + 18
Mean 754.50 743.25 751.50 1006.00 716.75 790.75

(in km s™1)
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3.4 Doppler Characteristics of the Moreton Wave

The Moreton wave is interpreted as a down-up swing disturbance in the chromosphere, as a
result of the plasma being pushed downward by the globally expanding fast-mode wave or
shock in the corona. This characteristic is regarded as compression followed by a relaxation
process of the chromospheric material and induces the Doppler shift of Ha line and the bright-
ness change in off-band images. In this section we investigate the Doppler characteristics of

the Moreton wave.

3.4.1 Ha Intensity Profiles

As a general picture, the signature of the Moreton wave in the Ha line appears as a dark
front in absorption in the red wing and as bright front in the blue wing, followed by a wider
reversed disturbance in brightening and darkening in the red and blue wing, respectively.
Because the FMT provides Ha wing observations at two wavelength that lie at equal dis-
tance from the line center, the absorption and brightening patterns of the wave front can
be characterized by means of Doppler shift of the intensity profiles. To do so, we first nor-
malized the Ha 40.8 (Ieq) and —0.8 A (Iy,.) intensity maps to the spatially averaged
quiet-Sun level measured at disk center. Next, considering the flare site as the wave origin
and the four individual trajectories (P1—P4), same as for the kinematics analysis described
in Section 3.3, intensity profiles as a function of distance z and time ¢ are computed in
red [.(z,t) and blue I(z,t) wings by averaging the pixels intensities over consecutive ar-
eas of ~44 arcsecs? (1 x 11 pixels) along each trajectory. Because the interest here is to
determine the relative change of the intensity with respect to the unperturbed background,
pre-event intensity profiles I,.(z,tg), Ip(x,to) at 17:42:39 UT are obtained at the same posi-
tions of each corresponding trajectory, and are subtracted from the intensity profiles; that is,
ALy = Lp(z,t) — L p(x, to).

In Figure 3.6 we present the obtained intensity profiles at Ho +0.8 and —0.8 A, computed
along the four paths (P1—P4) for the time steps 17:45:59 and 17:47:20 UT. The profiles reveal
perturbations as depression and enhanced patterns caused by the arrival of the coronal wave to
the chromosphere. This manifestation which is observed simultaneously as a strong depression
in absorption in the red wing and as a moderated enhancement in the blue wing, corresponds

to the downward motion of the chromospheric material caused by the collision between the
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coronal wave moving downward with the uppermost chromospheric layer. The characteristics
observed in the profiles of the Ha wing suggests that the Ha spectral line is predominantly
shifted redward in the initial response. In Figure 3.6 it is also interesting to note that right
after the downward motion, the disturbed chromospheric layer exhibits a reversed pattern,
i.e., brightening in the red wing and darkening in the blue wing (panels at 17:47:20 UT). This
is because a restoration process takes place in the chromosphere after the plasma was forced
to move downward, resulting in this down-up swing disturbance.

29-Mar-2014 17:45:59 UT 29-Mar-2014 17:47:20 UT
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Figure 3.6: Ha intensity profiles relative to the quiet-conditions at +0.8 A (red wing) and —0.8 A
(blue wing), computed along trajectories P1—P4 at 17:45:59 and 17:47:20 UT, respectively. The gray
area in each panel covers the contaminated signal by the scattered light of the flare. The profiles
show perturbations as depression and enhanced patterns caused by the arrival of the coronal wave to
the chromosphere (vertical solid lines). The profiles at +0.8 A exhibit a strong dip (redward), while
at the same time the profiles at —0.8 A is slightly enhanced (blueward). This intensity changes is
an indication that the Ha spectral line is predominantly shifted redward. The intensity profiles also
show subsequent disturbances to the wave passage (delimited by vertical dashed lines at 17:47:20 UT)
showing a reversed pattern, i.e., enhancement in the red wing and reduction of the intensity in the
blue wing. These delayed disturbances are related to the relaxation or recomposition state of the
chromosphere.
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3.4.2 Velocity Amplitude

We further examine the strength of the disturbance in the chromosphere by computing the
velocity amplitude of the chromospheric plasma. The combination of the normalized intensity
maps performed previously allows us to produce Doppler signals. The following expression

is applied to obtain the Doppler signal

I.(z,t) — Iy(z,t)

b5 = Ir(xat) + Ib(x’t)’

(3.1)

where I, and I, are the Ho intensity recorded at +0.8 (red wing) and —0.8 A (blue wing) from
the line center, respectively. Note that a positive Doppler signal corresponds to a blueshift
(upward motion), and it is opposite to the convention.

To quantify the Doppler signal obtained along paths P;—P4, we correlate them with a
synthetic Doppler signal resulting from the convolution of the Ha solar spectrum with the
FMT filter-transmission profiles centered at 6562.0 and 6563.6 A. Because the synthetic
Doppler signal provides insights into the amount of wavelength shift A\ with respect to the
core wavelength Ao, we can directly determine the Doppler velocity v = (AX/Ag)ec, where ¢
is the speed of light. Representative profiles of the FMT filter-transmission together with
the profile of the atlas solar spectrum are shown in Figure 3.7. The relation between the
line-of-sight velocity and the Doppler signal is also shown in the lower panel of Figure 3.7.

In Figure 3.8 we show the estimated Doppler velocity of the Moreton wave expressed as
perturbation profiles, obtained along four trajectories (P1—P4) for six different time steps. The
perturbation profiles show a clear evolution of the wave-front progression, revealing downward
motion and a subsequent relaxation process as upward motion of the local chromospheric
plasma. This represents the velocity amplitude of the moving mass at the front of the
Moreton wave. Carrying out an inspection to the perturbation profiles, we see a successive
depletion (downward velocity) in the Py, P3, and P4 directions for the time interval between
17:45 and 17:50 UT, meaning that the chromospheric material is being pushed downward
as the wave front hits and expands through the chromosphere. The maximum depletion
caused by the wave front is observed along trajectory P4 at 14:45:59 U, it occurs relatively
close to the source region (i.e, flare site) at a distance of ~80 Mm, reaching a highest value
of about —4 km s~!. At the same time and distance the perturbation profiles along Ps

and P35 show that the plasma moves downward with a velocity of —2.4 and —3.5 km s},
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respectively, whereas at this time the effect of the wave front along P; is less pronounced.
Another strongest signature of plasma compression is noted at 17:47:20 UT in P, and Pj
directions located ~140 Mm from the flare site with velocities of —2.9 and —3.3 km s},
respectively, and at 17:48:20 and 17:48:59 UT along trajectories P, and P3s with velocities
of about —2.5 and —2.7 km s~ !, respectively. It is noted that the amplitude of the velocity
profiles decreases with increasing distance. For example, this effect is much more evident
in the Py, P3 and P4 directions, suggesting that the strength of the large-amplitude coronal
disturbance weakens with time.

The perturbation profiles in Figure 3.8 also exhibit strong steepness (upward motion)
along paths Pq, Po, and Pg, particularly at 17:48:20 and at 17:48:59 UT. These features are
not due to the response of the local chromospheric plasma to the wave-front passage, but are
due to the interaction with quiescent filaments that lie in the propagation direction of the

Moreton wave.
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Figure 3.7: Upper: FMT filter-transmission profiles centered at 6562.0 A (blue) and 6563.6 A (red),
respectively, both with a nominal FWHM of 0.6 A. The gray background profile is the atlas solar
spectrum of the Ha line normalized to the continuum. Lower: synthetic Doppler signal as a result
of convolving the FMT filter-transmission profiles with the solar spectrum. The inset box in the plot
outlines the range of the Doppler signal obtained from our observation.
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Figure 3.8: Doppler velocity of the Moreton wave on 2014 March 29 for six time steps along tra-
jectories P1—P4. The velocity was estimated by correlating the obtained perturbation profiles with
a synthetic Doppler signal (see the text). The profiles show the velocity amplitude of the moving
mass at the front of the Moreton wave, wherein the arrows point out the downward motion of the
chromospheric plasma produced by the global disturbance in the corona. A subsequent relaxation
process of the chromospheric layer is also observed. At about 17:48:20 and 17:48:59 UT the profiles
also exhibit strong steepness (upward motion) along paths Py, Py, and P3. These features are due
to the wave interaction with quiescent filaments standing in the propagation direction of the
Moreton wave.
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3.4.3 Velocity Map

The intensity maps described in Section 3.4.1 are also used to characterize the mass motion
of the local chromospheric material caused by the progression of the Moreton wave. Applying
Equation (3.1), we produced Doppler signal maps, then base-difference maps were obtained
by subtracting a pre-event map taken at 17:42:39 UT. The subtraction essentially permits us
to preserve the wave-front signatures as residuals, as well as to enhance the wave contrast.
Following the procedure for determining the velocity amplitude in Section 3.4.2, we calculated
the line-of-sight velocity at every pixel of the map by cross-correlating the base-difference
maps with the synthetic Doppler signal. The results are presented in Figure 3.9 as time-
series Doppler maps, wherein it is revealed that the leading edge of the traveling wave front
appears as downward motion of the chromospheric structure, followed closely by a much
wider disturbance seen as the upward motion due to the restoration of the chromospheric
layer. It can be noted that the wave fronts develop semicircular shapes, showing a preferential
propagation direction northeast from its origin, possibly moving toward the regions of low
Alfvén speed distribution (see discussion in Section 3.6.1). As in the perturbation profiles
(Figure 3.8), high downward velocity is observed in the initial stage of the wave propagation.
It is also observed that the Moreton wave becomes progressively more diffuse and irregular;
the wave signature is no longer recognized after 17:53:20 UT (see the animation of Figure 3.9

in the online version of the published paper).

3.5 Coronal Shock Diagnostic

In this section we focus on the characteristics of the coronal shock wave and its interaction
with the underlying chromosphere. We explore the scenario in which the Moreton wave is

created under the action of the MHD fast-mode wave propagation in the corona.

3.5.1 Corona—chromosphere Interaction

In Figure 3.2(c) it is noted that the footprint of the dome-like expanding coronal wave mor-
phologically and spatially corresponds to the wave front observed in the He 11 and Ha lines
(Figure 3.2c-f). The manifestation of the local plasma in these cooler lines is in response to
the compression exerted by the downward-propagating disturbance in the corona, as discussed

in previous sections.
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Figure 3.9: Doppler maps of the Moreton wave on 2014 March 29. The time period is the same

as that shown in the perturbation profiles (Figure 3.8). The wave fronts highlighted in red and blue

correspond to downward and upward motions of the chromospheric plasma (see the text). The leading

edge of the Moreton wave observed in red may be related to plasma compression, while the trailing

seen in blue is an indication of recovery or relaxation process of the chromosphere. The rectangles in

each panel depict the flare site, and the dashed lines outlines the trajectories P1—P,4 considered in our

analysis.
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The interaction of the corona and chromosphere can be treated as a discontinuity problem.
In Figure 3.10(a) we present a schematic picture of a globally propagating shock in the
corona intersecting the transition region and the chromosphere. The illustration also shows
two instants of interaction (Figure 3.10b), namely the shock wave propagating in the corona
just before the collision with the transition region (¢ < t1), and the subsequent period (¢t >
t1). In this scheme the transition region acts as the interface layer between the corona
and chromosphere, which in our analysis represents the contact discontinuity. Because the
transition region is a thin layer, strong effects are expected because of the collision. At the
time of shock arrival in the transition region, the downward motion of the plasma traveling
behind the shock with a velocity v;, which is the velocity amplitude of the incident wave,
leads instantaneously to a downward motion of the local plasma, pushing the transition region
down and setting the motion in the chromosphere with a velocity v;. This latter represents
the velocity amplitude of the transmitted wave from the corona to the chromosphere right
after the collision, and can be interpreted as the velocity amplitude of the chromosphere
observed in the Ha line during the passage of the Moreton wave. In addition, because of
the sudden density jump between the corona and chromosphere, a reflected wave traveling in
the corona in the opposite direction is also expected, and the velocity of the upward-moving
plasma is denoted by v, in our analysis (see Figure 3.10b).

In the 1D discontinuity problem and with the aid of the conservation laws of momentum
flux and energy flux, the shock wave transmission from the corona into the chromosphere can

be related as follows:

Pco(vi - Ur)cco = PchUtCch (32)

pco(vi2 - Uz)cco = pchvgcch- (33)

In the above equations, v is the velocity amplitude of the wave, where the subscripts denote
the incident 4, reflected r, and transmitted ¢ waves, as discussed above. The plasma density
and the phase velocity of the MHD fast-mode wave in the corona co and chromosphere ch
are denoted by peo, pen, and ceo, Cep, respectively. Similar to Takahashi et al. (2015), we find
from Equations (3.2) and (3.3) a direct relation between the velocity amplitude of incident

and transmitted waves,
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v = (1 * ﬁ) o, (3.4)

2

here a = pep/peo 18 the density ratio of the chromosphere and corona. The velocity amplitude
we derived from Ha observation (Figure 3.8) is a direct indicator of v;.

The result of the velocity amplitude of the incident wave v; calculated with Equation (3.4)
is listed in Table 3.2. The calculation is made assuming the density in the chromosphere and
the corona to be pg, ~ 10 and p., ~ 10%cm™3, respectively, and also taking as v; the highest

downward velocity that is observed in the perturbation profiles of the Moreton wave.

1y @)
(b)
Vsh,co v x
g v Co TR Ch Co TR Ch
Vs ,CO 1 VS @
Corona —— : £l
~10° cm? !
Pco Vi :<v—r Ve
\\ \:P:Vé)co : Ha
1 y I Y )2 y
Transition Region =7/ @ t=<t, @ t>y
/~‘<\1Vsh,ch
Chromosphere
p~ 10" cm? X

Figure 3.10: (a) Schematic picture of a globally propagating shock wave in the corona Vs ¢, that
intersects the transition region and the chromosphere Vg, cp,. (b) Enlarged view of the interaction of
corona and chromosphere (dotted rectangle in panel (a), note the change of axis orientation). The
illustration shows two instants of interaction: (1) a shock wave propagating in the corona just before
the collision with the transition region (¢ < t1), and (2) the subsequent period (¢ > t1). At the time
when the shock wave reaches the transition region, the downward motion of the plasma traveling
behind the shock with a velocity v; (incident wave) leads to a downward shift in the transition region
from y; to yso, this occurs at ¢ > t1. As a consequence, the chromosphere is forced to move downward
with a velocity v, this is the velocity amplitude of the transmitted wave from the corona to the
chromosphere right after the collision and can be regarded as the velocity amplitude of the Moreton
wave seen in the Ha line. Additionally, due to the density discontinuity at the corona—chromosphere
boundary, a reflected wave v, is also identified that travels in the opposite direction in the corona.
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Table 3.2: Velocity Amplitude of Incident v; and Transmitted v, Waves along Trajectories P1—Py.

Time (UT) P1 P2 P3 P4

Vi V¢ Vi V¢ Vi V¢ v; V¢
17:45:39 6.05 1.1 6.05 1.1 13.7 2.5 159 29
17:45:59 6.60 1.2 13.2 24 19.2 3.5 22.0 4.0
17:46:20 6.05 1.1 8.25 1.5 11.0 2.0 159 29
17:46:39 - - 6.05 1.1 13.2 24 13.7 25
17:46:59 - - 8.80 1.6 18.1 3.3 11.0 2.0
17:47:20 11.0 2.0 15.9 29 18.1 3.3 104 1.9
17:47:39 8.80 1.6 11.0 2.0 20.35 3.7 8.25 1.5
17:47:59 769 1.4 9.90 1.8 19.8 3.6 13.2 24
17:48:20 5.50 1.0 - - 12.6 2.3 13.7 2.5
17:48:39 - - 5.50 1.0 825 1.5 11.0 2.0
17:49:00 - - - - 14.8 2.7 5.50 1.0
17:49:20 7.69 1.4 9.90 1.8 11.0 2.0 4.40 0.8
17:49:39 - - - - 13.2 24 3.30 0.6
17:50:00 11.0 2.0 3.30 0.6 12.6 2.3 3.30 0.6
17:50:20 - - - - 104 1.9 7.15 1.3
17:50:39 - - 8.80 1.6 5.50 1.0 6.60 1.2
17:50:59 - - 8.25 1.5 3.85 0.7 6.05 1.1

(in units of km s™1)

3.5.2 Shock Strength in the Corona Based on the Moreton Wave Velocity
Amplitude

The purpose of this Section is to show how our Hea results can further be used to characterize
the strength of the incident shock in the corona. Using the Rankine-Hugoniot relations and
taking advantage of the weak-shock approximation, which states that the discontinuity in
every quantity is small (see Landau & Lifshitz, 1987), that is, the shock speed is slightly
higher than the sound speed, we can relate the velocity amplitude of the shock in the corona
to that of the velocity amplitude of the disturbance in the chromosphere, the latter being the
Ha velocity amplitude of the Moreton wave. The following expression summarizes the above
statements:
4 2

Cch
V= ——— 2\4-—1;, 3.5
! 7"’1( ! )1+Cch/cco ( )

where v; is the velocity amplitude of the disturbance in the chromosphere, M; is the Mach
number of the incident shock in the corona, and c¢., and c., are the propagation speed of
the shock in the chromosphere and corona, respectively. The derivation of this equation is
presented in Appendix A along with and illustration (Figure A.1). Equation (3.5) allows us

to estimate the Mach number of the shock in the corona for a given value of the Ha velocity
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amplitude.

Let us discuss Equation (3.5) in more detail. Under the weak-shock approximation, the
propagation speed of the shock in the corona is the sound speed. Under this condition, the
situation in the chromosphere may also be the same. For example, for a typical temperature
in the chromosphere T ~ 10* K, the sound speed is ¢, = W ~ 10 km s~!, where
k is the Boltzmann constant, m,, is the proton mass, and v is the adiabatic index of the gas.
In weak-shock events, this sound speed would be comparable to the speed of the shock in the
chromosphere, as we noted above. Furthermore, because the sound speed in the corona is
about one order of magnitude higher than that in the chromosphere, or even more, the term
Ceh/Ceo 1 the equation can be neglected.

Taking into account the above considerations and making use of the derived velocity
amplitude of the Moreton wave v; along with the adiabatic index v = 5/3, Equation (3.5)
can be now evaluated. The results are shown in Table 3.3. We stress that the calculation
presented here is in a 1D regime and a pure hydrodynamic approach, no magnetic field effect
is considered. A future work will be devoted to this calculation and will include many more

details.

Table 3.3: Mach Number of the Incident Shock in Corona Along Trajectories P1—P4, Based on the

Moreton Wave Velocity Amplitude.
Time (UT) P1 P2 P3 P4
17:45:39 1.04 1.04 1.08 1.09
17:45:59 1.04 1.08 1.11 1.12
17:46:20 1.04 1.05 1.06 1.09
17:46:39 — 1.04 1.08 1.08
17:46:59 — 1.05 1.10 1.06
17:47:20 1.06 1.10 1.11 1.06
17:47:39 1.05 1.07 1.11 1.05
17:47:59 1.05 1.06 1.11 1.08

17:48:20 1.03 - 1.07 1.08
17:48:39 - 1.03 1.05 1.06
17:49:00 - - 1.08 1.03
17:49:20 1.04 1.06 1.06 1.03
17:49:39 - - 1.08 1.02
17:50:00 1.06 1.02 1.07 1.02
17:50:20 - - 1.06 1.04
17:50:39 - 1.06 1.03 1.04

17:50:59 - 1.05 1.02 1.03
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3.5.3 Shock Characteristics in the Corona

According to the MHD shock theory, the jump relation that describes an oblique shock is
defined as (Priest, 2000)

1 1 .
(03 = XA X, + Sofcos? 0(X (7 — 1) = (y + 1)} + 505 0 sin? 0 X

Ay + X (2= 7))f = Xk ((v+1) = X (v = 1))} =0, (3.6)

where X = py/p;1 is the compression ratio or density jump at the front of the shock, 6 is
the angle between the upstream magnetic field and the shock normal, and ¢s and v4 are the
sound and Alfvén speeds, respectively. Taking for the adiabatic index v = 5/3 and the sound
speed ¢ = (y83/2)v%, Equation (3.6) can be rewritten in terms of the Alfvén Mach number

M4 as follows (see Appendix B, also Vrsnak et al., 2002a):

(M2, — X)*{58X + 2M2, cos? (X — 4)} + M2, sin?0 X

x{M3;(5+ X) +2X (X —4)} =0. (3.7)

Equation (3.7) depends on the inclination 6, the compression ratio X, and also on the ratio of
the plasma to the magnetic field pressure 5. Under the assumption that the proton number
density n of the coronal emitting plasma is constant along the line-of-sight, the compression
ratio may roughly be estimated from the emission measure EM ~ n?l, where [ is the depth of
the emitting plasma along the line-of-sight. Because the coronal mass density is p ~ nm,,, m,
being the proton mass, it is reliable to express the following quantities as EMy/EM; = p3/p3,
here the subscripts 1 and 2 denote the emission measure and mass density ahead of and behind
the shock front, respectively, and we assume that [ is common between them. Therefore we

can write

EM
x=2_ 2

. 3.8
p1 EM, (38)

The emission measure is estimated from AIA observations by applying DEM inversion method
of Cheung et al. (2015). As a first step, we constructed DEM maps for a set of 21 temperature
bins, spanning log 7/K = 5.7-7.7. We note that DEM solutions for log7/K < 6.1 do not
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clearly show signatures of the wave front-progression, and although solutions for logT/K >
6.4 exhibit signs of the wave front, it is greatly influenced by the scattered light of the
flare. Because our interest is to trace the wave propagation, we restrict the temperature grid
to 6.1 < logT/K < 6.4, at which the coronal wave front in DEM maps is best observed
(see Figure 3.11). Next, considering four trajectories from the flare site (P;—P4), the same
as for the Moreton wave (see Section 3.4), we proceed to obtain perturbation profiles by
spatially averaging the DEM solutions along each trajectory shown in Figure 3.11. Last,
the computed DEM perturbation profiles in the temperature range 6.1 < log7T/K < 6.4
were integrated to obtain the total emission measure EM, which enabled us to derive the
compression ratio X by applying Equation (3.8). It should be noted that for the calculation
of the compression ratio we have considered as FM; in Equation (3.8) a pre-shocked emission
measure at 17:42:37 UT. Figure 3.12 shows the obtained compression ratio distribution along
four trajectories, corresponding to the nearest time interval of the Moreton wave velocity
amplitude shown in Figure 3.8.

On the other hand, the pre-shocked plasma temperature in the corona was constrained
by applying the XRT filter ratio method (Narukage et al., 2011) on two pairs of filters (Al-
poly/Be-thin), which results in 77 ~ 2.5 MK. With this value, the sound speed in the corona

cs = /(v k T1)/m, is 185 km s~!. Moreover, based on XRT Ti-poly observations, the speed
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Figure 3.11: Differential emission measure maps showing three instants of the coronal wave on 2014
March 29. We used the method of Cheung et al. (2015), which enabled us to obtain DEM maps for a set
of temperature bins. The panels show DEM solutions for a temperature range of 6.1 <logT/K < 6.4
(see the text), wherein the manifestation of wave propagation (arrows) clearly can be distinguished as
traveling northeast. Based on these results, we calculate DEM perturbation profiles along trajectories
P; to P4 (dashed lines), which were used to derive the compression ratio X presented in Figure 3.12.
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Figure 3.12: Compression ratio X estimated from DEM maps along trajectories P1—P4 shown in
Figure 3.11. We obtained the total emission measure by integrating the DEM perturbation profiles
over a temperature range, then Equation (3.8) was applied to estimate the compression ratio (see the
text). The pre-shocked emission measure EM; in Equation (3.8) is that resulting from DEM map
at 17:42:37 UT. The compression ratio profiles along each trajectory correspond to the nearest time
interval of the Moreton wave velocity amplitude presented in Figure 3.8. Note that the vertical axes
are inverted for better comparison of the observed characteristics (arrows) with those in the Moreton
wave perturbation profiles.
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of the fast-mode wave in the corona can be assumed to be cr ~ 790 km g1

, corresponding
to the mean value of the speeds along trajectories P1—P4 (see Table 3.1). In the case of
perpendicular wave propagation (§ = 90deg), the Alfvén speed in the corona is defined as
va = ,/cfc — ¢2, which yields v4 = 768 km s~!. Finally, with the results we obtained for
the sound speed and the Alfvén speed, the plasma-to-magnetic pressure ratio in the corona
is estimated as 8 = 0.06, allowing us now to evaluate Equation (3.7) and find solutions for
the Alfvén Mach number M4 for given values of the inclination 6. Furthermore, when we
assume the velocity of the shock in the corona to be wyy, it is straightforward to relate the
Alfvén Mach number My = vy, /v4 along with the sound speed ¢4 to the fast-mode (or fast

magnetosonic) Mach number My = vy, /cy. Again, for a perpendicular case, the following

relation holds:

M:L
RVl

In Figure 3.13 we present solutions of Equation (3.7) for the Alfvén Mach number. The cal-

(3.9)

culations were made by considering two scenarios of shock propagation: horizontal (0 = 0 deg)
and perpendicular (0 = 90deg) (see Appendix B), and taking the highest possible values of
the compression ratio profiles in the four trajectories; those that are closely connected to the
positions of the most prominent downward motion of the Moreton wave at each instance.
Figure 3.13 also compares the fast-mode Mach number estimated with Equation (3.9). This

based on the Alfvén Mach number derived for the perpendicular case.
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Figure 3.13: Alfvén and fast-mode Mach numbers of the coronal wave on 2014 March 29 along
trajectories P1—P4. The Alfvén Mach number is based on the solution of Equation (3.7) using the
compression ratio derived from the differential emission measure. The profiles in blue and magenta
show solutions for horizontal (§ = 0deg) and perpendicular (§ = 90 deg) shock propagation cases,
respectively. For the calculation we take the highest values of the compression ratio profiles in each
trajectory, those that are closely connected to the positions of large downward motion of the Moreton
wave. On the other hand, the fast-mode Mach numbers (green profiles) are solutions of Equation (3.9)
taking the results of the Alfvén Mach number for the perpendicular case.

3.6 Discussion

3.6.1 Morphology and Propagation Speed of the Moreton Wave

The Moreton wave on 2014 March 29 has brought interesting insights into our picture of
chromospheric disturbances associated with flares. Thanks to the multiwavelength coverage,
it was possible to reveal details of this wavelike phenomenon happening in the chromosphere
in conjunction with its coronal counterpart. It is not surprising that the derived propagation

speed of the Moreton wave is comparable to that of the propagation speed of the coronal
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wave obtained from ATA and XRT observations, and the morphology of the wave front seen in
the chromosphere also shows a good correspondence in space and time with the footprints of
the expanding dome-like structure in the corona (Figure 3.2). This scenario further confirms
that Moreton waves are the chromospheric manifestation of an MHD fast-mode shock wave
traveling through the corona, as theoretically anticipated by Uchida (1968). Furthermore,
the multiwavelength time-distance diagrams presented in Figure 3.4 show that each region
of the solar atmosphere reacts and evolves quasi-simultaneously, implying that a globally
propagating shock in the corona is the triggering source of the observed disturbances.

We found that the mean velocity of the Moreton wave varies depending on the wave
propagation direction (Figure 3.5, top panels). Similar behavior is also observed in the
coronal wave propagation speed (Figure 3.5, bottom panels), although in the latter case the
situation is much more complex due to the 3D expansion and the projection effect. The
difference of the propagation velocity along the analyzed trajectories can be attributed to
the plasma condition and the inhomogeneous topology through which the wave propagates.
In the solar atmosphere both the density and the magnetic field change considerably in the
vertical direction, i.e., the density starts to decrease rapidly in the low corona, while the
magnetic field drops much faster in the outer corona. This aspect determine the ambient
Alfvén speed, which is an important parameter for characterizing wave propagation in the
corona and their subsequent effects. The Moreton wave we studied also exhibits a confined
propagation direction to a certain sector, i.e., northeast from the flare site. The reason
for this confinement is that the MHD fast-mode wave cannot reenter the chromosphere in
directions in which strong magnetic field exists. Strong magnetic field also implies that high
Alfvén velocity distribution dominates these regions; and because the wave front tends to
propagate avoiding strong magnetic regions, the wave energy flux concentrates in directions
of low Alfvén velocity. Therefore, the occurrence of this condition in the low corona favors the
appearance of the Moreton wave in a restricted direction (see Uchida et al., 1973). Indeed,
the Moreton wave on 2014 March 29 was directed towards non-magnetic or weak-field regions,
i.e., high latitudes from the flare site, but not in opposite direction or towards the equatorial
zone, places where high concentration of magnetic field could exist because of the presence of
magnetic structures and some active regions. Zhang et al. (2011) also showed that the waves
tend to propagate within a boundary of weak magnetic field regions based on the analysis of

a set of Moreton waves.
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3.6.2 Doppler Velocity of the Moreton Vave

The quantitative results of the perturbation in the chromosphere presented as the Doppler
velocity in Figure 3.8 provide a direct sign of the disturbance in the corona and its effect on
the chromosphere. The perturbation profiles show that the arrival of the coronal wave in the
chromosphere produces disturbances along the four trajectories (P1—P4). However, its effect
differs from one trajectory to another, and there is no a clear correlation among them in terms
of amplitude as a function of distance and time. The wave propagation along path P causes
a very weak disturbance, whereas in the P, P3, and P4 directions the disturbances becomes
gradually much more significant. It is also noted that in the earlier stage, i.e., at 17:45:59
— 17:47:20 UT, the highest downward velocity is observed particularly along the Ps, P3 and
P4 trajectories. The velocity amplitude decreases later on. The difference of the velocity
amplitude we found along each trajectory may be a consequence of the non-homogeneous
layer (density and field strength) over which the wave propagates in the corona. In addition,
because the downward component of the coronal wave interacts with a much denser layer,
i.e., the chromosphere, most of its energy is reflected back into the corona and only a small
fraction of it is able to reach deeper layers, triggering disturbances with strong effect in some
localized regions, as observed in the Ha perturbation profiles. Furthermore, the wave fronts
seen in the Doppler maps (see Figure 3.9 and the associated movie) progressively becomes
wider and diffuse. This is indicative that the strength of the disturbance in the corona gets
weaker at far distances from the source, meaning that some dissipative process is ongoing, and
as a result, damping of the wave takes place, similar to the perturbation profiles. Vrsnak et
al. (2016) showed in their simulation results that after a certain time, the velocity amplitude
of the chromospheric disturbance develops a small amplitude. The authors also reproduced

the restoration process of the perturbed plasma, consistent with our observational results.

3.6.3 Characteristics of the Coronal Wave Based on Ha Observation

We have shown in Section 3.5.1 that the MHD linear theory and the Ha velocity amplitude of
the Moreton wave, this latter interpreted as the velocity amplitude of the transmitted wave
v; from the corona to the chromosphere, allowed us to infer the velocity amplitude of the
incident wave v; in the corona under the assumption that the density ratio of chromosphere
and corona is a ~ 100. It is important to emphasize that our calculation of v; should be

understood as the associated counterpart of vy acting at the base of the corona. Taking
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the ratio of the velocity amplitude of transmitted and incident waves, we define the velocity
transmittance T, = v /v;. This provides clues on how much fraction of the plasma velocity in
the corona is transferred to the chromosphere when the shock front passes a specific location
of the dense chromospheric layer. To illustrate this point, we assume that a extends from 1 to
100, and we also take v; = 4 km s~! and v; = 22 km s™!, corresponding to the derived values
along path Py at 17:45:59 UT (see Table 3.2). It is shown in Figure 3.14 that as a increases,
T, is significantly reduced, so the effect of the density increase, e.g., the corona—chromosphere
density jump, plays an important role. Takahashi et al. (2015) also found a similar tendency
of velocity transmittance from 1D simulation of shock transmission to a prominence in their
Figure 11.

From our findings we can further speculate that a wave traveling downward at the base
of the corona with a velocity > 10 km s~!, this being the mean velocity amplitude of the
incident wave calculated along trajectories P3 and P4 in Table 3.2, could be able to produce
a noticeable disturbance in the chromosphere. We are aware that this is simply based on a
linear analytic solution, but if the amplitude of the disturbance is so small, such as in the
limit corona—chromosphere, the linear theory is applicable. Harra et al. (2011) and Veronig et
al. (2011), based on Hinode/EIS observation of a coronal wave on 2011 February 16, reported
a downward motion of the plasma in the corona with a velocity of about 20 km s~!. The
authors argued that the coronal wave pulse moving with such a speed was not strong enough to
produce disturbances in the chromosphere. Indeed there was no Moreton wave, but activation
of filaments in Ha line were identified associated with the referred coronal wave (see Cabezas
et al., 2017). It should be mentioned that the reported downward motion was observed in
Fe x11 and Fe xVvI spectral lines, which provide plasma diagnostics of coronal emission at
logT/K Z 6.1, whose formation region is believed to be located in the low or mainly in the

L'in such

intermediate corona, and it is likely that plasma moving downward with 20 km s~
a place could not effectively travel deeper to overcome the inert chromosphere and produce

a Moreton wave.
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Figure 3.14: Velocity transmittance T, defined as the ratio of the velocity amplitude of transmitted
v; and incident v; waves. This provides clues on how much fraction of the plasma velocity in the corona
is transferred to the chromosphere during the shock wave propagation. For illustration, the density
jump a extends from 1 to 100, and we take v; = 4 km s~! and v; = 22 km s~ !, corresponding to the
trajectory P4 at 17:45:59 UT (see Table 3.2). The plot shows that as a increases, T;, is significantly
reduced.

3.6.4 Shock Strength in the Corona Based on DEM Analysis

The compression ratio profiles shown in Figure 3.12 reveal that the coronal wave propa-
gates by exhibiting an irregular pattern along the different trajectories. It is found that the
compression ratio, which is directly related to the shock strength, varies nonuniformly as a
function of distance and time. On the basis of the shock-wave theory, the propagation and
strength of the shock in the corona is governed by the action of the magnetic field and the
ambient Alfvén speed distribution, and in the absence of a strong magnetic field, a high com-
pression ratio is expected. Therefore, the high values of the compression ratio observed in the
Py, P3, and P4 directions, implying high Mach number (see Figure 3.13), suggest that these
locations are more likely weak magnetic field regions. Consequently, the shock traveling in
these directions could produce strong compression, resulting in a chromospheric disturbance
with a relatively large amplitude. In fact, strong downward motions in the chromosphere are
observed along the trajectories we described. This can be seen by comparing Figures 3.8 and
3.12, in which the highest values of the compression ratio along trajectories Ps, P3, and Py
approximately match in distance and time the large downward motion caused by the More-

ton wave (see the associated animation of Figure 3.12 in the online journal). Of course, a
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comparison between the compression ratio and the velocity amplitude of the Moreton wave
cannot be made directly because the compression ratio based on DEM (6.1 < logT'/K < 6.4)
is a plasma diagnostic of the wave traveling above the low corona. We are missing information
of the plasma in the lowest-part of the corona. Nevertheless, the compression ratio profiles
and the velocity amplitude of the Moreton wave show a good correspondence.

The disturbance created by the wave propagation would also result in an increase of the
local plasma temperature. As we pointed out in Section 3.5.3, DEM solutions for log T/K <
6.1 do not show clear signs of the wave propagation. In contrast, in a range of much higher
temperature, the disturbance seen as emission enhancement becomes more noticeable. Similar
findings from a DEM analysis of coronal waves were also reported by Vanninathan et al.
(2015) and Liu et al. (2018). Emission that increases at high temperatures is an indication of
plasma heating, which is locally enhanced due to plasma compression as a result of the wave
propagation. The heating effect also causes an intensity variation of much cooler emission
lines. For example, at ATA 171 A (log T~5.8) coronal dimming (not shown here) is observed
at the place of the wave front as a consequence of the plasma being heated to much higher
temperatures (e.g., Wills-Davey & Thompson, 1999; Delannée, 2000; Liu et al., 2010; Nitta

et al., 2013; Liu et al., 2018).

3.7 Summary and Conclusion

In this work we have studied in detail the Moreton wave on 2014 March 29 and its associated
coronal counterpart. We combined multiwavelength observations, including Ha +0.8 A, He 11
(304 A), coronal emission lines from AIA, and Hinode X-ray. This data set permitted us to
further understand the nature of a globally wave propagation and its subsequent effects at
different layers of the solar atmosphere. Such a global effect is clearly evidenced in Figure 3.4,
wherein it is observed how the corona, transition region, and the chromosphere reacted to
the large-scale disturbance. A co-spatial evolution of the wave in the corona and the Moreton
wave in the transition region and the chromosphere are also noted, particularly in the initial
stage of the propagation. This confirms a common origin.

Thanks to the observations in the wing of the Ha line performed by the FMT, we discussed
the Doppler characteristics of the Moreton wave. We have shown that it is possible to quantify

the downward motion of the chromospheric material traveling at the front of the Moreton
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wave. The plasma at this location attains a maximum velocity of about 4 km s~!, which
corresponds to the velocity amplitude of chromospheric motion associated with the Moreton
wave. Our findings also showed that the chromospheric disturbance develops nonuniformly in
terms of amplitude along the analyzed trajectories (see Figure 3.8). Furthermore, with the aid
of the MHD linear theory, we also related our results of the Moreton wave velocity amplitude
to that of the plasma velocity in the corona, allowing us to infer the velocity amplitude of the
incident wave from the corona to the chromosphere. Additionally, we showed that by using
the weak-shock approximation in conjunction with the velocity amplitude of the Moreton
wave, the Mach number of the incident shock in corona could be estimated, and we obtained
a consistent result with the AIA analysis. Very recently Long et al. (2019) attempted to
characterize the perturbation caused by the Moreton wave studied in this paper, but the
authors only used Ha line core observations, in which the signature of the perturbation
cannot easily be distinguished.

The compression ratio analysis led us to conclude that the wave in the corona develops in
a complex manner. This may depend on the conditions through which the wave propagates.
As we noted in Figure 3.12, the compression ratio profiles vary as a function of distance and
time, and also from one trajectory to another. This aspect also has a direct consequence on
the change of the Alfvén and fast-mode Mach numbers, as presented in Figure 3.13. As for
the Mach number, the values we calculated (i.e., M4 ~1.06-1.28 and My ~1.05-1.27) should
be understood as representing the strength of the shock in a confined region of the solar
corona because we restricted the compression ratio analysis to a DEM temperature range
6.1 <logT/K < 6.4, the missed lowest part of the corona should be taken into account for
further conclusions.

Finally, an extension of the present work will be important, especially focusing on the
Doppler characteristics of the Moreton wave, a topic that is not fully understood and scarcely
explored. More studies will help us to advance and clarify the direct connection between
the downward-propagating component of the coronal wave and the chromospheric reaction
leading to a Moreton wave. To this end, a combination of numerical experiments and obser-
vational results will be crucial. As for the observational matter, it will be further constrained
with the Solar Dynamics Doppler Imager (SDDI; Ichimoto et al., 2017), now in operation
on SMART telescope at Hida Observatory, Kyoto University, which provides high-resolution

filtergrams with the spectral profiles in a wide spectral window around the Ha line center.
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Chapter 4

A Fast-filament Eruption Observed in the Ha Line

by SMART /SDDI: I. Observational Aspects

4.1 Motivation

It is currently well known that filament and prominence eruptions are one of the principal
sources of coronal mass ejections (CME), and also it is argued that the parameters that
determine the geoeffectiveness of CMEs when impact with the Earth’s magnetosphere are
the velocity and the magnetic orientation. Besides, investigations of prominence/filament
eruptions have also revealed that there is a good correlation between the ascending speed and
the direction of the filament eruptions with CMEs. Therefore, the dynamic of the erupting
filaments can be used as a diagnostic tool for investigating the very beginning stage of the
CME formation and its kinematics.

The dynamics of filament eruptions and/or filaments disappearance in the Ha line, have
extensively been studied in the last decades, even in the present days. However, the majority
of the studies use the projected motion of the erupting filaments as representing values of
the velocity, lacking information about the line-of-sight component; while other studies only
show line-of-sight velocities of a few km s~!. The difficulties in detecting the line-of-sight
component of a filament eruption relies mainly on the very limited spectral range in which
the filtergrams are recorded, and the small FOV is case of spectrographs. Because of the
importance in detecting the line-of-sight velocity of filament eruptions, particularly of those
composed of very large bulk motions that can produce geoeffective CMEs, in 2016 a new
instrument called the Solar Dynamics Doppler Imager (SDDI; Ichimoto et al., 2017) has

been installed on the SMART telescope at Hida Observatory. The SDDI is capable to record

84
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filtergrams in a wide range of wavelengths around the Ha line, and is suitable to capture high-
speed eruptions with velocities up to 400 km s~! along the line-of-sight. These characteristics
allows us to perform imaging and spectral diagnostics of high-speed events.

In this Chapter we present a study of a fast-filament eruption observed by the SDDI on
2017 April 23. The eruption was captured in a wide spectral window around the Ha line
center. We applied the “cloud model” to derive the line-of-sight velocity of the overall erupting
filament, and also we performed a spectral analysis of the eruption focusing on the filament
apex. The spectral analysis reveals signatures of strongly blue-shifted plasma up to —8.0 A
from the line center, meaning that the filament was ejected with a velocity of ~365 km s~
in direction to the Earth. We also estimated the apparent velocity and acceleration of the
eruption at the apex, resulting in 700 km s~! and 3 km s2, respectively. Furthermore, by

using the results of the “cloud model” we attempted to estimate mass density of the filament,

which lead us to discuss the mechanical energy of the filament during the eruption.

4.2 Observations

4.2.1 SMART/SDDI Observation

The Solar Magnetic Activity Research Telescope (SMART; UeNo et al., 2004) consists of
four refractive telescopes (see Ishii et al., 2013; Nagata et al., 2014). SMART/T1 telescope
designed to observe full-disk solar images in the Ha line had an observing system covering
a very short number of wavelengths (up to +1.2 A) That is, the former filter-scan of T1
only permitted detections of relatively small Doppler velocity of filament and prominence
eruptions because the wavelength offset of the Ha filter was insufficient to detect high speed
events. Since 2016, the observing system of SMART /T1 was upgraded with a new Ha imaging
instrument called the Solar Dynamics Doppler Imager (SDDI; Ichimoto et al., 2017). This
unique instrument consisting of a Lyot type birefringent tunable filter incorporates liquid-
crystal variable retarders, and is capable to record successively full-disk solar images at 73
wavelength positions of the Hov spectral profile, spanning —9 to +9 A from the line core with
a wavelength step of 0.25 A. We are therefore not only able to perform imaging analysis, but
also spectroscopy diagnostics of high-speed mass motions comprised of large dynamic range
of Doppler velocity (400 km s~!). The spatial sampling and time cadence of the SDDI is

~ 1”23 pixel ! and 15 s (for the 73 wavelengths), respectively.
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We applied standard calibration procedures of dark-current subtraction and gain correc-
tions (flat-fielding) to the data presented in this work. Because the flat-pattern is wavelength
dependent of the tunable filter, we implemented individual flat-field images for each of the
73 SDDI spectral positions by using the method of Kuhn-Lin-Loranz (Kuhn et al., 1991).
The resulting flat-field images were applied wavelength-by-wavelength to the corresponding
data sequence. Figure 4.1 shows a full-disk solar image in the Ha line taken by the SDDI
on 2017 April 23 at 05:10:36 UT. In the bottom panel of the figure we also present the Ha
spectral profile obtained from a quiet region and re-scaled to the Atlas solar spectrum. Ad-
ditionally, we show the result of the convolution of the Atlas solar spectrum with the SDDI
filter-transmission profile. An example of strongly blue-shifted spectral profile, corresponding

to the lateral part of the filament eruption at 05:44:50 UT is also included in the figure.

4.2.2 SDO/AIA and STEREO/EUVI Observations

We complement our investigation with Extreme Ultraviolet (EUV) observations taken by
the Atmospheric Imaging Assembly (AIA; Lemen et al., 2012) onboard the Solar Dynamics
Observatory (SDO; Pesnell et al., 2012), and the side-view by the Extreme-Ultraviolet Imager
(EUVI) from the Sun-Earth Connection Corona and Heliospheric Investigation (SECCHI;
Howard et al., 2008) onboard the Solar Terrestrial Relations Observatory (STEREO; Kaiser
et al., 2008). We use ATA and EUVI images at 304 A dominated by He 11 and sensitive to a
temperature of log T/K ~4.7. The spatial sampling of the ATA and EUVI are ~ 0”6 pixel !
and ~ 1758 pixel "', while the temporal resolution 12 s and 5 min, respectively. On 2017 April
23, the separation angle between STEREO-A and the Earth was about 138 deg. Figure 4.2
shows the evolution of the filament eruption as observed by AIA and EUVI instruments in

the EUV passband (304 A).
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Figure 4.1: Upper: solar disk image at Ha +0.0 A recorded by the Solar Dynamics Doppler Imager
(SDDI) at Hida Observatory. The white box outlines the FOV studied in this work, while the small
black box (50" x 50”) surrounds the quiet-Sun region from which the spectral profile is obtained
and plotted in the bottom panel. In the FOV an artificial slit is positioned along the direction of
the eruption intended to trace the leading edge (apex) of the erupting material. Bottom: Atlas
solar spectrum of the He line (gray), and the result after convolving the atlas with the SDDI filter-
transmission profile (black). It is also shown SDDI spectral profiles of a quiet region (green dots
with standard spline interpolation) obtained at 05:10:36 UT, and an example of a strongly blue-
shifted profile (blue dots with spline interpolation) obtained from the lateral part of the filament
eruption at 05:44:50 UT. The SDDI spectral profiles are re-scaled to the atlas profile, where each dot
does correspond to the wavelength offsets Ay from the line center Ay (6562.8 A) at which the SDDI
performs the observations.
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Figure 4.2: Filament eruption captured in EUV (304 A) by AIA and EUVI instruments on 2017
April 23. The STEREO-A/EUVI images (right panels) show the side view of the eruption, because
during the eruption it was located 138 deg ahead of the Earth.
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4.2.3 Overview of the Event

On 2017 April 23, the position of the studied target in heliographic coordinates was N16 E45
(X = —652", Y = 329”), located in the easter side of active region 12652 (see Figure 4.1).
Signatures of activation and slow-rising of the filament are observed from 05:24 to 05:30 UT,
which becomes more visible in core-wing wavelengths (0.25-2.0 A). Then, at about 05:30 UT
a growing arc-shaped structure starts to expand rapidly whose characteristics in absorption
becomes noticeable in the far blue-wing of the Ha line (see Figure 4.3). As the expansion
takes place, signs of untwisting motions is also identified in the legs, but they remain anchored
to the solar surface. The disruption occurs on the top of the arc-shaped structure (apex),
and it happens at about 05:38 UT. This may indicate the instance at which the growing
structure reached to a critical height, as theorized by several authors (e.g., Filippov & Den,
2001; Kliem & Torok, 2006, and references therein). Subsequently, the cool material is
expelled into the interplanetary space, but the plasma comprised in the legs remain rooted
and expands sideward. At about 05:41 UT part of the ejected filament falls back onto the solar
surface but a great portion persists ascending, then it simply fades from the Ha images. This
suggests that the ejecta reached higher altitudes of the solar atmosphere, and also because it
is expected that the temperature and the ionization rate increases during the eruption, the
hot moving plasma does no longer emit the chromospheric lines.

A time-series of the filament eruption is presented in Figure 4.3. The maps are results
of the difference between the mean intensity of the blue- and red-wing images, that is, mean
intensities calculated from a set of images in the wavelengths range of Ha £ [0.25 : 2.0],
Ha+[2.25: 4.0], Ho £ [4.25 : 6.0], and Ha£[6.25 : 8.0], respectively. The maps illustrate the
overall evolution of the filament eruption, in which the material directed toward the Earth is
observed in absorption blue-shift (dark), while the component moving in opposite direction
is seen in emission red-shift (bright). From 05:41 UT, highly blue-shifted material is detected
at very far-wing wavelengths (Ha £ [6.25 : 8.0]), indicating that part of the filament was
ejected having a line-of-sight velocity higher than 285 km s.

In the GOES soft X-ray data, an enhancement of the emission begins at about 05:37 UT
associated with an B2-class flare. This weak flare is very likely related to the filament eruption,
but we should point out that because the time lag between the onset of the eruption and the
GOES flux enhancement, the flare may be is a consequence of the filament eruption but not

the triggering source.
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Figure 4.3: Time sequence of the filament eruption captured by the SDDI on 2017 April 23. The
maps show dark and bright features of the erupting material, in which the dark structures correspond
to the material moving toward the observer, while the bright features indicate the motion of the
material in opposite direction. As the eruption develops highly blue-shifted material (in absorption)
can be recognized at wavelengths larger than 6.25 A from the line center, indicating that part of the
filament was ejected with a line-of-sight velocity higher than 285 km s~*.
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4.3 Analysis and Results

4.3.1 Velocity and Acceleration Profiles
Apparent Motion

In Section 4.2.3, we mentioned that the arc-shaped filament exhibits a rapid growing char-
acteristics from about 05:30 UT. To clearly show the rising evolution of the filament, we
performed height-time measurements based on the Ha intensity variation through an artifi-
cial slit positioned in the direction of the fast-rising structure (filament apex) (see Figure 4.3).
The intensity variation is obtained from mean intensity maps, resulted from the combination
of Ha images in a wide range of wavelength, similar to the maps shown in Figure 4.3. In
principle the height-time diagrams obtained from our observations allows to trace the leading
edge of the erupting material in the plane-of-sky, however, because the SDDI records filter-
grams at several positions around the Ha line, the height-time diagrams also provide insights
into the line-of-sight component of the erupting material. In Figure 4.4 we present the results,
wherein it is noted that depending on the wavelength range at which the height-time plots
are obtained, different components at the apex of the filament eruption are observed. In the
core and near-wing height-time diagrams (Ha 4 [0.0 : 2.0]) the slow-ascending phase and the
onset of the eruption is observed exhibiting an exponential-like evolution. In contrast, in
more far-wing diagrams (Ha £ [2.25 : 4.0], Ha + [4.25 : 6.0]), the fastest component of the
eruption becomes more evident indicating also strong blue-shifted plasma during the main

eruption.
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Figure 4.4: Height-time diagrams obtained from the intensity variation along an artificial slit placed
in the direction of the leading edge of the filament eruption. The diagrams were obtained from
composite maps resulted from the combination of images in the Ha center and in the red and blue
wings, that is, Ha £ [0.0 : 2.0] (panel a), Ha £ [0.25 : 4.0] (panel b), Ha & [4.25 : 6.0] (panel c),
and Ha £ [0.0 : 6.0] (panel d), respectively. The height-time diagrams provide not only the time
evolution of the eruption in the plane-of-sky, but also information of the line-of-sight component. In
the diagrams the following characteristics of the ejection can be seen: the slow-ascending motion at
core-wing wavelengths, and the fastest-rising at far-wing wavelengths. In the height-time diagram of
panel (d), the red dotted line is the best-fit based on the selected points measured along the dark lane
(ejection).

Similarly, based on the intensity variation along an artificial slit located in the direction
of the leading edge of the eruption, height-time diagrams are also obtained from AIA-304 A
intensity and running-difference maps (Figure 4.5). In the height-time diagram of 304 A, in
addition to the leading edge of the filament eruption, it is also noted much cool structures of
the eruption moving behind (left panel in Figure 4.5). The right panel of Figure 4.5 shows a
comparative height-time profiles of 304 A and He, obtained by fitting the measured points
in each height-time diagram. The profiles show that before the rising and the main phase of
the eruption, the structure evolves identically in Ha and at 304 A; although at 304 A which
provides diagnostics of the transition region, signs of the eruption lasts for much longer period
and attains greater heights. The profiles also reveal a slow-rising and fast-rise exponential
evolution of the eruption, both in Ha and at 304 A. We note that the height-time profile
of Ha is well fitted by an exponential function, while the profile at 304 A results from the
combination of an exponential function for the fast-rise and a polynomial function for the
later phase.

Based on the fitting results of the height-time profiles presented in Figures 4.4 and 4.5,
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the height, velocity and acceleration profiles of the leading edge (apex) of the filament erup-

tion are obtained (Figure 4.6). The velocity profiles show that the filament starts to grow
exponentially at about 05:30 UT, when the filament attained a height A~ ~ 10 Mm. The
velocity profiles derived from Ha and 304 A progresses quasi-identically until 05:39 UT, time
when the profile at 304 A starts to slow-down and drastically falls-back at around 05:41 UT.
This time also corresponds to the instant at which signatures of the eruption in Ha becomes
invisible. The acceleration profiles also develop similarly in Ha and at 304 A during the early
and main stage of the eruption, then at 304 A start to rise ahead of Ha. As in the velocity
profile, the acceleration at 304 A experiences a sudden decrease, a strong deceleration starts
to occur at about 05:39 UT. It should be mentioned that the involved error in the estimation
of the velocity and acceleration could be large because the role of the projection effect in
the height-time measured points, and further the uncertainty becomes larger as one takes

successive time derivatives.
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Figure 4.5: Left: height-time plots of AIA-304 A along the rising direction of the filament erup-
tion, obtained from the intensity variation along an artificial slit (see the text). In the diagram two
main characteristics are observed, a bright leading part or fastest component and a more wider dark
structure moving behind. Right: the background image is same as in the left panel but resulted from
running-difference AIA-304 A maps. The yellow and red profiles are the best-fitting results of the
measured positions along the ATA-304 A and Ha height-time plots, respectively. The GOES flux
(1 —8 A) is also plotted to show the time evolution of the associated B-class flare.
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Figure 4.6: Height, velocity, and acceleration profiles of the filament eruption on 2017 April 23. The
profiles were obtained by fitting the selected points in the height-time diagrams of AIA-304 A and
Ha, respectively (see the text). The inset box in the velocity profile outlines the time period of the
fast-rising stage of the eruption that is considered for further analysis.

Transverse Velocity

The motion of fine structures inside the filaments and in others solar features are often
measured by applying optical flow techniques, such as the local correlation tracking (LCT)
method. The LCT method computes the displacement vectors between two consecutive
images by tracing the blobs contained inside the structure, and thus, the transverse velocity of
the moving structure can be determined. We applied the LCT method to automatically track
the horizontal flows inside the filament in z and y directions, and the obtained parameters are
used to calculate the velocity vectors. Figure 4.7 (upper panels) shows a sequence of transverse
velocity maps derived from our Ha data, wherein the directions of the velocity vectors are
represented by the arrows. In the Figure and with the help of the velocity vectors, one sees
that as the eruption progresses the filament undergoes an untwisting motion. Additionally, in
the bottom panels of Figure 4.7 we show velocity maps of the filament eruption at 05:35:08 UT
obtained from the LCT method. The maps show the velocity distribution of the eruption
in the = and y directions, and also the magnitude computed by combining the x and y
components. Because the magnitude is a quantity that describes how fast an object is moving
as a function of time regardless the direction, it is noted that the fastest component of the
eruption is concentrated mainly at the leading edge of the eruption having an apparent

velocity higher than 140 km s~
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Figure 4.7: Upper: time-sequence of flow velocity based on LCT method (see the text). In the maps
it is noted that the velocity vectors (arrows) outline well the motions of the structures contained in
the filament body. The observed characteristics resembles an expansion and untwisting motion of
the filament eruption. Bottom: velocity distribution in x and y directions, and the magnitude of the
filament eruption at 05:35:08 UT derived from the LCT method.

4.3.2 Line-of-sight Velocity of the Filament Eruption

Cloud Modeling

The classical “cloud model” introduced by Beckers (1964) is an effective tool for deriving
the line-of-sight velocity of chromospheric fine structures, and also of eruptive filaments and
prominences. In the model such structures are considered as chromospheric “clouds” located
well above from the solar surface, which absorb the incident radiation coming from below.
The mathematical form of the “cloud model” is based on the radiative transfer equation, in
which the radiation passing through and emerging from the cloud-like structure is defined as
T (AN)
I(AN) = Ig(AN)e ™A 4 / Sie AN gt (4.1)
0
where I(A)N), In(AX), 7(AX), and S are the observed intensity, the background or incident

radiation, the optical depth, and the source function, respectively. The formal solution of
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Equation (4.1) is based on the assumption that the structure or filament is fully isolated from
the underlying chromosphere and, the source function, the Doppler width, and the absorption
coefficient are constant along the line-of-sight. Under this condition the radiative transfer

equation is rewritten as (Tziotziou, 2007):

I(AN) = Ig(AN) e ™AN £ §(1 — e 7(AY), (4.2)

Taking this solution the contrast profile C'(A\) is defined as follows

where the variables at the left-part of Equation (4.3) can be determined from the observations.

Furthermore, it is assumed that the optical depth is well represented by a Gaussian profile

AX=AAT)2

T(AN) = ’7'06_< AXp ) , (4.4)
here 79 is the optical depth at the line center, A\; = Agv/c is the Doppler shift of the line
due to the line-of-sight motion of the cloud being Ay the Ha line center wavelength, and AXp
is the Doppler width. Taking the previous considerations, we applied the “cloud model” to
our Ha observations for deriving the physical parameters described above of the filament
eruption on 2017 April 23, that is: the source function, optical depth, Doppler width, and
the Doppler shift.

Using the results of the Doppler shift, we obtained velocity maps of the filament eruption
that are presented in Figure 4.8. The figure shows the Doppler characteristics of the filament
eruption, wherein it is observed that after the disruption that occurs at about 05:38:17 UT,
a great portion of the erupting material is launched in direction to the Earth (line-of-sight)

with a velocity of about 300 km s~!.

In Figure 4.9 we present the resulting maps of the
Optical depth and Doppler width at 05:36:44 UT, the figure also includes the time-profile of
these parameters obtained at the filament apex. The Optical depth and the Doppler width

profiles are used to estimate the mass density of the filament, and the result is presented in

Section 4.3.3.
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Figure 4.8: Velocity maps of the filament eruption derived from the “cloud model”. The event was captured by the SDDI on 2017 April 23, at Hida Observatory.
The maps show the Doppler characteristics of the filament eruption, wherein clearly can be seen that a great portion of the erupting material is moving in direction
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Figure 4.9: Optical depth and Doppler width maps obtained from the “cloud model”. In the maps
the straight dashed lines outline the path of the fast-rising part of the eruption (apex), along which
the time evolution of the optical depth and Doppler width are measured from successive images (right
panel). Based on these results the mass density of the filament eruption is calculated (see the text).

Spectral Analysis

The observing system of the SDDI is optimized to map full-disk solar images by recording a
series of filtergrams at 73 positions of the Ha spectral profile, therefore, we can also obtain
2d-spectrum at any point and location on the solar disk. Because our interest is to study
the filament eruption, with special attention of the leading edge (apex), we obtained a series
of 2d-spectrum positioning an artificial slit along the rising direction of the filament, same
as for the height-time diagrams in Section 4.3.1. This is a convenient manner to trace the
structure of the erupting material in space, time, and wavelength A\. From the resulting 2d-
spectrum, we further calculate the contrast by using Equation (4.3), in which the spectrum at
05:25:29 UT was taken as the background radiation Io(AMX). The 2d-contrast images allows
to extract contrast profiles at every positions of the eruption, which are physically more
meaningful than the intensity profiles themself. This leads us to estimate more precisely the
Doppler shift and to derive the line-of-sight velocity at the apex of the filament eruption.
Examples of the 2d-contrast images, contrast profiles, and fitting results corresponding to
the filament apex are presented in Figure 4.10.

In the contrast images (top panels of Figure 4.10) the erupting material is seen as an
elongated dark structure originating from the line core (6562.8 A), it becomes faint as the time
goes on, indicating that possibly the material reached higher altitudes of the solar atmosphere.
In the contrast profiles (middle and bottom panels of Figure 4.10) the leading, core, and the
following parts of the eruption are highlighted in green, black, and red, respectively (see the

positions in the top panels). The depletion in the contrast profiles indicate the line-shift of the
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Ha profile. We note that during the later stage of the eruption the amplitude of the depletion

is reduced, but become wider and strongly shifted blue-ward. We use as representing line-
of-sight velocity the fitting results of the core contrast profiles (black), which are used to
calculate the total velocity of the filament eruption. Although it should be mentioned that
higher line-of-sight velocity is present especially in the later phase of the eruption, that are

seen weakly in the leading contrast profiles (green).
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Figure 4.10: Top row: 2d-spectrum (contrast) at three instants of the filament eruption. The
erupting material is observed as absorption (dark structure) propagating upward from the line center
(6562.8 A). The horizontal dotted lines (green, black, and red) outline the positions from which the
contrast profiles are obtained. Middle and bottom rows: contrast profiles extracted from the 2d-
spectrum and the fitting results, respectively. The green, black, and red profiles represent the leading,
core, and the following parts of the erupting material. The middle row show the line-shift caused by
the eruption, while in the bottom row it is shown their corresponding line-of-sight velocity. In the
profiles at 05:30:11 and 05:36:44 UT (middle row), up-down patterns are identified, possibly related
to internal motions inside the filament which causes asymmetric shapes of the spectral profile.
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4.3.3 The Mechanical Energy of the Filament Eruption

In studying the dynamic of the filament eruption it is also useful to investigate the mechanical
energy. The governing equation of the mechanical energy FE,,. of an erupting filament is
defined as the sum of the kinetic Ej and the potential E, energies (see also Morimoto et al.,

2010):

Epe(,1) = %pm o(@, t)? + /R Z(m’tHRQ G@dr, (4.5)
here E,,. is the energy gained by an element z inside the volume of the filament at an arbitrary
time ¢t. In the kinetic part of Equation (4.5) the mass density of the filament is denoted by
Pm, while v(z,t) represents the total velocity of the filament eruption. The potential part
of the equation is composed by the solar radius Rg, solar mass M), gravitational constant
G, and the radial height H(z,t); the later being a function of the upward velocity. In
our analysis the total velocity at the apex of the eruption is calculated by combining the
plane-of-sky and line-of-sight velocities, as illustrated in Figure 4.11. The calculation of the
total velocity is focused on the fast-rising stage of the eruption, in the time-range 05:29 to
05:39 UT (see also Figure 4.6). We recall that the plane-of-sky velocity is based on the
height-time measurements, while the line-of-sight velocity comes from the line-shift observed
in the contrast profiles.

An important parameter in Equation (4.5) is the mass density of the filament, which in
principle cannot be derived only from Ha observations. Besides, the problem we are dealing
with is a case of highly moving filament eruption rather than a quiescent or a static situation.
Therefore, either we can simply assume a constant value for the mass density (e.g, Hanaoka &
Shinkawa, 1999; Morimoto et al., 2010) or move forward. We attempted to estimate the mass
density of the erupting material using the already derived optical depth and Doppler width
from the cloud model (Figure 4.9), also considering the relations introduced in Yakovkin &
Zeldina (1975) and Tsiropoula & Schmieder (1997). Under the assumption that the path
length of the filament along the line-of-sight is d ~ 10* km, we obtained the time variation of
the number density in the second hydrogen level N, the electron density Ne, the total particle
density of hydrogen Ny, and the needed mass density p,,. We stress that our calculation
of the mass density is very crude, because the used equations constitute solutions for small

cloud velocities (< 10 km s™1), such as chromospheric fine structures, mottles, spicules, and
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for penumbral fibrils (see Tsiropoula, 2000). In case of eruptive prominences and filaments
that are comprised of large bulk motions, one has to take into account the influence of the
so-called Doppler brightening effect (DBE). In the literature it is documented that the DBE
takes place when the amount of the photospheric-chromospheric radiation incident on the
moving cloud increases due to the relative motion of the scattering cloud with respect to the
solar surface (Heinzel & Rompolt, 1987). For instance, we will not consider the effect of the
DBE in the present study, a future paper will discuss details of the DBE. The estimated No,
Ne, Ny, and p,, at the filament apex are presented in Figure 4.12, which correspond to the
fast-rising period of the eruption. The resulting mass density is used to derive the kinetic

and potential energies of the filament eruption, as given in Equation (4.5).
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Figure 4.11: Velocity profiles of the filament eruption calculated at the apex during the fast-rising
phase. The line-of-sight velocity (blue) is obtained from the line-shift of contrast profiles (Figure 4.10),
while the plane-of-sky velocity (red) from the height-time profile (Figure 4.6). The total velocity
(black) results from the combination of the line-of-sight and plane-of-sky velocities.
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As for the potential energy in Equation (4.5), it is reduced to p,,gnr. Here g, = g@(ﬁ)
is the gravitational acceleration, where go = 2.74 x 10 cm s72 and R, = 6.96 x 10° km, are
the solar radius and r the radial distance. Taking the derived mass density and the distance

estimated from the height-time measurements, the potential energy of the filament eruption



102
is obtained. Then a solution for Equation (4.5) is found and the mechanical energy per unit
volume is calculated. In Figure 4.13 the energies Ej, E,, and E,. of the filament eruption
on 2017 April 23 are presented. The plots also compare to the results of the energies derived
by considering a constant mass density as given in Jefferies & Orrall (1963) for a typical

quiescent prominence (p,,, = 1.7 x 10713g em™3), and used in some previous works.

-—- Nj x 108 Ne —— Ny

I
-
I, LY | I..l‘ e

i R
1]5 i i i ;
30 32 34 36
19F —*— Mass density
1.0F
& 081
g
=
20
= 06
=
X
-
0.2r
0.0 30 32 34 36 38

Time (min, t,=05:29:13 UT)

Figure 4.12: Time variation of the densities No, Ne, and Ny (upper panel), and the mass density
(lower panel) of the filament eruption on 2017 April 23. The derivation of these parameters are based
on the “cloud model” results and applying the relations given in Yakovkin & Zeldina (1975) and
Tsiropoula & Schmieder (1997) (see the text). The time period spanning from 05:29 to 05:39 UT,
covers the fast-rising phase of the eruption.
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Figure 4.13: Kinetic Ej, potential E,, and mechanical E,,. energies per unit volume of the filament
eruption on 2017 April 23. For the calculation we used the mass density presented in Figure 4.12. To
compare and see how the energies evolves if ones considers a constant mass density, we also plotted
Ey, E;, and E},, adopting a typical density of an ordinary prominence (1.7 x 10~"?g cm™?).

4.4 Discussion and Conclusions

We studied a fast-filament eruption captured by SMART/SDDI, whose signatures of the
erupting material was detected in very far-wing of the Ha line. This observation is an
example that filaments can be ejected from the solar surface having line-of-sight velocities
higher than 300 km s~!. Despite the weakness of the associated flare (B-class), the eruption
generated a fast CME (~ 955 km s71).

Inspecting the time-evolution of the height, velocity, and acceleration (Figure 4.6), we
found that the filament undergoes the process of the eruption by following three typical
stages: (1) pre-eruption, in which the filament shows a slow ascending motion and starts to

expand gradually, this occurs between 05:10 to 05:30 UT; (2) main or acceleration, at this



104

point the system becomes very dynamic exhibiting an exponential-like rise, taking place from
05:30 to 05:40 UT; and (3) subsequent propagation. The first stage mentioned above, can be
interpreted as a natural consequence of the filament expansion because of the decrease of the
pressure with height and possibly due to the rearrangement of the overlying field lines. As
for the second stage, it is more likely that some instability (e.g., torus) entered in action (cf.
Kliem & Torok, 2006; Kusano, et al., 2012), although it can be also discussed in relation to
the loss-of-equilibrium, since as demonstrated by Démoulin & Aulanier (2010) the instability
and the loss-of-equilibrium can be interpreted as two different views of the same physical
process (see also Shibata & Magara, 2011).

The maximum velocity and acceleration attained by the eruption as derived from Ho
and 304 A observations is about 700 km s~ and 2.5 km s~2, respectively. These values are
relatively higher than the average of previous statistical works (e.g., Vrsnak, 2001; McCauley
et al., 2015). In the velocity profiles it is noted a delay of 304 A with respect to that of
Ha, particularly at the time when the eruption reaches the maximum height; this aspect
is significantly reflected in the acceleration profile. An interesting aspect of this particular
event is that once the eruption disappears in Ha, there occurs a drastic deceleration which
is observed at 304 A. In this respect, one can speculate that under some circumstance the
driving force responsible for the eruption simply ceased to exist. When the filament entered
into the eruptive state, it also experienced a helical motion (see Figures 4.5, 4.7). This suggest
that the internal structures of the filament might have accumulated high magnetic helicity
before the onset of the eruption. Signatures of the untwisting motion can be also observed
in the legs of the erupting structure.

The line-of-sight velocity maps obtained with the “cloud model” show a complex evolution
of the overall erupting filament (Figure 4.8). The initial phase of the eruption is accompanied
by the increase of the line-of-sight velocity at the summit of the loop-like structure formed
during the rising phase. It can be also seen that as the time goes on, there is a manifestation of
red and blue patterns in the loop legs located north- and southward, respectively. This clearly
indicates that an expansion of the loop-like structure is ongoing, but the loop legs remain
rooted to the solar surface. Once the disruption occurs at about 05:38 UT, higher Doppler
velocity is observed especially in the lateral part of the disrupted structure. Then the material

1

is ejected into the interplanetary space with a line-of-sight velocity nearly to 300 km s™, and

a great portion of the ejecta is directed towards the Earth. It is not common to find in
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the literature reports on filament eruptions possessing higher velocity component along the
line-of-sight. Our finding could be the first of this kind, in which the whole process and
evolution of the eruption was captured. In the following there will be more reports similar
to our observations thanks to the SDDI capability.

On the other hand, different from the previous works in which constant mass density
were considered, here we attempted to estimate the time-variation of the density during the
eruption by taking the calculated optical depth and the Doppler width, and applying the
relations originally given for small-scale and quasi-static features. It should be mentioned
however, that for large velocity gradient of moving clouds such as presented in this work,
the DBE could have strong influences. In consequence, our obtained results may involve
considerable errors from a quantitative point of view, although we believe that our results
represent a proxy of the real situation.

The combination of the derived velocities in the plane-of-sky, line-of-sight, and the mass
density of the filament eruption permitted us to calculate the time evolution of kinetic,
potential, and the mechanic energies of the filament eruption. As presented in Figure 4.13 the
results have a strong dependence on the time variation of the mass density. Our results show
that more kinetic energy is supplied during the fast-rising phase of the filament, consequently
more mechanical energy per unit volume. For comparison we also included in the plot the
mechanical energy estimated with a constant mass density (1.7 x 107¥g cm™2), such as
used in previous works. We found that there is a large difference between the mechanical
energy derived with a constant mass density and that calculated with our estimated mass
density. Therefore, this tells us about on the importance in deriving the time-variation of
the mass density of an erupting filament. This also means in order to constrain the results,
it is necessary to accurately measure the velocity field of fast moving clouds. For example,
Morimoto et al. (2010) found a positive correlation between the mechanical and thermal
energies. The authors interpreted their results as the stored magnetic energy is carried by
the Poynting flux to be converted into thermal energy via magnetic reconnection, they also
discussed on the importance of the Lorentz force in accelerating the filament. Indeed, the
correlation found by Morimoto et al. (2010) can be further verified conducting a statistical
study. Now this is possible because of the good enough quality of the Ha data, and also
the unprecedented AIA observations which can be used for the temperature diagnostics of

erupting filaments by applying the differential emission measure technique.
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Chapter 5

Concluding Remarks

5.1 Brief Overview of Results

In this thesis observational results of solar eruptive events, including two filament eruptions
(Chapters 2, 4) and a Moreton wave (Chapter 3) have been presented. The investigation
also included the analysis of the associated phenomena of the events mentioned above, such
as coronal waves and filaments activation/oscillation due to the interaction with the wave
fronts. One of the main objectives of this thesis was to advance into our understanding
of chromospheric phenomena by using Ha observations as a primary data source. The Ha
chromospheric line has long been used not only for observations of eruptive events but also
for quiet chromospheric fine structures, and nowadays still remains as a powerful tool for
solar plasma diagnostics.

To summarize the results of Chapter 2, it was introduced a modified method of the “cloud
model” for deriving the three-dimensional velocity field of the filament eruption captured by
the FMT. Unlike the original method developed by Morimoto & Kurokawa (2003) in which
the Doppler width was considered as a fixed parameter, in our method the Doppler width
is treated as a free parameter. In this way, the derivation of the physical parameters of
the analyzed filament was improved moderately. It should be mentioned that the limitation
on deriving the line-of-sight velocity of the filament more accurately is because the FMT is
restricted to perform observations only in three positions of the Ha spectral profile, that is,
Ho center and +0.8 A. Nevertheless, the FMT data was suitable for detecting the main com-
ponent of the filament eruption along the line-of-sight, whose velocity was about 30 km s~!.
The event presented in Chapter 2 was also captured in the EUV-band by the SDO/AIA and

STEREO_A/EUVT instruments. Particularly, the side-view of the eruption by STEREO_A
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was taken into account, which in combination with the FMT data the inclination of the fil-
ament eruption could be estimated. The results show that the filament was ejected nearly
horizontally to the solar surface, meaning that the filament might have been responsible for
the propagation direction of the associated coronal wave. However, for further conclusions,
it would be necessary to conduct a statistical investigation on the inclination of filament
eruptions and the tendency for triggering coronal waves.

In Chapter 3 we studied the dynamic and the Doppler characteristics of a Moreton wave
and its relation with a coronal wave. As discussed extensively in Chapter 3, the appearance
of a Moreton wave, manifested as a chromospheric disturbance, is attributed to the plasma
compression because of the globally propagating shock and large-scale disturbances in the
corona. Therefore, in-depth understanding on the occurrence of the Moreton wave and the
response of the chromospheric plasma requires a direct examination of the interaction corona-
chromosphere. The observations in the wing of the Ha line (+0.8 A) performed by the FMT,
permitted us to investigate in detail the response of the plasma in the chromosphere to global-
scale wave propagation in the corona. For example, different from previous works in which the
propagation speed of the Moreton wave is often discussed, the results presented in Chapter 3
not only include the propagation speed but also more importantly the velocity amplitude of
the Moreton wave, that is, the velocity of the chromospheric plasma traveling downward at
front of the Moreton wave. The importance in deriving the downward /upward motion of the
plasma in the chromosphere associated with the passage of the Moreton wave, is because,
this can be regarded as a direct signature of the shock strength in the corona. Indeed, the
result obtained from our Ha observations was used to infer the velocity amplitude of the
incident wave from the corona to the chromosphere by applying the MHD linear theory. This
estimation led us to suggest that a wave traveling at the base of the corona downward with a
velocity > 10 km s~!, could be able to produce a noticeable disturbance in the chromosphere
seen as a Moreton wave. Moreover, the calculated velocity amplitude of the Moreton wave
in conjunction with the weak-shock approximation were used to quantify the strength of the
incident shock in the corona by deriving the Mach number. Perhaps our work is the first one
that focused seriously on the Doppler characteristics of the Moreton wave, and also in the
estimation of the velocity amplitude of the disturbance in the chromosphere and the Mach
number of the incident shock. On the other hand, the multi-temperature coverage of AIA

along with the XRT observations allowed us to characterize the local plasma responses to the
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coronal wave passage. Applying the differential emission measure diagnostic, the compression
ratio distribution was calculated, which led to the determination of the Alfvén and fast-mode
Mach numbers of the coronal wave. Based on the compression ratio distribution, it was
found that the coronal wave propagates in a complex manner along the different trajectories,
meaning that the field strength and the density in the corona are distributed non-uniformly.
Consequently, in certain sectors high compression ratio values were obtained, favoring to
strong compression in the chromosphere. In fact, we found that large velocity amplitude of
the disturbance in the chromosphere are closely connected to high values of the compression
ratio.

A fast-filament eruption recorded in the Ha line by SMART /SDDI was analyzed in Chap-
ter 4. Thanks to the SDDI capability it was possible to carry out imaging and spectral
investigations of the event. The analysis focused on: (1) the acceleration of the fastest or
leading edge of the eruption, (2) the evolution of the overall erupting structure along the
line-of-sight, and (3) the mechanical energy of the filament during its fast-rising stage. The
acceleration was calculated in the plane-of-sky, which exhibited a exponential-line growth. As
for the line-of-sight velocity, on the other hand, it was calculated by using the “cloud model”.
It is well known that the reliability of the physical information obtained from the “cloud
model” depends on the number of wavelengths along the spectral profile, that is, filtergrams
obtained at multiple wavelengths around the Ha line are more suitable than two or a few
wavelengths that have been used in the majority of previous and similar works. Therefore,
our derivation of the line-of-sight velocity of the filament eruption can be considered as the
more reliable. Moreover, because there is no limitation in the wavelength range at which the
SDDI observes, fastest components of the filament eruption traveling along the line-of-sight
were detected. Regarding the mechanical energy of the filament eruption, as it was shown
in Equation (4.5) the mass density of the filament is an important parameter. In this works,
based on the “cloud model” results and applying some relations, the mass density of the
filament was estimated and used to calculate the mechanical energy. Here it is important to
mention that possibly our estimates of the mass density involves a substantial uncertainty,
because as it was mentioned in Chapter 4 the effect of the Doppler brightening was not taken
into account. As claimed by some authors, there is no doubt that the Doppler brightening
effect has a strong influence in the intensity variation of high speed eruptions, especially of

those observed in the far-wing of the Ha line. In a future work, the Doppler brightening
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effect will be considered in our analysis, and the role of it will be discussed in more detail.

5.2 Future Directions

The results presented in this thesis will be useful to constrain the understanding about solar
eruptions and the related phenomena. It could be also of great importance for space weather,
a topic that in the recent years has received a special attention.

In the context of large-scale disturbances in the solar atmosphere, particularly of those
occurring in the chromosphere, in this work we attempted to elucidate quantitatively how
the chromospheric plasma reacts to the global propagating disturbance in the corona. In
a future work it would be interesting to confront our results of the velocity amplitude of
the disturbance in the chromosphere with numerical simulations. Furthermore, when spec-
troscopy observations of coronal wave fronts are available, it will be important to compare
the indirect measures of the coronal wave we obtained from Ha data, e.g., the velocity of
the incident wave in the corona traveling behind the shock wave, and the Mach number of
the incident shock. On the other hand, it is also required to constrain our comprehension
on the response of the local plasma to the coronal wave passage, for example, the variation
of the density, temperature, and especially the plasma flows. Nowadays it is possible thanks
to the multi-temperature AIA data, as in the work we did the differential emission measure
diagnostics could be useful for this.

In relation to space weather, the derived three-dimensional velocity field of the filament
eruptions could be very useful for investigating the initial stage of the CME formation and
its geo-effectiveness. Since the geo-effectiveness of a CME depends primarily on the velocity
and the magnetic orientation of it when impact at the Earth’s magnetosphere, an accurate
estimation of the three-dimensional velocity of the eruption could be very effective for the
diagnostic of the initial phase of the CME, which in turn could be practical for predicting
the CMEs. Statistical works relating the velocity field of filament eruptions to the CMEs
speed and/or geo-effectiveness will be bring more clues about the Earth affecting CMEs. It
is important to mention that the velocity of filament and prominence eruptions are being
better monitored thanks to the SDDI capability, now we are able to measure the line-of-sight

component of the eruptions with high accuracy.
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Appendix A

Mach Number in Terms of the Moreton Wave

Velocity Amplitude

In this Section we present the derivation of Equation (3.5) introduced in Chapter 3. Here we
discuss the 1D Riemann problem in the hydrodynamical regime (Landau & Lifshitz, 1987)
based on the weak-shock approximation. The three-dimensionality and the magnetohydrody-
namic effects are not considered. Figure A.1 shows an illustration of shock interaction before
and after the collision with the contact discontinuity (transition region). In the scheme the
solid thick line represent the variation of the pressure p along the z-axis. Before the col-
lision, the initial pressure distribution in the chromosphere and corona are in equilibrium
(P0 = Peh = Peoy Veh = Veo = 0) and is separated by the contact discontinuity. In our analysis
the coronal shock (incident shock) propagates from right to left, where its downstream re-
gion is characterized by enhanced pressure pl,, = Deoperturbed and velocity v, = Vco perturbed-
Note that in the following we take the direction from the chromosphere to corona as positive
direction, and thus, v., = Veo perturbed < 0. After the collision of the incident shock with the

contact discontinuity, the pressure and the velocity distribution can be divided into three

/

o in the rightmost; and an

regions: p = pg, v = 0 in the leftmost region; p = pl,, v = v
intermediate region characterized with p, and v; (lower panel in Figure A.1).
The Rankine-Hugoniot relations tells us about the jump conditions at the incident i,

transmitted ¢, and reflected r shocks, in which the Mach number of each shock can be

expressed respectively as
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Because pl, can be described with py for a given M; in Equation (A.1), the second equality
of Equation (A.3) determines the dependence of p, on py and M;, and thus, M; and v; can
be also determined as a function of py and M; by Equation (A.2). Particularly, for a weak

shock M? —1 <1 (& :=pl,/po — 1< 1), §, :=ps/po — 1 < 1, then we have

Px D
M2 — 1= 7 + 1) Pco ~ 5* — (57 2o ~ 5*. (A4)

(3 27 ?
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The previous statements lead us to express Equation (A.3) as

oo m 05, — §) + s, (A.5)
’7 Y Y
which is reduced to
2
0 = ——90. A6
* 1 + cch/cco ( )
Furthermore, we can relate the Mach numbers of incident and transmitted shock as
2 2 2
M —1~= (M7 —1), (A.7)

1+ Cch/cco ‘



114

then from Equations in (A.2) we arrive to an expression that relates v; to the Mach number

of transmitted and incident shocks from the corona

1

QCch
1+ Cch/cco .

v+1

4Cch

M2 1)~
(MF - 1)~ -5

(M2 - 1)

(A.8)

’Ut%

It should be noted again that v; is the velocity in the intermediate region, which appears
after the collision between the shock and the contact discontinuity (Figure A.1). In other
words, the contact discontinuity starts to move leftward with the velocity of v, also affecting

the chromosphere, and could be observed as the Doppler shift of the Ha line.

Before collision

incident shock

p (leftward)
P co,perturbed
Den P co,unperturbed
1
1 1
Ven = 0 V' Veo,unperturbed — 0 I Veo,perturbed <0
chromosphere (ch) corona (co) X

transition region TR

After collision

transmitted shock reflected shock
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I1G: |
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Figure A.1: One-dimensional Riemann problem in a hydrodynamical regime of shock interaction
with the corona and chromosphere. In the illustration the transition region represents the contact
discontinuity. The thick solid lines show the variation of the pressure distribution p along the z-axis,
i.e., the change of the pressure in the corona and chromosphere before and after the collision of the
shock with the contact discontinuity.



Appendix B

Alfvén Mach Number from Oblique Shock Jump

Relations

Here we show the solution of Equation (3.6) used in Chapter 3 for deriving the Alfvén Mach

number of the coronal wave. The following notation describes an oblique shock (Priest, 2000):

1 1
(v? — X032 XE + 5@% cos’ (X (y—1)— (y+ 1)} + 5?)12411)% sin? A.X

x{(+ X2 =Nt — Xvq (v +1) - X(y = 1)} =0. (B.1)

Assuming the adiabatic index v = 5/3 and expressing the sound speed as ¢ = (v3/2)v?, the

first and second part of Equation (B.1) can be written as

1 ) 1
g(v% — Xv4))? {iXﬂvzﬂ + v} cos? H(X — 4)} + 50,241?)% sin? 0.X
2
X {%1(5+X)+v3uX(X—4)} =0, (B.2)

and multiplying by 1/ U,241 allows to express it in terms of Alfvén Mach number M 4¢

(vi — Xv%1)? {BBX + 2M3, cos® (X — 4)} + v3,v7 sin® 0.X

x {M3,(5+ X) +2X(X —4)} =0. (B.3)

Finally, after some algebraic procedures we arrive at the following solution
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(M3, — X)? {58X + 2M3, cos 6*(X —4)} + M3, sin 62X

x {M3,(5+ X) +2X(X —4)} =0, (B.4)

which is Equation (3.7) presented in Section 3.5.3. Vrsnak et al. (2002a) also arrived at the
same solution. We used Equation (B.4) to calculate the Alfvén Mach number assuming two
cases, horizontal (f = 0) and perpendicular (# = 90) shock propagation. For the horizontal

case Equation (B.4) is reduced to M4 = v X, while for the perpendicular situation, it is

_ [/X(+X+58
Ma =/ H5E5



